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RÉSUMÉLa perte de masse est introduite dans des modèles évolutifs qui traitent en détaille transport mi
ros
opique induit par la di�usion atomique et les a

élérationsradiatives pour 28 espè
es y in
lus tous les isotopes de la base de données OPAL.Les propriétés physiques des solutions sont analysées en détail. Lorsque l'amplitudede la vitesse adve
tive 
ausée par la perte de masse est plus grande que la vitessede triage dirigée vers le 
entre de l'étoile, le �ux lo
al d'un élément est déterminépar des variations du �ux qui se déroulent profondément dans l'étoile. Par 
ontre,l'abondan
e lo
ale dépend aussi des variations lo
ales des a

élérations radiatives.Dans 
es étoiles, la séparation 
himique 
ausée par la di�usion atomique a�e
te30% du rayon externe de l'étoile.Les modèles sont aussi 
omparés à plusieurs observations d'étoiles AmFm,HAeBe et de Population II dans le but de 
ara
tériser le r�le que pourrait jouerla perte de masse en tant que pro
essus qui inhibe la di�usion atomique dans leszones stables de 
es étoiles. Les anomalies d'abondan
es observées à la surfa
ede 
es étoiles sont reproduites par des modèles évolutifs qui in
luent la di�usionatomique et la perte de masse non-séparée. Les taux de perte de masse 
onsidé-rés ne sont 
ontraints que par les abondan
es en surfa
e puisque leurs amplitudessont probablement trop petites pour être observées dire
tement. Quant aux étoilesAmFm et HAeBe, les observations d'abondan
es sont 
ompatibles ave
 des tauxde perte de masse qui sont au maximum 5 fois plus élevés que le taux de perte demasse solaire, alors que les taux requis pour reproduire les observations d'étoiles dePopulation II sont jusqu'à 50−100 fois plus élevés que le taux solaire. Des taux deperte de masse ≤ 10−14 M⊙yr−1, qui permettent l'apparition d'une zone 
onve
tivedue aux éléments du pi
 du fer, mènent à des abondan
es en surfa
e qui ne sont pas
ompatibles ave
 les observations. Les abondan
es en surfa
e d'étoiles AmFm et dePopulation II sont régies par la séparation 
himique qui se déroule profondément



ivdans l'étoile (log ∆M/M∗ ∼ −5 à −6), alors que la séparation se produit plus prèsde la surfa
e (log ∆M/M∗ ∼ −7) dans les étoiles HAeBe.Par rapport aux modèles ave
 mélange turbulent, la perte de masse mène à unedistribution interne des éléments très di�érente. Le mélange turbulent 
onduit à dessolutions pour lesquelles les abondan
es sont homogènes depuis la surfa
e jusqueprofondément dans l'étoile (solution di�usive), alors que la perte de masse permetla séparation 
himique dès le bas de la zone 
onve
tive de surfa
e (solution adve
-tive). Ce résultat pourrait peut-être permettre à l'astérosismologie de déterminerl'importan
e relative de 
es deux pro
essus dans l'intérieur de 
es étoiles.Mots-
lés : étoiles, évolution, di�usion atomique, abondan
es, pertede masse.



ABSTRACTMass loss has been introdu
ed in a stellar evolution 
ode whi
h takes intoa

ount all the e�e
ts of atomi
 di�usion and radiative a

elerations for the 28spe
ies in
luded in the OPAL opa
ity database. The physi
al properties of thesolutions are analyzed in detail. When the adve
tive velo
ity indu
ed by massloss dominates the inward settling velo
ity, the lo
al �ux for a given element isdetermined by �ux variations whi
h o

ur deep within the star. However, lo
alabundan
es are modulated by lo
al variations in radiative a

elerations. Atomi
di�usion a�e
ts the outer 30% of the stellar radius of these stars.The 
omputed models are also 
ompared to observations of AmFm, HAeBe andPopulation II stars in order to determine to what extent mass loss 
ompetes withatomi
 di�usion in the stable regions of these stars. Mass loss rates are solely
onstrained via surfa
e abundan
es, sin
e the mass loss rate amplitudes are likelytoo small to be observed dire
tly.It is shown that most 
hemi
al anomalies observed at the surfa
e of these stars
an be reprodu
ed by models with unseparated mass loss. While AmFm and HAeBeabundan
e determinations are 
ompatible with mass loss rates whi
h are, at most,5 times larger than the solar mass loss rate, Population II stars require mu
h largerrates (50 to 100 times the solar rate). Mass loss rates (≤ 10−14 M⊙yr−1) whi
hlead to an iron peak 
onve
tion zone are not 
ompatible with surfa
e abundan
eobservations. Surfa
e abundan
es in AmFm and Population II stars are shown to bethe result of 
hemi
al separation o

urring deep within the star (log ∆M/M∗ ∼ −5to −6); however, in HAeBe stars, for whi
h anomalies appear during the pre�main-sequen
e, the separation o

urs nearer the surfa
e (log ∆M/M∗ ∼ −7).With respe
t to turbulent mixing, mass loss leads to very di�erent internalabundan
e distributions. Whereas turbulent mixing homogenizes abundan
es fromthe surfa
e down to depths well within the radiative zone (di�usive solution), mass



viloss allows for 
hemi
al strati�
ation up to the bottom of the surfa
e 
onve
tionzone (adve
tive solution). This 
ould potentially allow for asteroseismi
 tests whi
h
ould elu
idate the relative importan
e of both types of pro
esses in these stars.Keywords: stars, evolution, atomi
 di�usion, abundan
es, mass loss.
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CHAPITRE 1INTRODUCTIONDepuis plus d'un siè
le, nous observons dans le spe
tre de radiation de plusieursétoiles de la séquen
e prin
ipale (MS) des raies atomiques très fortes (ou faibles)par rapport aux raies que nous retrouvons dans le spe
tre d'étoiles de Te� similairedites normales (Maury 1897; Cannon 1901). Cela indique que dans 
es étoiles, leséléments auteurs de 
es raies sont surabondants (ou sousabondants) par rapport àleur abondan
e en surfa
e d'étoiles normales. Ces étoiles sont désignées 
omme 
hi-miquement parti
ulières (CP) et sont subdivisées en plusieurs sous-groupes parmilesquels �gurent les étoiles ApBp, HgMn, AmFm et les étoiles à l'hélium (Pres-ton, 1974). Des étoiles de Population II et des étoiles plus évoluées de la bran
hehorizontale (HB) ont aussi des anomalies reliées à 
elles des étoiles CP.Mais quelle est l'origine de 
es anomalies ? L'analyse d'un é
hantillon importantd'étoiles de Adelman (1973) a permis d'établir qu'il y a vraisemblablement un lienentre l'apparition d'anomalies en surfa
e et la profondeur de la zone 
onve
tivesuper�
ielle (SCZ). Dans les amas ouverts, 
ertaines étoiles 
haudes (types B, A etF 
haudes) montrent des é
arts signi�
atifs d'abondan
es par rapport à la 
ompo-sition quasi-homogène des étoiles froides (types G et F froides). Puisque les étoilesd'amas émanent du même nuage molé
ulaire originel, 
es di�éren
es d'abondan
essemblent 
ausées par un ou plusieurs pro
essus internes qui a�e
tent davantage
ertaines étoiles 
haudes ayant des SCZ moins profondes.Suite aux é
he
s des expli
ations liées à la nu
léosynthèse (Fowler et al. 1965;Bran
azio & Cameron 1967), Mi
haud (1970) o�re la première interprétation satis-faisante des anomalies d'abondan
e observées en surfa
e des étoiles CP. Il suggèreà partir de prin
ipes premiers que la di�usion atomique, régie par la 
ompétitionentre les for
es radiatives et la gravité, permettrait d'expliquer les anomalies en
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0Fig. 1.1 � Con
entration relative de plusieurs espè
es 
himiques dans l'intérieurd'un modèle de 2.5M⊙ ave
 di�usion atomique et perte de masse à 10Myr (gau
he)et à 500Myr (droite). Comme l'é
helle est linéaire par rapport au rayon de l'étoile,nous remarquons que la strati�
ation des éléments a�e
te 25−30% du rayon.surfa
e des étoiles Ap. La migration des éléments dépend de la 
ompétition entrela gravité, g, qui tend à faire migrer les éléments plus lourds que H vers le 
entre del'étoile, et l'a

élération radiative, grad, qui tend à pousser 
ertains éléments versla surfa
e. Étant donné que 
haque élément � ou plus pré
isément, 
haque ion �a une se
tion e�
a
e d'absorption di�érente, 
ha
un réagit di�érement à la radia-tion in
idente ; 
ertains ions sont a

élérés par le �ux radiatif alors que d'autresne le sont pas. Ce
i mène à une strati�
ation radiale des éléments dans les régions
onve
tivement stables (zones radiatives) de l'étoile (voir Fig. 1.1).La di�usion atomique est un pro
essus naturel et fondamental qui agit danstoutes les étoiles. Bien qu'elle soit davantage importante dans les régions où l'éner-gie est transportée par la radiation, elle agit aussi dans les zones 
onve
tivementinstables1. La présen
e ou non des e�ets de la di�usion atomique dépend don
 del'épaisseur des zones radiatives et de la présen
e de pro
essus à grande é
helle quipeuvent inhiber la di�usion ou bien réduire, voire e�a
er, ses e�ets non seulement1Pour un simple argument intuitif qui illustre 
ette 
onstatation, nous pouvons penser à l'in-terfa
e d'une zone radiative et d'une CZ ; puisqu'elle n'est pas étan
he, 
ette �interfa
e� seraitmieux représentée par un gradient que par une dis
ontinuité du 
oe�
ient de transport turbulent.



3à la surfa
e, mais également à l'intérieur de l'étoile. Il est don
 primordial de bien
erner l'importan
e de la di�usion atomique et de 
es pro
essus en 
ompétitionsi nous voulons bien 
omprendre la physique interne des étoiles. D'autre part, lese�ets de la di�usion atomique ne sont pas limités aux abondan
es en surfa
e desétoiles ; 
onnaître ses e�ets peut aussi s'avérer 
ru
ial dans les 
as suivants : éva-luer l'âge des amas globulaires (GC), 
alibrer les modèles d'atmosphères stellaires,suivre l'évolution des zones 
onve
tives, relier la 
omposition d'étoiles du halo àla 
omposition originelle de l'Univers, et
. Bref, pour bien 
omprendre plusieursphénomènes stellaires, il est essentiel de bien 
erner les e�ets la di�usion atomique.1.1 Quelques prin
ipes de la di�usion atomiqueLa dire
tion de la dérive d'un élément sera approximativement déterminée parla résultante entre la for
e gravitationnelle, orientée vers le 
entre de l'étoile, etla for
e due aux a

élérations radiatives, orientée vers la surfa
e. Naturellement,lorsque la gravité domine les a

élérations radiatives, l'élément migre vers l'intérieurde l'étoile alors que dans le 
as 
ontraire, l'élément se dirige vers l'extérieur del'étoile. A�n de déterminer la for
e et la dire
tion de di�usion d'un ion, il estd'abord né
essaire de 
al
uler ave
 exa
titude son a

élération radiative (grad). Enpremière approximation, l'a

élération radiative pour un atome A est donnée par(Ri
her et al. 1998) :
grad(A) =

1

4πr2

Lrad
r

c

κR

XA

∫

∞

0

κu(A)

κu(total)
P(u)du, (1.1)où P(u) est la distribution de �ux normalisé d'un 
orps noir qui s'é
rit :

P(u) ≡
15

4π4

u4eu

(eu − 1)2
. (1.2)



4La luminosité radiative au rayon r est Lrad
r , c est la vitesse de la lumière, XA est lafra
tion de masse de l'élément A, κR est l'opa
ité de Rosseland, κu(total) et κu(A)sont respe
tivement l'opa
ité totale et la 
ontribution de A à l'opa
ité totale à lafréquen
e u dé�nie 
omme étant :

u ≡ hν/kT. (1.3)Tel qu'évaluée, l'Éq. [1.1℄ 
ontient une 
ontribution au grad due à la photoionisation,mais qui doit être 
orrigée pour la partie de la quantité de mouvement qui esttransférée à l'éle
tron éje
té (Gonzalez et al. 1995; LeBlan
 et al. 2000). Nousvoyons que 
ette équation dépend non seulement de l'abondan
e de l'espè
e enquestion, mais aussi de l'abondan
e des autres espè
es � via le terme κu(A)
κu(total)

�puisque les atomes d'autres espè
es 
himiques peuvent être en 
ompétition pour lesmêmes photons. Ce 
al
ul né
essite don
 des données atomiques (pour le 
al
ul desopa
ités) très pré
ises et exhaustives pour plusieurs ions et 
e, à plusieurs énergies.Quelques détails sur l'appro
he numérique utilisée seront abordés dans la Se
t. 2.3.Ayant intégré l'Eq. [1.1℄ nous pouvons ensuite passer au 
al
ul de la vitesse dedi�usion. Dans les modèles évolutifs présentés dans les 
hapitres ultérieurs, 
ettevitesse est obtenue en solutionnant un réseau 
omplexe d'équations (Burgers 1969,voir aussi Pro�tt & Mi
haud 1991). Pour permettre d'interpréter plus fa
ilementles termes importants pour la vitesse de di�usion, nous pouvons 
onsidérer l'ap-proximation suivante, qui donne la vitesse de di�usion de l'ion i de l'élément tra
e
A (Aller & Chapman 1960) :

vD ≈ Dip

[

−
∂ ln ci

∂r
+

Aimp

kT
(grad,i − g) +

Zimpg

2kT
+ kT

∂ ln T

∂r

] (1.4)où Dip est le 
oe�
ient de di�usion de l'ion dans un gaz de protons, c est sa 
on
en-tration, Ai et Zi son nombre atomique et sa 
harge, k la 
onstante de Boltzmann,
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Fig. 1.2 � Illustration de l'intérieur d'une étoile CP. L'abondan
e en surfa
e serarégie par l'abondan
e en-dessous de la SCZ qui, de son 
�té, est déterminée par la
ompétition entre g et grad. Tel que dis
uté plus tard dans le texte, le transport peutêtre a�e
té par d'autres pro
essus à grande é
helle telles la 
ir
ulation méridienneou l'adve
tion due à la perte de masse. Cette �gure fut produite par G. Ale
ian.
T la température lo
ale et kT un 
oe�
ient de di�usion thermique. Notez que lepremier terme de l'équation est relié à la di�usion pure induite par le gradientd'abondan
e, alors que les trois autres sont respe
tivement liés aux e�ets des a

é-lérations radiatives et gravitationnelles, du 
hamp éle
trique et, �nalement, de ladi�usion thermique. Nous pouvons aussi rajouter un terme lié à l'a

rétion, à laperte de masse et/ou à la turbulen
e, 
e qui sera dis
uté dans le Chapitre 2.Pour une espè
e donnée, la détermination des points où 
ette équation s'annulepermet de prédire à quel endroit il y aura a

umulation de l'espè
e. Comme lestemps 
ara
téristiques de di�usion sont beau
oup plus longs que les temps 
ara
-téristiques de 
onve
tion, les abondan
es sont supposées homogènes dans une zone
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onve
tive. Par 
onséquent, l'abondan
e en surfa
e d'un 
ertain élément dépenddes positions relatives des a

umulations/dé�
ien
es lo
ales et du bas de la SCZ(voir Fig. 1.2).1.2 Propriétés des étoiles 
himiquement parti
ulières et apparentéesMaintenant que nous avons exposé les prin
ipes généraux de la di�usion ato-mique, regardons de plus près 
ertaines étoiles dans lesquelles ses e�ets se ma-nifestent. Les étoiles ave
 anomalies d'abondan
es peuplent une grande partie dudiagramme Hertzsprung-Russel (H�R, voir Fig. 1.3). Parmi les étoiles de PopulationI, les étoiles CP les plus froides (Te� ∼ 7000K) se situent là où la masse de la SCZdevient su�samment petite (log ∆MBSCZ/M∗ . −5 sur la MS) pour que les e�etsde la di�usion atomique deviennent assez grands pour être observables en surfa
e.Dès Te� ≥ 10, 000K, l'hydrogène en surfa
e s'ionise et, en l'absen
e de pro
essusde mélange telle la rotation, la SCZ peut disparaître si l'abondan
e d'He diminuesu�samment. Dans 
ette région, la di�usion atomique est très e�
a
e puisque lestemps 
ara
téristiques de di�usion sont très 
ourts.Dans 
ette se
tion, nous aborderons les 
ara
téristiques prin
ipales de quatregroupes d'étoiles : les étoiles CP non magnétiques (Am, HgMn, He�PGa), les étoilesCP magnétiques (ApBp, He�Si et He�SrTi, ri
hes en He), les étoiles de PopulationII et les étoiles bleues de la bran
he horizontale (BHB). Les naines blan
hes (DA,DB, DC et DO) ont quant à elles de très fortes anomalies d'abondan
es 
auséespar l'e�et du triage gravitationnel sur les abondan
es laissées par les réa
tionsnu
léaires lors de l'évolution stellaire. Mais, nous n'en dis
uterons pas davantagedans 
ette thèse.Outre le fait que le bas de la SCZ mélange en surfa
e de la matière arrivantde régions où la di�usion atomique est e�
a
e2, la prin
ipale propriété qui semble2Le temps typique requis pour qu'il y ait des e�ets observables en surfa
e (de l'ordre de 0.1dex) peut varier de 1−1000Myr pour les étoiles de Population I de la MS dont la masse varie de
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Fig. 1.3 � Diagramme H�R des étoiles CP tiré de Vau
lair & Vau
lair (1982).Certaines nomen
latures moins 
ourantes : Be-d (étoiles F dé�
ientes en Be eten Li), He-w (dé�
ientes en He), 3He (dé�
ientes en He, mais ave
 un rapportisotopique 3He/4He élevé) et He-R (ri
hes en He). La ligne ha
hurée à Mbol = −6indique la limite supérieure au-dessus de laquelle les e�ets de la di�usion atomiquesont e�a
és par de la perte de masse très forte. La bande d'instabilité traverse laZAMS (δS
uti) et la ZAHB (RR Lyrae). La ligne ha
hurée à la droite du diagrammeindique la limite inférieure au-delà de laquelle la di�usion atomique devient moinsimportante.lier toutes 
es étoiles est la rotation lente (v sin i . 120 km/s). Selon Abt (2000), larotation serait le seul 
ritère qui détermine si une étoile de type B, A ou F 
haudedeviendra 
himiquement anormale ou non. Lorsque la rotation est lente, le mélangeinduit à l'intérieur de l'étoile ne permettrait pas d'e�a
er les e�ets de la di�usionatomique (Charbonneau & Mi
haud 1991).
∼3 à 1.4M⊙, alors que 10−13Gyr peuvent s'é
ouler avant que les anomalies se matérialisent ensurfa
e des étoiles de Population II.



81.2.1 Les étoiles CP non-magnétiquesLes étoiles AmFm (7000K< Teff < 10 000K, Preston 1974) sont 
ara
tériséespar des surabondan
es d'éléments du pi
 du Fe qui s'élèvent à des fa
teurs 2-3,ainsi que des surabondan
es des terres rares de fa
teurs 5-10 (par rapport auxabondan
es d'étoiles de même Te� dites normales). L'hélium, les éléments légers(LiBeB) et CNO sont généralement sousabondants de fa
teurs 2−3 alors que leCa et le S
 peuvent être sousabondants de fa
teurs allant jusqu'à 10 (Cayrel et al.1991). Ces 
ara
téristiques apparaissent dans une grande majorité sinon l'ensembledes étoiles A et F de la MS ayant de faibles vitesses de rotation (v sin i < 100 km/s,Abt &Morrell 1995). En général, 
es étoiles se retrouvent dans des systèmes binairesà 
ourte période de rotation (plus petite que ∼100 jours, Abt & Levy 1985). SelonAbt (2000), les faibles vitesses de rotation seraient justement expliquées par lesfor
es de marée. Ces étoiles sont parti
ulièrement intéressantes au point de vuethéorique puisqu'elles sont relativement simples à modéliser : rotation faible etau
un 
hamp magnétique observé (Landstreet 1982). À la limite froide des étoilesAmFm, il y a aussi les étoiles F dé�
ientes en Li et Be (identi�ées Be-d dans laFig 1.3), dont l'exemple le plus 
onnu est la brè
he du lithium dans les Hyades(Boesgaard & Tripi

o 1986).Les étoiles HgMn (10 000K< Teff < 15 000K) sont identi�ées par leurs surabon-dan
es de Mn et de Hg qui, selon 
ertaines analyses, peuvent s'élever jusqu'à 4 et6 dex respe
tivement (Takada-Hidai 1991). L'hélium est généralement sousabon-dant alors que les éléments terres rares sont surabondants. Il y a par ailleurs desanomalies isotopiques (White et al. 1976). L'atmosphère de 
es étoiles est su�sam-ment stable pour qu'il y ait séparation 
himique (Hui-Bon-Hoa et al. 2000; Thiamet al. 2010), d'où la di�
ulté de 
onstruire des modèles évolutifs qui 
al
ulent ladi�usion atomique pour toute l'étoile.Les étoiles dé�
ientes en He (He-w) de type He�PGa (14 000K< Teff < 20 000K,



9Norris 1971) sont marquées par de fortes surabondan
es de P et de Ga de 2 et 5 dexrespe
tivement, ainsi que de fortes sousabondan
es de He (jusqu'à un fa
teur 15).Ces étoiles semblent aussi avoir une atmosphère radialement séparée (Sigut et al.2000).1.2.2 Les étoiles CP magnétiquesLes étoiles ApBp (7000K< Teff < 15 000K) ont de forts 
hamps magnétiques(jusqu'à 10 kG, Bab
o
k 1958) ayant des géométries souvent 
omplexes (Landstreetet al. 1989). Elles sont 
ara
térisées par des sousabondan
es de He et d'énormessurabondan
es des terres rares (jusqu'à 5 dex). À l'intérieur de 
e groupe, il y aaussi deux sous-ensembles (voir Ryab
hikova 1991; Cowley 1993) : les étoiles Ap�Si(10 000K< Teff < 15 000K) ayant de fortes surabondan
es de Si (jusqu'à un fa
teur100) et les étoiles Ap�SrCrEu (7000K< Teff < 10 000K) pour lesquelles le Si est10 fois moins surabondant. Plusieurs observations suggèrent qu'il y a strati�
ationdans l'atmosphère de 
es étoiles (Babel 1994; Wade et al. 2001). Par ailleurs, le
hamp magnétique a�e
te 
ertainement le transport (Ale
ian et al. 2007), d'où laprésen
e de fortes ta
hes d'abondan
es en surfa
e (Ko
hukhov & Wade 2010). Onquestionne à la fois l'origine du 
hamp magnétique dans 
es étoiles, ainsi que lemé
anisme via lequel la rotation diminue (
ontrairement aux Am, il y a une fra
tionimportante des Ap qui ne sont pas binaires). L'observation de fortes anomaliesd'abondan
e en surfa
e d'étoiles HAeBe, les analogues PMS des ApBp, pourraito�rir des éléments de réponse et sera dis
uté dans le Chapitre 3.Tout 
omme les étoiles He�Si et He�SrTi (14 000K< Teff < 20 000K, Norris1971), qui ont de fortes sousabondan
es de He a

ompagnées de surabondan
es deSi et de SrTi, les étoiles enri
hies en He (He-R) sont aussi magnétiques (20 000K<

Teff < 25 000K). Ces dernières sont marquées par un rapport X(He)/X(H) qui varieentre 0.3 et 10.



101.2.3 Étoiles de la bran
he horizontaleLes étoiles de la bran
he horizontale (HB) plus 
haudes que Te� ∼ 11 000Kont de fortes anomalies d'abondan
es in
luant des surabondan
es d'un fa
teur 10-3000 des éléments du pi
 du fer, ainsi que de fortes sousabondan
es de He (Behr,2003). Cette température marque aussi la transition entre les étoiles qui tournentrapidement et 
elles qui tournent plus lentement (Grundahl et al. 1999), 
e qui lesrelie aux étoiles CP dis
utées dans les se
tions pré
édentes. Ré
emment, Khala
ket al. (2007, 2008) ont déterminé que l'atmosphère de plusieurs étoiles BHB serait
himiquement strati�ée. Les étoiles sdB, les analogues du 
hamp des BHB, ontaussi des anomalies d'abondan
es importantes en surfa
e (Heber 2009), bien qu'ily ait plus d'in
ertitude puisque nous ne 
onnaissons pas leurs abondan
es initialesou leur passé évolutif.1.2.4 Étoiles de Population IIContrairement aux étoiles CP, les étoiles de Population II toujours présentesdans notre galaxie ont des SCZ relativement profondes (log ∆M/M∗ & −4.5). Par
ontre, puisque leur évolution sur la MS est plus longue (10�13Gyr), la sépara-tion 
himique qui se déroule sous la SCZ a le temps de se développer. Le béné�
eprin
ipal d'étudier 
es étoiles vieilles est de faire le lien ave
 l'abondan
e primor-diale de lithium. D'autant plus que la pré
ision des nouvelles mesures du CMB(Cosmic Microwave Background) a renouvelé l'intérêt pour l'étude de 
es vieillesétoiles. L'analyse des observations de WMAP de l'anisotropie du rayonnement fos-sile a d'ailleurs 
ontraint l'abondan
e primordiale du Li à A(7Li) = 2.65 ± 0.05(Cyburt et al. 2003; Steigman 2007). Par 
ontre, Cyburt et al. (2008) ont ré
em-ment révisé 
ette valeur à la hausse en suggérant une abondan
e primordiale de
A(7Li) = 2.72 ± 0.05.Le problème, 
'est que l'abondan
e moyenne du Li observée dans les vieilles



11étoiles de faible métalli
ité du halo gala
tique (5500 ≤ Te� ≤ 6200K,[Fe/H℄≤−1.5) est 3 fois plus petite que 
ette valeur (Ryan et al. 1999). De plus,
ette abondan
e moyenne semble indépendante de la Te� (Fig. 1.4). Ce phénomène,
ommunément appelé le plateau Spite, pose une 
ontrainte importante à la solutionproposée.

Fig. 1.4 � Figure de Spite & Spite (1982) montrant le plateau du 7Li pour lesétoiles naines du halo gala
tique.Le problème serait, potentiellement, davantage 
ompliqué si les résultats deAsplund et al. (2006) étaient 
on�rmés. Ces derniers 
roient avoir déterminé uneabondan
e inattendue de 6Li dans 24 naines du halo � bien que 
es observationspoussent les limites de la signi�
ation d'une déte
tion (majoritairement à 2σ oumoins). Néanmoins, plusieurs résultats 
on
ordent bien ave
 les déte
tions préa-lables (Smith et al. 1998; Cayrel et al. 1999; Nissen et al. 2000) et ils suggèrentmême la présen
e d'un plateau similaire à 
elui du 7Li (voir Fig. 1.5). Contrairementau 
as de l'isotope plus lourd, le plateau de 6Li indique une abondan
e nettementplus élevée � quelques ordres de grandeur � que 10−5, soit la valeur primordialeprédite par les modèles de nu
léosynthèse du Big Bang. Malheureusement, la syn-thèse du 6Li via les réa
tions de spallation par des rayons 
osmiques et les réa
tionsde fusion α+α dans le milieu interstellaire du jeune Univers ne sont pas su�santes
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Fig. 1.5 � Ratio 6Li/7Li dérivé par Asplund et al. (2006) par rapport à Te� (en haut)et [Fe/H℄ (en bas). Les déte
tions à un niveau supérieur à 2σ sont représentées pardes 
er
les remplis et les non-déte
tions par des 
er
les ouverts.pour expliquer 
et é
art (voir Asplund et al. 2006). L'origine du 6Li demeure don
in
onnue, et sa présen
e en surfa
e des étoiles de Population II apporterait une
ontrainte importante sur les solutions envisagées pour expliquer l'abondan
e du
7Li, puisque la se
tion e�
a
e de destru
tion par réa
tions thermonu
léaires du
6Li est 60 fois plus grande que 
elle du 7Li. Par 
onséquent, les s
énarios proposésdoivent peu mélanger la surfa
e aux régions 
haudes de l'enveloppe où le Li est dé-



13truit (
e qui diluerait 
onsidérablement la quantité de 6Li déte
tée en surfa
e). Celaétant dit, 
es observations de 6Li sont très in
ertaines, voire même 
omplètementremises en question (Cayrel et al. 2007).1.2.5 Les étoiles CP des amas et du 
hamp : des observations auxmodèlesLa 
onfrontation des observations aux prédi
tions des modèles évolutifs n'estpas triviale. Il faut d'ailleurs 
onnaître plusieurs paramètres tels la masse et la
omposition 
himique initiale avant de pouvoir faire la 
omparaison. Or, la déter-mination de l'âge, de la masse et de la 
omposition 
himique est parfois di�
ile. Engénéral, l'âge d'une étoile est déterminée à partir de sa position dans le diagrammeH�R.Les étoiles d'amas sont idéales puisque même si nous ne 
onnaissons pas trèsbien la distan
e de l'amas, nous pouvons tout de même 
onstruire un diagramme H�R à partir du �ux de plusieurs 
entaines d'étoiles, permettant ainsi de déterminerleur âge à partir des étoiles dans lesquels l'hydrogène vient de s'épuiser dans le
oeur (les étoiles du turno� ). Cela nous donne aussi une bonne idée de la massedes étoiles. Finalement, nous pouvons déterminer leur 
omposition 
himique initialeà partir des étoiles de type G de l'amas (voir aussi Se
t. 2.7)3.Quant aux étoiles multiples, les modulations du spe
tre de lumière intégré re-liées à la rotation de systèmes binaires nous donnent des informations sur la masseindividuelle des deux objets et parfois même leur masse exa
te (voir Chapitre 7,Carroll & Ostlie 1996). Aussi, puisque les étoiles de systèmes multiples ont, habi-tuellement, le même âge et la même 
omposition initiale, la 
omparaison de leur
omposition 
himique peut donner des informations sur les pro
essus internes (voirSe
ts. 2.7.1 et 3.4). Par ailleurs, la masse peut être bien 
ontrainte à partir des3Cela n'est toutefois pas le 
as pour tous les éléments. Pour LiBeB, la destru
tion nu
léaireest plus grande dans les étoiles G froides que dans les étoiles F et A.



14e�ets de la rotation autour du 
entre de masse sur le spe
tre de lumière intégré,tel le 
as de Sirius A et oLeonis.Le grand avantage des étoiles du 
hamp est qu'il en existe habituellement debien plus brillantes que les étoiles semblables d'amas, 
e qui permet d'obtenir desobservations plus pré
ises. Par 
ontre, les étoiles individuelles du 
hamp ne sont pasidéales puisque nous ne 
onnaissons ni l'âge, ni les abondan
es initiales4. Malgré
ela, pour le lithium dans les étoiles à faible métalli
ité, dont l'abondan
e initialene dépend pas de l'abondan
e des autres métaux, mais plut�t de la produ
tion duBig Bang, des observations de bonne qualité telles 
elles d'étoiles du halo gala
tiquesont tout de même 
ontraignantes (voir Se
t. 4.1). Par ailleurs, pour 
et élément� ainsi que tout autre élément peu abondant � l'abondan
e est trop petite pour
onduire à des e�ets de saturation dans les raies ; la 
onnaissan
e de l'abondan
einitiale n'est don
 pas importante pour le 
al
ul de la di�usion atomique (i.e. lanon-linéarité du problème est réduite) et l'abondan
e initiale peut être ajustée sanstrop a�e
ter la solution. Cela n'est toutefois pas l'idéal puisque nous ne 
onnaissonspas très bien les abondan
es initiales des autres éléments, tels Fe et He, qui peuvent
onduire à des e�ets évolutifs qui, à leur tour, a�e
tent l'abondan
e en surfa
e duLi.1.3 Quelques modèles d'étoiles CPTel qu'expliqué préalablement, la séparation 
himique via la di�usion atomiquejoue un r�le déterminant dans l'expli
ation du phénomène CP. Néanmoins, pour lesAmFm et les étoiles de Population II en parti
ulier, les modèles qui n'in
luent que ladi�usion atomique mènent à des anomalies d'abondan
es en surfa
e qui surpassent,parfois 
onsidérablement, les anomalies observées (voir Tur
otte et al. 1998a pourles AmFm et Ri
hard et al. 2002b pour les étoiles de Population II). Il s'ensuit alors4Parfois, le voisinage d'une étoile peut nous donner une idée de la 
omposition initiale (e.g. levoisinage solaire).



15qu'au moins un pro
essus ma
ros
opique à grande é
helle réduit les e�ets de laséparation 
himique. Les pro
essus 
onsidérés in
luent la rotation � qui peut êtremodélisée sous forme de 
ir
ulation méridienne en 2 ou 3D (Tassoul & Tassoul 1982;Charbonneau & Mi
haud 1988, 1991; Théado & Vau
lair 2003; Quievy et al. 2009)ou d'une di�usion turbulente en 1D (Pinsonneault et al. 1989; Zahn 1992; Talon &Charbonnel 1998; Pala
ios et al. 2003; Talon et al. 2006)� l'a

rétion (Tur
otte &Charbonneau 1993), les ondes de gravité (Talon & Charbonnel 2003, 2004, 2005;Charbonnel & Talon 2005) et la perte de masse (voir pro
haines se
tions).Les modèles ave
 turbulen
e du groupe de Montréal permettent d'expliquernon seulement les étoiles AmFm (Ri
her et al. 2000; Ri
hard et al. 2001), maisaussi les étoiles de Population II (Ri
hard et al. 2002a,b, 2005) et les étoiles BHB(Mi
haud et al. 2007, 2008). Or, à l'aide d'un seul paramètre e�e
tif pour 
haquetype d'étoile, 
e modèle ave
 di�usion atomique explique des étoiles un peu partoutdans le diagramme H�R. L'origine de 
e mélange turbulent n'est pas spé
i�é bienqu'il pourrait, par exemple, s'apparenter aux e�ets de la rotation ou des ondes degravité (voir Talon et al. 2006).Jusqu'à présent, les modèles d'étoiles CP ave
 perte de masse se sont surtoutlimités à des 
as statiques ou bien à des 
as où les e�ets des a

élérations radia-tives n'étaient pas 
onsidérés. Puisqu'il s'agit du prin
ipal intérêt de 
e projet dere
her
he, regardons de plus près les modèles ave
 perte de masse d'étoiles AmFmet de Population II.1.3.1 Modèles AmFm ave
 perte de massePour une étoile de masse M∗, la 
onservation de la masse implique que l'e�etnet d'une perte de masse Ṁ ayant une symétrie sphérique est l'introdu
tion d'unterme adve
tif vw dirigé radialement vers l'extérieur, de la forme :
vw(r) = −

Ṁ

4πr2ρ

mr

M∗

(1.5)



16où ρ est la densité lo
ale du plasma et mr est la masse à l'intérieur de la 
oquillesphérique de rayon r. Un élément tra
e qui di�use en présen
e de perte de massedoit don
 satisfaire l'équation de 
onservation :
NH

∂c

∂t
= −∇ · [cNH(vw + vD)] (1.6)où NH est la somme des densités de protons et d'hydrogène neutre, c est l'abondan
epar rapport à l'abondan
e de nu
léons et vD est la vitesse de di�usion (obtenue ensolutionnant les équations de Burgers). À partir de 
ette équation, nous 
onstatonsque l'e�et de la perte de masse sur les abondan
es dépend de la relation entre vDet vw.Pour les éléments qui di�usent naturellement vers l'intérieur (grad < g), l'abon-dan
e en surfa
e sera déterminée par la relation entre la vitesse de triage (ou desettling) vsett et vw. Puisque vsett varie 
omme ρ−1T 1.5 (dépendan
e thermique du
oe�
ient de di�usion) et que la vitesse du vent varie 
omme ρ−1, le rapport vsett/vwaugmente vers l'intérieur de l'étoile. Ainsi, plus la perte de masse est importante,plus le point où vsett = vw est profond dans l'étoile. Il s'ensuit alors que l'augmen-tation du taux de perte de masse mène à une diminution des anomalies 
ausées parle triage gravitationnel puisque vsett devient plus faible à mesure que l'on s'enfon
edans l'étoile.Pour les éléments naturellement supportés par le �ux radiatif (grad > g jus-qu'à la base de la SCZ), la perte de masse expulsera par la surfa
e de l'étoile leséléments a

umulés dans la SCZ, réduisant ainsi les surabondan
es. Pour illustrer
e mé
anisme d'éva
uation des surabondan
es, prenons un modèle analytique trèssimpli�é qui 
onsidère l'abondan
e dans la zone 
onve
tive d'un élément qui s'ya

umule. Pour simpli�er, nous supposons que la 
onve
tion s'étend jusqu'en sur-fa
e et que la masse éva
uée a la même 
omposition que la SCZ. Par 
onséquent,



17lorsque l'équilibre est atteint, la 
onservation de la masse permet d'é
rire :
XSCZ ρSCZ vw,SCZ = XBSCZ ρBSCZ(vD,BSCZ + vw ,BSCZ) (1.7)où XSCZ est la fra
tion de masse dans la SCZ, XBSCZ est la fra
tion de masseimmédiatement en dessous (au bas) de la SCZ et ρ est la densité. Alors si nous
omparons des modèles ave
 des taux de perte de masse di�érents, mais ayant les
onditions initiales identiques (i.e. densité, abondan
es et vitesse de di�usion), lasolution pour XSCZ se réduit à étudier le 
omportement d'une simple fon
tion de laforme (1+x)/x ; plus grande est la vitesse du vent plus petites seront les anomalies.Évidemment, il s'agit d'un 
as limite qui suppose l'équilibre, mais l'essentiel est de
omprendre que l'augmentation de la perte de masse diminue les surabondan
es ensurfa
e. Le tout sera expliqué davantage dans les 
hapitres ultérieurs.Plusieurs modèles statiques ave
 perte de masse ont exploré ses e�ets pourun nombre restreint d'espè
es (Mi
haud et al., 1983; Mi
haud & Charland, 1986;Ale
ian, 1996; LeBlan
 & Ale
ian, 2008). Mi
haud et al. (1983) a montré qu'uneperte de masse de Ṁ = 10−15 M⊙yr−1 permet de réduire les surabondan
es préditespar un modèle de di�usion atomique pure de fa
teurs 103 − 104 à des fa
teursd'environ 30 et qu'un taux de perte de masse Ṁ = 10−13 M⊙yr−1 diminue troples surabondan
es par rapport aux niveaux observés (voir Fig. 1.6). Par ailleurs,les sousabondan
es de Ca sont réduites à des niveaux 
onformes aux observationsà partir d'un taux de perte de masse de 2 × 10−14 M⊙yr−1, 
e qui 
on
orde ave
les résultats de Ale
ian (1996). Cependant, 
es modèles d'enveloppe statiques netiennent pas 
ompte des e�ets de la di�usion atomique sur la stru
ture et on yutilise des formules approximatives pour 
al
uler les a

élérations radiatives aubas de la SCZ.D'autres modèles ave
 perte de masse ont aussi été etudiés pour expliquer lesabondan
es de lithium dans les Hyades. S
hramm et al. (1990) ont avan
é que des
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Fig. 1.6 � La variation temporelle des abondan
es en surfa
e d'étoiles Am 
al
uléepour di�érents taux de perte de masse. L'abondan
e c0 est l'abondan
e initiale del'étoile. (Mi
haud et al. 1983)taux de perte de masse ∼ 10−10 M⊙yr−1 � plus de 1000 fois supérieur au taux deperte de masse solaire � générés par les pulsations dans la bande de variabilité
δS
uti pourraient expliquer la brè
he du lithium (les étoiles ayant une Te� ≥ 6300Kdans la Fig. 1.7). Cependant, Swenson & Faulkner (1992) ont démontré que desmodèles ave
 
es mêmes taux de perte de masse, et sans di�usion atomique, nepouvaient pas reproduire les étoiles G des Hyades (Fig. 1.7). Ni l'un ni l'autre de
es deux modèles ne traite les e�ets de la di�usion atomique.
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Fig. 1.7 � Les symboles pleins représentent des modèles sans perte de masse alorsque les symboles vides représentent des modèles ave
 perte de masse. Les lignes
ontinues lient les modèles de même masse (1.2, 1.1, 1.05, 1.0 et 0.9M⊙ de gau
heà droite) alors que les lignes pointillées lient des modèles ayant la même perte demasse (1, 2 et 4×10−10 M⊙yr−1 du haut vers le bas). Pour expliquer les observations,toutes les étoiles G des Hyades auraient eu une masse initiale similaire (∼ 1.08M⊙)tout en ayant des taux de perte de masse di�érents, 
e qui est peu probable. La�gure est tirée de Swenson & Faulkner (1992).Il est don
 
lair que des modèles plus détaillés sont né
essaires pour mieux
omprendre les e�ets de la perte de masse. En e�et, les abondan
es en surfa
e dé-pendent d'un réseau 
ompliqué d'équations de transport des éléments qui tout ensubissant les e�ets d'une stru
ture en évolution doit en tout temps obéir aux lois de
onservation. De plus, les a

élérations radiatives et, par 
onséquent, la di�usionatomique varient non-linéairement ave
 les abondan
es. En somme, le problème de-vient des plus 
omplexe et requiert une quantité importante de données atomiquespré
ises (for
es d'os
illateurs et niveaux d'énergie de tous les états d'ionisation).Ce genre de modélisation détaillée est maintenant possible grâ
e aux banquesde données atomiques OPACITY (Seaton et al. 1994) et OPAL (Iglesias & Rogers1996) qui fournissent des données pour plusieurs éléments à de très hautes énergies.Dans le Chapitre 2, 
e type de modèle sera présenté et 
omparé aux observations



20ré
entes d'étoiles AmFm. Dans le Chapitre 3, 
es mêmes modèles, sans 
hampmagnétique, seront 
omparés aux observations d'étoiles binaires HAeBe. Bien qu'ilexiste des modèles simples explorant l'intera
tion entre le 
hamp magnétique et laperte de masse (Babel 1994, 1995; Théado et al. 2005), aller plus loin exigerait desmodèles impliquant plusieurs paramètres. Pour s'assurer de bien 
erner les e�etsliés à la perte de masse, nous nous limiterons au 
as sans 
hamp magnétique.1.3.2 Modèles d'étoiles de Population II ave
 perte de massePuisque la perte de masse permettrait d'expliquer le phénomène AmFm dans lesétoiles de Population I, il est raisonnable de penser qu'elle puisse également agir ensurfa
e des étoiles de Population II. Le seul modèle de Population II ayant 
onsidéréles e�ets de la perte de masse est 
elui de Vau
lair & Charbonnel (1995). L'un desavantages de la perte de masse est qu'elle ne lie pas né
essairement la surfa
e àla région où il y a brûlage du lithium. D'ailleurs, selon leurs 
al
uls, les e�ets dela destru
tion du lithium n'apparaissent en surfa
e que pour des taux de pertede masse ≥ 10−12 M⊙yr−1. Des taux de perte de masse entre 10−12 M⊙yr−1 et 3 ×

10−13 M⊙yr−1 permettent de réduire les e�ets de la di�usion atomique su�sammentpour reproduire l'invariabilité observée du lithium dans le plateau de Spite (voirFig. 1.8). La légère dispersion des valeurs de Li à l'intérieur du plateau serait quantà elle expliquée par de petites di�éren
es intrinsèques des taux de perte de masseentre étoiles. Les auteurs trouvent par 
ontre que l'abondan
e primordiale du Liserait de A(7Li) = 2.5 ± 0.10, 
e qui est en
ore 0.15 dex en deçà de l'abondan
eobtenue par WMAP. Il serait don
 intéressant de reprendre 
es 
al
uls ave
 desmodèles évolutifs plus 
omplets, notamment au niveau des for
es radiatives. Cesera justement l'objet du Chapitre 4.
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Fig. 1.8 � L'abondan
e de lithium par rapport à la Te�. La ligne pointillée montrel'évolution d'un modèle sans perte de masse alors que la ligne 
ontinue et la ligne
assée représentent des modèles ayant de taux de perte de masse de 10−12 M⊙yr−1 et
10−12.5 M⊙yr−1 respe
tivement. Les prédi
tions sont montrées pour deux âges. Lesobservations sont montrés pour plusieurs métalli
ités identi�ées par des symbolesdi�érents. Les (+) représentent des limites supérieures et les (×) représentent desbinaires.1.3.3 Modèles d'étoiles ri
hes en He et roAp ave
 perte de masseVau
lair (1975) suggère que le triage gravitationnel de l'hélium 
ouplé à uneperte de masse de l'ordre de 10−12 M⊙yr−1 permettrait d'expliquer l'enri
hissementd'He en surfa
e de 
ertaines étoiles magnétiques B (He-R dans la Fig. 1.3). Le �uxinterne dû à la perte de masse permettrait de traîner l'hélium ionisé jusque dansdes régions super�
ielles où il est neutre. Il ne s'é
happerait pas de l'étoile puisqueles 
ollisions (qui provoquent l'entraînement) sont 50 fois moins e�
a
es lorsquel'hélium est neutre.Les observations de Kurtz (1982), menant à la dé
ouverte des étoiles roAp(rapidly os
illating Ap), ont permis de 
ontraindre davantage 
e modèle dans la



22mesure où les roAp seraient les analogues plus froides des étoiles B enri
hies enhélium ; le réservoir d'hélium neutre 
ausé par la perte de masse serait simplementtrop profond pour l'observation dire
te, bien qu'il serait tout de même à l'origine despulsations. Vau
lair et al. (1991) et Balmforth et al. (2001) ont avan
é des modèlessimilaires, où l'intera
tion entre le 
hamp magnétique fort et la perte de masseexpliquerait les inhomogénéités importantes de l'abondan
e d'hélium super�
ielleentre les p�les (sousabondant de fa
teurs ∼ 2−3) et l'équateur (à peu près normal).Les taux de perte de masse impliqués seraient à peu près 10 fois supérieurs autaux de perte de masse solaire. Dans 
es 
al
uls, seule la di�usion de l'hélium est
onsidérée.En utilisant l'émission en X de l'étoile IQAur (A0p) 
omme 
ontrainte, les mo-dèles de vent de Babel & Montmerle (1997) suggèrent que 
ette étoile A 
haudedevait avoir un taux de perte de masse de l'ordre de 5 × 10−11 M⊙yr−1 qui seraitgénéré par le �ux radiatif et qui, en plus, serait 
on�né par le fort 
hamp magné-tique. Townsend & Owo
ki (2005) ont élaboré un modèle de vent radiatif similairepour 
e même type d'étoiles. Ce modèle, dans lequel le matériel eje
té est 
on�népar le 
hamp magnétique et est 
onséquemment pris dans un puits de potentiel enrotation rigide autour de l'étoile, permettrait d'expliquer les phases rotationnellesdes 
ourbes de lumière des étoiles Bp 
haudes telles σOri E.Ré
emment, Unglaub (2008) s'est intéressé aux vents en surfa
e d'étoiles sdBet des naines blan
hes 
haudes.1.4 Les pro
essus d'a

élérations de la perte de massePour bien interpréter les résultats des modèles ave
 perte de masse, il faudraitd'abord arriver à 
onnaître la nature des vents que nous tentons de modéliser.Malheureusement, les étoiles A et F se situent dans une région du diagramme H�Rpour laquelle la perte de masse n'est pas bien 
omprise. C'est aussi le 
as pour les



23étoiles de Population II qui ont des Te� 
omparables aux étoiles F froides. Bref, lesétoiles pour lesquelles la séparation 
himique peut jouer le plus se retrouvent entredeux groupes pour lesquels les pro
essus d'a

élération des vents sont probablementidenti�és. Plus pré
isément, les observateurs et les théori
iens s'entendent pour direque les étoiles 
haudes (O et B) ont des vents a

élérés par la pression de radiationet que les étoiles plus froides (G et K) ont des vents a

élérés thermiquement. Ilreste don
 quelques questions : Est-
e que les vents en surfa
e d'étoiles A et F (etde Population II) sont a

élérés par les mêmes pro
essus ? Si oui, où exa
tement,en terme de la Te�, se trouve la délimitation entre vents radiatifs et thermiques ? Sinon, quel est le pro
essus responsable ? Les se
tions qui suivent tenteront d'évaluerl'état de 
es interrogations. Nous aborderons en parti
ulier les 
ara
téristiques desvents radiatifs et des vents thermiques (aussi désignés vents 
oronaux) pour ensuitefaire le pont ave
 les observations.1.4.1 Vents radiatifsLa théorie des vents a

élérés par la radiation remonte à Castor et al. (1975).Cette théorie, dénommée CAK, est axée sur le fait que les étoiles 
haudes émettentmajoritairement dans l'ultraviolet, là où les 
ou
hes externes des étoiles possèdenténormément de raies. Or, l'absorption via les raies est signi�
ativement plus impor-tante que l'absorption dans le 
ontinu. Par exemple, l'opa
ité de la raie de résonan
edu C IV est 106 fois plus grande que l'opa
ité due à la di�usion (scattering) deséle
trons (Lamers & Cassinelli 1999). Mais, l'e�et Doppler joue aussi un role im-portant dans la génération de vents stellaires radiatifs. Sans lui, la radiation émisepar la photosphère serait vite atténuée par les raies très opaques du bas de l'at-mosphère. D'ailleurs, le �ux radiatif dans la photosphère, réduit aux fréquen
es derésonan
e au repos des raies fortes, ne serait pas su�sant pour 
ontrer le potentielgravitationnel.En e�et, lorsque les 
ou
hes au-dessus de la photosphère sont en expansion,



24les ions dans 
es 
ou
hes voient la radiation émanant de la photosphère 
ommeétant dé
alée vers le rouge et, pour une raie donnée, absorbent des photons plusénergétiques � qui ne sont pas atténués par les raies des 
ou
hes statiques sous-ja
entes. Dans le 
as simpli�é d'une raie parfaitement opaque 
entrée à ν0, tousles photons ayant une fréquen
e entre ν0 et ν0(1 + v∞/c) seraient absorbés (voirFig. 1.9), où v∞ est la vitesse terminale du vent. Puisque pour les étoiles 
haudes le

Fig. 1.9 � Cette �gure illustre l'absorption de photons par une seule raie se dépla-çant à la vitesse du vent. La zone grise montre la largeur de la raie (élargissementthermique). Les photons plus énergétiques que la raie au repos peuvent voyager li-brement jusqu'à 
e qu'ils soient su�samment dé
alés pour être absorbés. La �gureest tirée de Owo
ki & Murdin (2000).pi
 du spe
tre de 
orps noir se produit dans l'UV, là où se trouvent plusieurs raiesmétalliques fortes, une quantité très importante de �ux est absorbée ; la quantitéde mouvement transférée par les photons vers les ions est don
 su�sante pourexpulser 
es derniers de l'étoile. Ainsi, nous 
onstatons pourquoi 
e mé
anisme estsi e�
a
e en tant que générateur de vents stellaires dans les étoiles 
haudes.Dans le modèle CAK, le transfert de quantité de mouvement ne se limite pasaux ions absorbants. En e�et, le ralentissement via le 
ouplage de Coulomb assurele partage de la quantité de mouvement entre les ions lourds et les prin
ipaux
onstituants du vent : les protons, les éle
trons et les ions de He. Ce 
ouplage est



25simplement lié à l'intera
tion 
oulombienne entre parti
ules 
hargées. Ce pro
essusmène à des vents non-séparés �ayant les mêmes abondan
es que la photosphère� voyageant uniformément. Une 
ondition importante pour que le 
ouplage deCoulomb soit e�
a
e est que le temps 
ara
téristique de ralentissement ts soitinférieur au temps né
essaire pour que les ions absorbants atteignent une vitesseimportante par rapport au milieu ambiant. Le temps td est dé�ni 
omme étant letemps requis pour que l'a

élération radiative entraîne l'ion à une vitesse égale àla vitesse thermique vth des parti
ules ambiantes :
td =

vth

gi

(1.8)où gi est l'a

élération de l'ion absorbant. La 
ondition ts < td est satisfaite pourles étoiles O et B pré
o
es. Cependant pour les étoiles plus froides telles les étoilesA, 
e n'est pas né
essairement le 
as. D'ailleurs, Babel (1995) montre que le venten surfa
e d'une étoile A de Te� = 10 000K serait 
omplètement séparé puisque le
ouplage de Coulomb ne serait pas su�samment e�
a
e pour entraîner les espè
esles plus abondantes (H et He en parti
ulier). Selon ses 
al
uls, puisque :
gtot

rad,max < g < gZ
rad,max (1.9)où gtot

rad,max est l'a

élération radiative maximale sur tous les éléments à la fois, alorsque gZ
rad,max est la valeur maximale pour un élément donné Z, 
ertains métaux sontexpulsés par une pression radiative supérieure à la gravité, bien que l'a

élérationradiative intégrée ne permet pas de 
ontrer la gravité pour l'ensemble des espè
es.Nous reprendrons 
ette dis
ussion dans la Se
t. 2.4.2.Les observations de 
e type de vent donnent les valeurs typiques : 1000 ≤ v∞ ≤

3000 km/s et 10−8 ≤ Ṁ ≤ 10−4 M⊙yr−1, où la perte de masse la plus forte estasso
iée aux étoiles Wolf-Rayet (Lamers & Cassinelli 1999).



261.4.2 Vents 
oronauxUn vent 
oronal est a

éléré par la pression thermique dans le gaz extrême-ment 
haud (106 K) de la 
ouronne (Parker 1958). Évidemment, la présen
e d'une
ouronne est essentielle au fon
tionnement de 
e mé
anisme. Les grandes tempé-ratures retrouvées dans la 
ouronne sont engendrées par la dissipation d'énergiemé
anique ou la re
onne
tion de lignes magnétiques émanant de la zone 
onve
tived'étoiles non-dégénérées d'environ 6500K et moins. La signature par ex
ellen
e duré
hau�ement de la 
ouronne est l'émission en X. Bien que des rayons X émanantde plusieurs étoiles froides (F et G par exemple) ont été observés, un seul taux deperte de masse de 
e type a été mesuré, soit le taux solaire (∼ 2 × 10−14 M⊙yr−1,Feldman et al. 1977) � 
e qui est nettement inférieur aux taux mesurés asso
iésaux vents radiatifs.Puisqu'on observe des 
hromosphères en surfa
e d'étoiles de type A7 (Ne� &Simon 2008), il n'est pas in
on
evable que des étoiles de type A n'ayant que depetites SCZ puissent générer des vents de types 
oronaux.1.5 Te
hniques observationnelles dire
tesPourquoi les mesures dire
tes de perte de masse reliée aux étoiles de typesA et F et de Population II sont-elles quasi-inexistantes ? Cela ne re�ète pas unmanque d'intérêt de la part des observateurs, mais démontre plut�t les di�
ultésren
ontrées lors de la déte
tion de 
es vents qui, selon les modèles théoriques,seraient relativement faibles et presque impossibles à mesurer. Néanmoins, il existeplusieurs méthodes aptes à identi�er la présen
e de vents stellaires.Les méthodes par lesquelles on mesure des vents stellaires varient beau
oupselon la nature du vent. Certaines reposent sur la mesure d'asymétries dans lesraies spe
trales, alors que d'autres s'atta
hent au �ux du 
ontinu. Les raies forméesdans le vent sont dis
ernables par rapport aux raies émanant de la photosphère



27en raison du dé
alage Doppler provoqué par le mouvement adve
tif du gaz dansle vent. Cependant, 
ette identi�
ation n'est pas toujours évidente étant donné lamyriade de fa
teurs qui peuvent a�e
ter 
es raies (e�et Stark, mouvements tur-bulents, absorption/émission dans la photosphère, et
). Les raies du vent peuventapparaître en absorption, en émission ou parfois dans une 
ombinaison des deux.Voi
i quelques méthodes qui pourraient permettre de mesurer les vents en surfa
ed'étoiles A, F et de Population II.1.5.1 Asymétries dans les raies en absorptionLes raies de résonan
e d'ions abondants pourraient permettre de déte
ter laprésen
e de vents stellaires faibles. Pour les étoiles de type A, les raies de résonan
e

Fig. 1.10 � Illustration de la formation d'un pro�l P Cygni. La partie du vent dansla ligne de visée absorbe la radiation dé
alée vers le bleu alors que de la radiationdi�usée par les autres parties du vent est réémise dans toutes les dire
tions. La�gure est tirée de Owo
ki & Murdin (2000).typiques utilisées sont 
elles de C II, de Mg II et de Fe II dans la région UV duspe
tre de radiation (Lamers & Cassinelli 1999). S'il y a un vent en surfa
e de l'étoileobservée, 
es raies auront un pro�l parti
ulier désigné P Cygni (voir Fig. 1.10). Le



28�ux radiatif à la longueur d'onde d'une raie forte quel
onque est premièrementréduit dans la photosphère. La partie du vent qui se dépla
e vers l'observateurabsorbe ensuite la radiation un peu plus énergétique puisque la radiation sortantde l'atmosphère est dé
alée dans le référentiel du vent. Cela explique le pro�l enabsorption dé
alé vers le bleu. Par 
ontre, il y a aussi de la di�usion dans les partiesà l'extérieur de la ligne de visée. La radiation y est di�usée dans toutes les dire
tionset par 
onséquent dans la ligne de visée de l'observateur. Ce
i produit une raie enémission 
entrée à la vitesse de repos de l'étoile ave
 un dé
alage entre -v∞ et v∞. Lepro�l net résultant est don
 asymétrique ave
 une partie en absorption dé
alée versle bleu et une partie en émission dé
alée vers le rouge. La longueur d'onde asso
iéeà la limite bleue du pro�l donne une bonne indi
ation de la vitesse terminale duvent.1.5.2 Raies en émissionLes raies en émission sont aussi un bon indi
ateur de la présen
e d'un vent stel-laire, notamment pour les pertes de masses fortes de l'ordre de 10−5−10−6 M⊙yr−1.L'exemple le plus 
onnu d'une raie en émission est la raie Hα (λ = 6562Å). Cesraies sont formées suite à la re
ombinaison d'ions ave
 des éle
trons, par la désex
i-tation de l'ion résultant. La forme du vent peut être étudiée ave
 
es raies par
e quel'émissivité est proportionnelle au 
arré de la densité ; les raies émaneront prin
ipa-lement des 
ou
hes plus denses du vent (près de la surfa
e de l'étoile). L'avantagede 
ette raie en parti
ulier est qu'elle peut être observée à partir du sol.1.5.3 Émission 
ontinueUn ex
ès de radiation dans le pro
he IR et le domaine radio est émis par les ventsstellaires ionisés. Cet ex
ès est mesuré relativement au 
ontinu de la photosphère.Cette radiation est 
ausée par l'émission libre-libre (Bremsstrahlung), 
'est-à-dire ladé
élération d'un ion par 
ollision ave
 un autre ion ou un éle
tron. Cette radiation



29est surtout observée dans les vents très 
hauds. Cette mesure à elle seule ne peut pasfournir de l'information au niveau de la vitesse du vent puisque l'analyse Dopplerne peut être e�e
tuée. Elle peut tout de même permettre de 
onstruire la stru
turedu vent en terme de la densité et de la température.1.5.4 Te
hnique indire
te pour vents du type solaireRé
emment, une nouvelle méthode indire
te a été développée dans le but dedéte
ter des taux de perte de masse de l'ordre du taux solaire. À partir du HubbleSpa
e Teles
ope (HST), Wood et al. (2002, 2005) ont utilisé des spe
tres à hauterésolution des raies H I Lyα d'étoiles pro
hes pour tenter de 
erner les propriétés de
e qu'ils dénomment l'astrosphère. Cette astrosphère dé
rit l'intera
tion d'un venttotalement ionisé ave
 la matière interstellaire lo
ale (LISM) partiellement ionisée,qui résulte en un mur d'hydrogène neutre dense et 
haud (Te� ∼ 30 000K) 
ompa-rativement au LISM plut�t froid (Te� ∼ 8000K). Par 
onséquent, une 
omposanted'absorption apparaît dans la partie bleue de la raie H I Lyα. À l'aide d'une re-lation entre la densité du mur d'hydrogène et du taux de perte de masse, qui est
alibrée à partir de l'héliosphère, ils obtiennent des taux de perte de masse de 0.15à 100 fois le taux solaire pour des étoiles de types G et K de la MS. L'in
ertitudedemeure tout de même très grande due, entre autres, à l'in
ertitude des modèleshydrodynamiques du vent solaire et de l'héliosphère (Cranmer 2008). Le 
al
ul demodèles de vents 
oronaux né
essite une meilleure 
ompréhension des pro
essusimpliqués dans le ré
hau�ement de la 
hromosphère et de la 
ouronne. Les pro-
essus favorisés in
luent la dissipation d'ondes sonores et la dissipation d'ondesmagnétohydrodynamiques.



301.6 Vents stellaires observésMalgré les nombreuses te
hniques par lesquelles les vents stellaires peuvent êtreen prin
ipe mesurés, le 
as des étoiles de type A, F et de Population II est parti
u-lièrement problématique. Premièrement, les te
hniques sont plut�t e�
a
es pourdes vents stellaires forts provenant d'étoiles brillantes ayant des �ux énergétiquesimportants. Par ailleurs, la physique des vents n'est pas bien 
onnue. Est-
e quele vent est neutre ? Est-
e que le vent est ionisé ? Est-
e que l'on 
her
he des vents
oronaux (où il y aurait de l'émission dans le X) ou des vents radiatifs ? Il est di�-
ile de 
hoisir la te
hnique la plus appropriée. Voi
i la (
ourte) liste des prin
ipauxauteurs ayant "observé" des vents en surfa
e de 
es étoiles.Brown et al. (1990) ont observé 17 étoiles A et F à partir du VLA. Ils se sontintéressés à l'émission libre-libre dans le domaine radio. Malheureusement, au
unedéte
tion n'a été obtenue. Ils ont pu toutefois établir une limite supérieure au tauxde perte de masse, soit Ṁ < 3 × 10−10 M⊙yr−1. Ils stipulent aussi que l'hydrogènedans les vents de 
es étoiles serait au moins partiellement ionisé.Lanz & Catala (1992) de leur 
�té se sont plut�t 
on
entrés sur la raie d'émis-sion Hα. Ayant obtenu des rapports signal sur bruit élevés pour 5 étoiles de typeA, les auteurs espéraient déduire la perte de masse à partir des asymétries dans lepro�l de la raie. Par 
ontre, puisque l'asymétrie intrinsèque due à l'e�et Dopplerétait tellement petite (de l'ordre de 0.1 %), il était di�
ile d'éliminer 
omplètementles autres 
ontributions à l'asymétrie. Leur méthode n'a don
 pas pu produire dedéte
tions, bien qu'ils aient tout de même pu établir une limite supérieure qui est
Ṁ < 2 × 10−10 M⊙yr−1. Nous notons que 
es deux derniers groupes ont indépen-damment obtenu des valeurs supérieures de la perte masse sensiblement égales, 
equi suggère qu'obtenir des taux plus petits à partir de l'émission semble impossibleà partir de l'instrumentation de l'époque.Les deux te
hniques axées sur l'émission n'ont pas été 
apables de produire



31une déte
tion. Pour sa part, la re
her
he de pro�ls P Cygni est une te
hniquetrès e�
a
e pour les étoiles ayant de très fort vents, mais elle est a priori peupratique pour les vents plus faibles étant donné les limitations instrumentales.D'ailleurs, avant l'arrivée de l'instrument Goddard High Resolution Spe
trograph(GHRS) monté sur le HST, l'analyse du spe
tre UV de 
es objets n'était pas utilepuisque les instruments de l'époque (tel par exemple le satellite IUE) avaient unelimite de déte
tion bien au-dessus du taux prédit pour les étoiles A et F (les spe
tresmesurés à partir du IUE avaient une limite de déte
tion d'à peu près 10−9 M⊙yr−1).Mais ave
 le GHRS, Bertin et al. (1995) ont obtenu des mesures de haute qualitédes raies de résonan
e du Mg II et du H I pour l'étoile Sirius A (80σ dans le 
asde Mg II). Leur analyse du dé
alage Doppler dans les raies d'absorption de MgII et de H I a permis d'inférer un taux de perte de masse entre 2 × 10−13et 1.5 ×

10−12 M⊙yr−1. Ces deux valeurs proviennent de deux modèles di�érents ayant desméthodes distin
tes pour 
al
uler l'équilibre d'ionisation.Dans 
e même arti
le, les auteurs a�rment que 
ette valeur du taux de pertede masse démontre que le vent en surfa
e de Sirius A serait probablement a

élérépar la radiation puisqu'elle 
on
orde ave
 la valeur prédite par le modèle (de ventradiativement a

éléré) de Kudritzki et al. (1989) qui est de 1 × 10−12 M⊙yr−1.Ils avan
ent par ailleurs que 
e vent serait aussi homogène puisque, selon eux, leralentissement via l'intera
tion de Coulomb dans le vent assure un partage de laquantité de mouvement. Leur expli
ation s'appuie sur l'existen
e même des fortesraies en absorption du Mg II ; si 
es ions, qui sont aussi a

élérés dans le vent,n'étaient pas ralentis par l'intera
tion de Coulomb, ils seraient tellement a

élérésque la profondeur optique de 
ette raie diminuerait 
onsidérablement, 
e qui n'estpas le 
as puisque la raie a été mesurée.Au
une autre déte
tion de vent en surfa
e d'étoiles A ou F n'a été trouvée dansla littérature.Pour les étoiles de Population II, nous savons qu'il y a de la perte de masse sur



32la bran
he des géantes (Boyer et al. 2006). Mais sur la MS, les mêmes limitationsse posent ; au
une déte
tion n'a été trouvée dans la littérature.1.6.1 Survol de la thèseDans les 
hapitres qui suivent, nous explorerons une région du diagramme H�R
oin
ée entre la région où les taux de perte de masse ne permettent au
une sé-paration 
himique (Maeder 1997), et 
elle où ils n'a�e
tent pratiquement pas ladi�usion atomique. Nous présenterons et analyserons des modèles évolutifs ave
perte de masse que nous 
omparerons ensuite aux observations d'étoiles AmFm(Chapitre 2), HAeBe (Chapitre 3) et de Population II (Chapitre 4). En plus de re-produire les observations, l'obje
tif est de bien 
erner les e�ets de la perte de massedans la mesure où ils peuvent être di�éren
iés de 
eux liés à la turbulen
e telleque présentée dans Ri
her et al. (2000). Puisque les 
ontraintes observationnellessur les taux de perte de masse appropriés pour les étoiles étudiées sont minimes,voire même inexistantes, nous tenterons simplement de 
ontraindre les taux par lesanomalies d'abondan
e. Nous ne tenterons pas, non plus, d'expliquer le pro
essusresponsable de la perte de masse, 
e qui exigerait des modèles détaillés du vent.Tout au long de l'argumentation, nous nous limiterons aux 
as relativement simplesa�n de nous assurer que nous 
omprenons bien toute la physique impliquée par lepro
essus étudié, soit la perte de masse.1.6.2 Contribution aux arti
lesPour l'ensemble des trois arti
les (Chapitres 2, 3 et 4) et les 
omptes rendusen annexe dont je suis le premier auteur, ma 
ontribution in
lut la réda
tion 
om-plète de la première version (sauf une partie de la Se
t. 2.4.1.1), la préparation detoutes les �gures et le 
al
ul des modèles. Ave
 les suggestions de mes superviseurs,Georges Mi
haud (GM) et Olivier Ri
hard (OR), j'ai aussi analysé toutes les don-nées. Les révisions subséquentes des textes ont été rédigées ave
 la 
ollaboration



33étroite de GM tout en tenant 
ompte des suggestions d'OR et de Ja
ques Ri
her(JR). Finalement, pour 
e qui est des modèles, j'ai implémenté la perte de massedans un 
ode évolutif déjà existant, dont les prin
ipaux experts sont JR et OR. Ilsm'ont d'ailleurs appuyé lors de problèmes ave
 le 
ode. Certaines �gures ont aussiété préparées ave
 des s
ripts antérieurement 
onçus par JR ou OR. Pour l'arti
leGebran et al. (en annexe, a

epté par A&A), j'ai rédigé la Se
t. 5, pour laquellej'ai analysé les données et préparé la Fig. 13. Finalement, pour le 
ompte renduBraithwaite et al. (2010) (pas in
lu dans 
ette thèse), j'ai préparé la Fig. 6 et j'aiparti
ipé à l'analyse qui y est asso
iée.Une partie importante du travail a été 
onsa
rée à des tests numériques pourvéri�er la stabilité et la validité des solutions obtenues ave
 perte de masse. Biensûr une première étape fut d'implémenter la perte de masse dans le 
ode évolutif, 
equi a demandé plusieurs 
hangements et ajouts dans plusieurs routines di�érentes.Ensuite, ave
 des outils de visualisation que j'ai moi-même développés ou bien quiavaient été développés par JR ou OR, j'ai analysé les solutions et j'ai modi�é 
er-tains algorithmes de 
onvergen
e, notamment au niveau du maillage, a�n de faireévoluer des modèles numériquement et physiquement 
orre
ts jusqu'aux âges né-
essaires. Une analyse approfondie de l'intérieur des solutions a été e�e
tuée a�nde s'assurer que l'on 
omprenne bien toutes les variations obtenues en terme deprin
ipes physiques. D'ailleurs, toute l'analyse de la 
onservation du �ux, qui par-sème les des
riptions des solutions internes ave
 perte de masse dans les 
hapitresultérieurs, dé
oule d'un test e�e
tué pour véri�er que les solutions satisfaisaientaux équations régissant le transport des éléments dans le 
ontexte de la perte demasse.



CHAPITRE 2ÉTOILES AmFm ET LA BRÈCHE DU LITHIUMAmFm and lithium gap starsStellar evolution models with mass lossMathieu Vi
ka
, Georges Mi
haudb, Ja
ques Ri
her
, OlivierRi
harda,A

epted in: Astronomy & Astrophysi
s, 12 June 2010Abstra
tA thorough study of the e�e
ts of mass loss on internal and surfa
e abundan
esof A and F stars is 
arried out in order to 
onstrain mass loss rates for thesestars, as well as further elu
idate some of the pro
esses whi
h 
ompete with atomi
di�usion.Self-
onsistent stellar evolution models of 1.3 to 2.5 M⊙ stars in
luding atomi
di�usion and radiative a

elerations for all spe
ies within the OPAL opa
itydatabase were 
omputed with mass loss and 
ompared to observations as wellas previous 
al
ulations with turbulent mixing.Models with unseparated mass loss rates between 5×10−14 and 10−13 M⊙yr−1 re-produ
e observations for many 
luster AmFm stars as well as SiriusA and oLeonis.These models also explain 
ool Fm stars, but not the Hyades lithium gap. Like tur-bulent mixing, these mass loss rates redu
e surfa
e abundan
e anomalies; however,aGRAAL UMR5024, Université Montpellier II, CC072, Pla
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e
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35their e�e
ts are very di�erent with respe
t to internal abundan
es. For most of themain�sequen
e lifetime of an A or F star, surfa
e abundan
es in the presen
e ofsu
h mass loss depend on separation whi
h takes pla
e between log ∆M/M∗ = −6and −5.The 
urrent observational 
onstraints do not allow us to 
on
lude that massloss is to be preferred over turbulent mixing (indu
ed by rotation or otherwise) inorder to explain the AmFm phenomenon. Internal 
on
entration variations whi
h
ould be dete
table through asteroseismi
 tests should provide further information.If atomi
 di�usion 
oupled with mass loss are to explain the Hyades Li gap, thewind would need to be separated.Subje
t headings: Di�usion � stars: 
hemi
ally pe
uliar � stars: mass-loss �stars: evolution � stars: abundan
es � galaxy: open 
lusters and asso
iations:individual: Hyades2.1 Astrophysi
al 
ontextAs instruments be
ome more sophisti
ated and pre
ise observations are readilymade available for a growing number of 
hemi
al elements, additional 
onstraintsare steering the evolution of stellar models. The in
lusion of atomi
 di�usionand radiative a

elerations into the standard stellar evolution model resulted insome early su

ess in des
ribing abundan
e patterns for AmFm stars (Tur
otteet al., 1998a). In these models, parti
le transport within the radiative zone was
al
ulated from all physi
s known through �rst prin
iples. However, the 
al
ulatedsurfa
e anomalies were greater than the observed anomalies, and it was determinedthat additional transport pro
esses were �attening the surfa
e abundan
e patterns.With the addition of turbulent mixing, the Montreal group's stellar evolution 
ode(Ri
her et al., 2000; Ri
hard et al., 2001; Mi
haud et al., 2004, 2005; Talon et al.,2006) was able to explain and reprodu
e the parti
ular abundan
es of many 
luster



36and �eld stars with a single tunable parameter: the mixed mass. Nonetheless, otherstudies have suggested that mass loss 
ould also redu
e the predi
ted anomalies toobserved levels (Mi
haud et al., 1983; Mi
haud & Charland, 1986; Ale
ian, 1996).Sin
e these studies 
onsidered stati
 stellar models in
orporating a limited numberof spe
ies, a rigorous investigation of the e�e
ts of mass loss on stellar 
hemi
alevolution is warranted. Previously, Vau
lair & Charbonnel (1995) have introdu
edmass loss to redu
e the e�e
t of Li settling in Pop II evolutionary models.AmFm stars (7000≤Te�≤ 10 000K) are slowly rotating (vrot < 100 km s−1, Abt2000), non-magneti
 stars of the main�sequen
e (MS). They are interesting 
andi-dates for testing evolutionary models be
ause they lie within the temperature rangefor whi
h the depth of the surfa
e 
onve
tion zone varies quite rapidly. Chemi
alseparation within the stable radiative zones of these stars generates surfa
e abun-dan
e anomalies within times
ales that depend strongly on the depth of the surfa
e
onve
tion zone, although the exa
t depth at whi
h the separation o

urs is still de-bated. The original explanation for these 
hemi
ally pe
uliar stars stipulated thatthe separation o

urred immediately below the surfa
e H 
onve
tion zone (Watson,1971; Ale
ian, 1986, 1996); however, with the in
lusion of turbulent mixing, morere
ent models (Ri
her et al., 2000) have suggested that separation o

urs mu
hdeeper in the star (T > 200 000K). Though the se
ond s
enario has had su

ess notonly with AmFm stars, but also with Pop II (Ri
hard et al., 2005; Korn et al., 2006)and Horizontal Bran
h (HB) stars (Mi
haud et al., 2007, 2008), it is still prema-ture to a

ept turbulen
e as the sought-after ma
rospopi
 pro
ess sin
e all modelswith turbulen
e ne
essarily involve at least one adjustable parameter. Turbulen
emodels often impli
itly assume a link between turbulen
e and rotation; however,even the most slowly rotating AmFm stars have anomalies whi
h are signi�
antlysmaller than those obtained with atomi
 di�usion only models. This suggests thepresen
e of a 
ompeting pro
ess even in non rotating stars.Typi
al anomalies on the surfa
e of AmFm stars in
lude overabundan
es of



37iron peak elements, as well as underabundan
es of Ca and/or S
 (see Cayrel et al.1991 for a more 
omplete des
ription). Re
ent studies have obtained abundan
edeterminations for numerous A and F stars of open 
lusters for a number of 
hemi
alspe
ies (Burkhart & Coupry, 2000; Hui-Bon-Hoa, 2000; Monier, 2005; Fossati et al.,2007; Gebran et al., 2008; Gebran & Monier, 2008) in an e�ort to 
onfront relativelywell 
onstrained stars to 
urrent evolutionary models. The advantage of observing
luster stars is that they generally have the same age and initial metalli
ity, whi
hgreatly fa
ilitates a 
omparison with models.At the 
ool end of the Fm star domain, the well do
umented Li dip, �rst ob-served in the Hyades open 
luster (Boesgaard & Tripi

o, 1986), has 
hallengedtheoreti
al astronomers for de
ades (Mi
haud, 1986; Vau
lair, 1988; Mi
haud &Charbonneau, 1991; Talon & Charbonnel, 2005). The lithium abundan
e has alsobeen observed in many other open 
lusters (e.g. Bala
handran 1995; Burkhart &Coupry 2000; Anthony-Twarog et al. 2009). The Be abundan
es in these stars(Boesgaard & King, 2002; Boesgaard et al., 2004; Randi
h et al., 2007) provideadditional 
onstraints on parti
le transport. Re
ently, Talon & Charbonnel (2003,2005) have modeled shear turbulen
e indu
ed by di�erential rotation and mixingindu
ed by internal gravity waves in order to des
ribe both the hot and 
old sideof the dip. Other models have also explored the e�e
ts of horizontal µ-gradientson rotationally indu
ed mixing in these stars (Pala
ios et al. 2003). However, thepotential e�e
ts of atomi
 di�usion, more spe
i�
ally of radiative a

elerations, in
ompetition with mass loss, were not fully investigated.At some level, mass loss is present in all stars, and it is important to quan-tify its e�e
ts on observed abundan
es. Unfortunately, for A and F stars in par-ti
ular, the mass loss rates are not known. In O and B stars, the radiativelydriven winds produ
e mass loss rates as important as 10−4 M⊙yr−1(Lamers &Cassinelli 1999). In 
older stars of types G and K, winds are driven by a
tive
oronas. The best known example is the solar wind whi
h has a mass loss rate of



382× 10−14 M⊙yr−1 (Feldman et al. 1977). For intermediate stars, our understandingis at best nebulous. Abbott (1982) suggests that radiative a

elerations are toosmall in stars with Te�≤ 10 000K for radiatively driven mass loss to be signi�-
ant. On the other hand, the thinning of the surfa
e 
onve
tion zone in F andparti
ularly in A stars might be too important for solar type winds to exist (Parker1960). Are winds of A and F stars driven by radiation, 
oronal heating, both orneither? What are the expe
ted mass loss rates? Both of these questions remainunanswered, and answering one 
ould shed light on the other.Observational 
onstraints on A and F star mass loss rates are limited. Lanz &Catala (1992) as well as Brown et al. (1990) gave an upper limit of 10−10 M⊙yr−1formain sequen
e A stars. Asymmetries in Mg II spe
tral lines of SiriusA led Bertinet al. (1995) to 
on
lude that mass loss is present with a rate between 10−13 M⊙yr−1and 10−12 M⊙yr−1. On the theoreti
al side, the radiatively driven wind model ofBabel (1995) suggests a mass loss rate of 10−16 M⊙yr−1 for A stars. However,a

ording to his results, only heavier elements are eva
uated by the radiative �eld.Similarly, Mi
haud et al. (1983, see also Mi
haud & Charland 1986) suggested thatmass loss rates between 10−14 M⊙yr−1 and 10−15 M⊙yr−1 
ould satisfy observational
onstraints from CP star surfa
e anomalies. Given the large disparity in values, themass loss rates used in this study will be 
onstrained stri
tly by surfa
e abundan
evariations (see also Se
t. 2.4.2).In this paper, we 
onsider mass loss in non rotating stars. In these stars, massloss is arguably the only ma
ros
opi
 pro
ess 
ompeting with atomi
 di�usionwithin the radiative zones. We will start with a brief des
ription of our stellarevolution 
ode in Se
t. 2.2 after whi
h we will dis
uss the method for 
al
ulatingradiative a

elerations for lithium, beryllium and boron (Se
t. 2.3). In Se
t. 2.4 wewill des
ribe the treatment of mass loss. In Se
t. 5 we will dis
uss its e�e
t oninternal stru
ture and surfa
e abundan
es as the models move along the main�sequen
e and the subgiant bran
h. In Se
ts. 6 and 7 we will 
ompare our models



39to turbulen
e models and observations respe
tively. In Se
t. 2.8, a brief overviewof the main results will be followed by a dis
ussion on how asteroseismology 
ouldhelp de
ipher the e�e
ts of adve
tive pro
esses in
luding meridional 
ir
ulationfrom those in
urred through turbulent pro
esses 
aused by di�erential rotation.2.2 Cal
ulationsThis paper is part of the Montreal stellar model development proje
t (Ri
hardet al. 2001, Tur
otte et al. 1998b and referen
es therein). The models were evolvedfrom the initially 
hemi
ally homogeneous pre�main�sequen
e (see Fig. 2.1) withthe solar abundan
e mix listed in Table 1 of Tur
otte et al. (1998b). The transportof 
hemi
al elements in 1-D (one dimension) is solved within the basi
 frameworkestablished by Burgers (1969). The 
hemi
al transport equation 
onsiders all e�e
tsof radiative a

elerations and atomi
 di�usion, and it is solved for 28 
hemi
alelements and isotopes at every mesh point (the number of points varies from 800to about 2800) for ea
h time step. Atomi
 di�usion is allowed to operate as soonas a radiative zone appears. The radiative a

elerations (grad) and the Rosselandmean opa
ity are 
ontinuously updated; the treatment of 
hemi
al transport isthereby fully self-
onsistent. The atomi
 di�usion 
oe�
ients were taken fromPaquette et al. (1986, see also Mi
haud & Pro�tt 1993). The Krishna Swamy T�
τ relation (Krishna-Swamy, 1966) was imposed as the boundary 
ondition in theatmosphere (this 
hoi
e was motivated by results presented in VandenBerg et al.2008). Semi
onve
tion was in
luded as des
ribed in Ri
hard et al. (2001), followingKato (1966), Langer et al. (1985), and Maeder (1997).The 
hosen values of the mixing length parameter and initial He fra
tion arerespe
tively α = 2.096 and Y0 = 0.27769 (see Model H of Tur
otte et al. 1998b),whi
h are 
alibrated by �tting the 
urrent solar radius and luminosity. We 
hose
Z0 = 0.01999 as the initial mass fra
tion of metals1 . Some models were also1Asplund et al. (2005, 2009) have proposed a downward revision of the solar abundan
es of
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Figure 2.1: H-R diagram for all the models shown in Fig. 2.4. Though all modelswere 
al
ulated from the PMS to the bottom of the subgiant bran
h, the 
ompletetra
ks are only shown for the 1.7 and 2.3 M⊙ models. All other models are shownonly on the main�sequen
e, whi
h, for the purpose of this plot, is 
onsidered tospan from the time at whi
h 1% of 
ore H is burned to the time at whi
h 95% isburned. The dotted line represents evolution on the PMS until di�usion starts (i.e.until a radiative zone appears).
al
ulated for Z0 = 0.01 and Z0 = 0.03.These are the �rst fully self-
onsistent stellar models whi
h in
lude mass loss.Models were 
al
ulated from 1.30 M⊙ to 2.50 M⊙. The mass loss rates 
onsideredvary from 1× 10−16 M⊙yr−1 to 1× 10−12 M⊙yr−1. Our treatment of mass loss willbe further dis
ussed in Se
t. 2.4.1.some metals; however we have 
hosen to keep the previous abundan
es until their determinationsare re
on
iled with helioseismology (Delahaye & Pinsonneault 2006; Basu et al. 2007 and refer-en
es therein). The abundan
e of O, the third most abundant element, is parti
ularly un
ertain(Ca�au et al., 2008; Delahaye et al., 2010).



412.3 Radiative a

elerationsRosseland opa
ities as well as radiative a

elerations are 
ontinuously 
omputedfor all 28 spe
ies as the relative 
on
entration of ea
h spe
ies varies with time. Forall elements in
luded in the OPAL database (Iglesias & Rogers, 1996), the radiativea

eleration 
al
ulations are 
arried out using dire
t summations over the a
tualspe
trum (i.e. opacity sampling, see Ri
her et al. 1998). At large opti
al depths(where the di�usion approximation is valid), the radiative a

eleration, grad(A), ofan element A at a radius r in a star may be approximated by:
grad(A) =

1

4πr2

Lrad
r

c

κR

XA

∫

∞

0

κu(A)

κu(total)
P(u)du, (2.1)where P(u), the normalized bla
k body �ux distribution, is given by:

P(u) ≡
15

4π4

u4eu

(eu − 1)2
. (2.2)The radiative luminosity at a radius r is Lrad

r , XA is the mass fra
tion of A, κR isthe Rosseland opa
ity, κu(total) and κu(A) are respe
tively the total opa
ity andthe 
ontribution of A to the total opa
ity at the frequen
y u de�ned by:
u ≡ hν/kT. (2.3)Sin
e the 
ompetition for photons between element A and all other elements presentin the plasma determines the value of grad(A), atomi
 data is required for all spe
iesin order to 
ompute grad for any given element.The 
orre
tions for redistribution of momentum are from Gonzalez et al. (1995)and LeBlan
 et al. (2000).



422.3.1 Radiative a

elerations for Li, Be and B2.3.1.1 MethodsLi, Be, and B are not in
luded in OPAL sin
e they are not signi�
ant in the
al
ulation of Rosseland mean opa
ity2. We have nonetheless 
omputed the radia-tive a

elerations in a manner whi
h is 
onsistent with OPAL spe
tra. The various
orre
tions determined by Ri
her et al. (1997) are also in
luded. The atomi
 datarequired for LiBeB are taken from Wiese et al. (1966). Sin
e these elements are notsu�
iently abundant for pressure broadening to be important (the lines are neversaturated), only os
illator strengths are required to 
ompute opa
ities.The 
al
ulation of grad for these elements is deli
ate be
ause of two fa
tors whi
h
an lead to large �u
tuations: (1) non optimal frequen
y sampling and (2) randomba
kground 
hanges. Both problems arise from the fa
t that LiBeB not only havevery few lines 
ontributing to their grad, but these lines are also very narrow.(1) The �u
tuations due to sampling not being su�
iently re�ned has an e�e
ton Li as well as on the ba
kground (see Fig. 2.2). The Doppler width of a 7Li lineis given by:
∆u

u
=

[

2 kT

Mc2

]0.5

= 5.1 × 10−5T 0.5
5 (2.4)where u is the adimensional energy di�eren
e between the upper and lower levelsof the transition, M is the mass of the element, T is the lo
al temperature and

T5 = T/105 K. In this 
ase, one typi
ally has u ≃ 5 around the most importanttemperature range, log T ≃ 5.3, so that
∆uDoppler = ∆uD ≃ 7 × 10−5 (2.5)2In Tur
otte et al. (1998b) and Tur
otte et al. (1998a), grad(Li) and grad(Be) were approxi-mated using formulae derived previously by Ri
her & Mi
haud (1993). These are however lessa

urate than grad 
al
ulated using dire
t summations over the spe
trum throughout stellar evo-lution (using Eq. [2.1℄), whi
h are des
ribed here and were used in Ri
her et al. (2000) and Ri
hardet al. (2001).



43whi
h is to be 
ompared to the frequen
y grid interval, ∆uG = 20/104 = 2× 10−3,of the OPAL spe
tra. Using opa
ity sampling for Li would imply that the line
enter would sometimes o

ur within ∆uD of a grid point and sometimes up to
15∆uD away. If the sampling point o

urs in the far tail of an important Li line,the grad(Li) value would be mu
h smaller than if it o

urs in its 
enter.Likewise, the sampling is not re�ned enough to reprodu
e all features of theba
kground spe
tra (see Fig. 3 of Ri
her et al. 1998). Variations 
an thereforeresult from overlooking an important ba
kground line whi
h o

urs near a lithiumline.(2) The frequen
y sampling grid is a fun
tion of u and not of ν. Therefore, whenone 
onsiders an adja
ent grid point of di�erent T , the ba
kground, as a fun
tionof u, 
hanges, and the 
onsequent random variation in ba
kground a�e
ts the �uxavailable for a spe
i�
 lithium line. This is largely due to the narrowness of mostlines. For example, in the inset of Fig. 2.2, the Li line does not en
ounter any im-portant Fe line for that spe
i�
 (ρ,T ) table; however, in the inset of Fig. 1 of Ri
her& Mi
haud (2005), whi
h shows the same u interval for a di�erent (ρ,T ) table,the Li line is overlapped by a strong Fe line, and the available �ux is 
onsequentlyredu
ed.One 
an alleviate these problems by 
ombining a modi�ed version of the opa
itysampling method with the known position of all the line 
enters for LiBeB. Inorder to redu
e the �u
tuations, while preparing the spe
tra of, say, Li, for the
al
ulations of grad(Li), it was assumed that ea
h Li line was spread uniformly overthe ∆uG interval in whi
h the Li line 
enter o

urs (i.e. the Li lines be
ome squarefun
tions of width ∆uG and so it be
omes impossible for the sampling to overlookthem). This will leave �u
tuations 
aused by random variations of the opa
ityba
kground when the line 
enter moves from one ∆uG interval to another (2), butthe variations due to non optimal sampling (1) will be redu
ed signi�
antly.Note that if the frequen
y sampling is re�ned (e.g. 105 as in OP data) in order
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Figure 2.2: Opa
ity spe
tra for Li, Fe as well as the total opa
ity in 
m2g−1 at adepth where log T = 5.3 and log ρ = −4.6. The u interval 
overs the range throughwhi
h most of the �ux passes. The spe
trum is dominated by Fe lines. The inseton the right shows a zoom of the area whi
h hosts the Li line whi
h 
ontributesthe most to its grad.to better represent the ba
kground spe
tra, errors due to the inexa
t position (infrequen
y) of ea
h ba
kground feature remain. The line 
enter positions for Fe, themain 
ontributor to the total opa
ity in this region, are only known to about 1%.The resulting error bars on grad are dis
ussed in Se
t. 3 of Ri
her & Mi
haud(2005). As an example, for Population I stars, there is a fa
tor of 2 un
ertainty for
grad(Li). In Pop II stars, the un
ertainty is mu
h less important (e.g. only 3% fora star with Z = 0.0001).The same errors and limitations should be expe
ted for s
andium around theminima of its grad sin
e the radiative a

elerations in these regions are 
omputedwith only a few narrow lines. Unfortunately, S
 is not in
luded in OPAL data, andits grad must be 
al
ulated through alternate methods (LeBlan
 & Ale
ian 2008).2.3.1.2 ResultsThe radiative a

elerations for Li and Be are shown in Fig. 2.3 for a star of1.55 M⊙ with a mass loss rate of 1× 10−13 M⊙yr−1 as well as for a star of 1.47 M⊙
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Figure 2.3: Variation of radiative a

elerations with temperature for Li and Be at100Myr (dotted line), 700Myr (dashed line) and 1.3Gyr (long dashed line) in a1.55 M⊙ model with a mass loss rate of 1×10−13 M⊙yr−1 as well as at 100Myr (solidline) for a 1.47 M⊙ model with no mass loss. The 
urves extend to the bottom ofthe surfa
e 
onve
tion zone, on the left. A

eleration is normalized to lo
al gravity.The horizontal arrows indi
ate the total movement of the bottom of the surfa
e
onve
tion zone (BSCZ) for models of 1.40, 1.43, 1.45, 1.47 and 1.55 M⊙ from topto bottom (see text below).with no mass loss. For both models, the radiative a

elerations for Be are belowgravity throughout the radiative zone, and throughout evolution. However, grad(Li)has a peak that approximately rea
hes gravity below the surfa
e 
onve
tion zone forthe 1.55 M⊙ model. Up to log T ≃ 5.4, grad is seen to be almost solely temperaturedependent as the 
urves for both models overlap.In the 1.47 M⊙ model, grad(Li) has about the same value as in the 1.55 M⊙model for log T > 5.4, but, for log T < 5.4 it is redu
ed by the 
ompetition ofFe, whi
h absorbs most of the �ux where the Li lines are important. This o

urswhen mass loss is small enough for Fe to a

umulate in and above this region, as isthe 
ase for the 1.47 M⊙ model (or in the 1.50 M⊙ model with a mass loss rate of
10−14 M⊙yr−1 shown in Fig. 2.5). On the other hand, grad(Be) does not vary withFe abundan
e likely be
ause most Be lines, parti
ularly the ones whi
h 
ontribute



46the most to its grad, lie outside of the frequen
y interval whi
h is dominated by Felines.The horizontal arrows in Fig. 2.3 show the total movement of the bottom ofthe surfa
e 
onve
tion zone (BSCZ) for 4 models without mass loss (1.40, 1.43,1.45 and 1.47 M⊙), as well as for a model of 1.55 M⊙ with a mass loss rate of
10−13 M⊙yr−1. The interval for whi
h the BSCZ is plotted spans from 50Myr to625Myr for all models ex
ept for the 1.47 M⊙, model whi
h goes from 50Myr to425Myr (the simulation's last 
onverged model). For most models, the depth ofthe BSCZ does not vary mu
h between 50 and 625Myr (most of the main�sequen
elifetime before the age of the Hyades 
luster); however, for the 1.47 M⊙ model, theBSCZ moves signi�
antly and extends over an interval in whi
h grad(Li) also variessigni�
antly.If we 
ompare the 
urves for the 1.55 M⊙ model with those shown in Fig. 1of Ri
her & Mi
haud (1993), we �rst note the similarity in the temperature de-penden
e of the 
urves. For Li, we have veri�ed that they are nearly equal for
log T > 5.4. The maxima o

ur at very nearly the same temperature as well. How-ever, the maximum values of grad(Li) and grad(Be) are respe
tively about 2 and6 times larger in Ri
her & Mi
haud (1993). Furthermore, their results show verysmooth 
urves 
ompared to the many variations seen in our 
al
ulations.Although there is a slight di�eren
e in stellar mass (a 1.54 M⊙ model is shownin Fig. 1 of Ri
her & Mi
haud 1993), this 
annot a

ount for the relatively largedi�eren
es 
lose to the maximum. There are nonetheless a few other explanations.Our 
al
ulations were 
arried out with integrations over 
omplete OPAL spe
trafor all spe
ies at ea
h time step and ea
h mesh point. Sin
e these spe
tra werenot available in 1993, the 
al
ulations of Ri
her & Mi
haud (1993) were doneusing averaged spe
tra whose frequen
y dependen
e (Eq. [18℄ of Borsenbergeret al. 1979) did not in
lude the frequen
y dependen
e of Fe lines, parti
ularly near
T ≃ 2× 105 K, where grad(Li) is a�e
ted the most. From Fig. 2.2, one 
an see that



47Fe lines dominate the region where Li lines are strongest. As Fe lines whi
h o

urnear Li lines were absent in the old opa
ities, the available �ux for Li lines is verydi�erent (see Se
t. 2.3.1.1).Moreover, the evolution of individual metal abundan
es and its impa
t on lo
alopa
ity are not in
luded in the 
al
ulations of Ri
her & Mi
haud (1993). This isparti
ularly important in AmFm stars sin
e heavier metals su
h as iron and ni
keltend to a

umulate below the surfa
e 
onve
tion zone when mass loss is not toostrong.2.4 Mass lossWe �rst dis
uss how to in
lude mass loss in evolutionary models (Se
t. 2.4.1).In Se
t. 2.4.2 we dis
uss a few theoreti
al analyses of 
oronal and radiatively drivenwinds followed by a brief look into separated winds3 (Se
t. 2.4.3).2.4.1 Treatment of mass lossMass loss is assumed spheri
al and 
hemi
ally unseparated. If we simply applymass 
onservation arguments, the net result of mass loss is the appearan
e of anoutward �owing interior velo
ity due to the wind:
vw(r) = −

Ṁ

4πr2ρ

mr

M∗

(2.6)where ρ is the lo
al density, mr is the mass interior to r and Ṁ < 0. It shouldbe pointed out that the mr/M∗ fa
tor in this equation has often been overlooked,but it will be shown to be a 
onsequen
e of mass 
onservation (see Se
t. 2.4.1.1).Even for small mass loss rates, the ρ−1 dependen
e leads to large velo
ities in theouter layers of the star. To avoid numeri
al instabilities due to the 
an
ellation of3In this paper, mass loss is separated when the abundan
es in the wind are not the same asin the photosphere. On the 
ontrary, mass loss is unseparated when the abundan
es in the windare the same as in the photosphere.



48two large quantities in the 
onve
tive envelope (wind velo
ities and large turbulentvelo
ities used to enfor
e 
onve
tive mixing) and in order to have a Neumannsurfa
e boundary 
ondition (no �ux), mass loss was implemented as des
ribedin Charbonneau (1993). The main physi
al 
onsiderations are that the surfa
e
onve
tion zone (SCZ) be fully mixed, and that the atmosphere be mixed withit by overshooting. Therefore, the eje
ted mass has the same 
omposition as theSCZ. The me
hanism by whi
h mass is eje
ted from the star be
omes irrelevant solong as the 
orre
t amount of mass is removed from the star. For ea
h 
hemi
alspe
ies, the resulting transport equation is:
ρ
∂c

∂t
= −∇ · [− ρD∇ ln c + ρ(U + Uw)c℄

+ρ(Snuc + Sw)c, (2.7)with a Neumann 
ondition imposed at the surfa
e and with Uw and Sw de�ned as:
Uw =







vwê
r
under the SCZ,

0 in the SCZ; (2.8)
Sw =







0 under the SCZ,
Ṁ

MCZ

in the SCZ. (2.9)Here, c is the time and depth dependent 
omposition, D the total di�usion 
o-e�
ient, U the adve
tive part of the atomi
 di�usion velo
ity, Uw the interiorvelo
ity due to the wind, MCZ the mass of the SCZ, Ṁ the mass loss rate, Snuc asour
e/destru
tion term linked to nu
lear rea
tions and Sw is a sink term linkedto mass loss. The mass is simply removed from the surfa
e 
onve
tion zone whi
h,given the assumed mixing, is equivalent to losing it through the stellar surfa
e. Themass of the star is also 
ontinuously updated so that all quantities that depend onstellar mass are 
orre
tly 
al
ulated.



492.4.1.1 Mass �ux equationMass loss has the e�e
t of eje
ting (or peeling) the outermost layers of a stellarmodel. The model must then be re
onverged with a slightly redu
ed mass. Thiss
enario 
an be des
ribed within the formalism of operator splitting. If a mass
∆Mloss is removed in a given time step ∆t, one needs to re
onverge a model ofmass M1 = M0 −∆Mloss at time t1 = t0 + ∆t with the 
omposition of the star keptun
hanged as a fun
tion of mr, the independent variable whi
h is de�ned as thesphere of 
onstant mass, mr. Mass loss does not modify the abundan
e pro�leswith respe
t to mr, although there is a 
hange with respe
t to the stellar surfa
e.For example, an abundan
e peak at the point M0 − ∆Mloss (or ∆Mloss below thesurfa
e before peeling), �nds itself at M1 (or at the surfa
e) after the peeling butthe mass interior to this point, mr, has not 
hanged.To implement mass loss in a stellar evolution 
ode, one 
an imagine the solutionpro
ess to be broken down into 2 steps. In a �rst step, the model 
an be 
onvergedat a time t1 as if there were no mass loss, with the 
omposition 
hanges due tonu
lear rea
tions and di�usion pro
esses. Then, the grid at t1 is reinterpretedas 
orresponding to a mass M1 = M0 − ∆Mloss with all variables expressed asa fun
tion4 of mr/M∗ ex
ept for the 
omposition whi
h is kept un
hanged as afun
tion of mr. The star is then re
onverged a se
ond time at t1 with a mass M1and with the 
on
entration pro�les whi
h in
lude the e�e
t of mass loss. As moremass is lost, the model in
hes toward less massive stru
tures, and so evolutionprogressively 
orresponds to that of a lower mass star. This is a 
orre
t des
riptionof mass loss whi
h in pra
ti
e is as a

urate as the operator splitting pro
edure isa

urate.However, going from the mr/M0 to the mr/M∗ grid while keeping ci as a fun
tionof mr implies interpolating. In pra
ti
e, performing interpolations on ci during4Here M1 = M∗ at t1 and similarly M0 = M∗ at t0.
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omputations 
an introdu
e unwanted numeri
al di�usivity. It is relatively easyto show that these interpolations on ci resulting from mass loss 
an be avoided byintrodu
ing a lo
al mass �ux into the 
onservation equation, while keeping the grid
onstant (i.e. the grid points have the same values of mr/M∗ in spite of M∗ varyingfrom M0 to M1).Let us 
onsider the 
on
entration on a grid point (mr/M∗) at t1 as a fun
tionof the 
on
entration on the same grid point at t0. The grid points shift on the mraxis. Then
ci (mr1) = ci (mr0) +

∂ci

∂mr

∆mr (2.10)whi
h is a simple Taylor series development and where
∆mr = mr1 − mr0. (2.11)By de�nition, mr1 is the position on the mr axis, of the grid point mr0

M0
after a

∆Mloss mass loss so that one may write:
mr1

M1
=

mr0 + ∆mr

M0 − ∆Mloss
=

mr0

M0
(2.12)whi
h 
an trivially be solved to give:

∆mr = −
mr0

M0
(∆Mloss). (2.13)Now we substitute equation (2.13) in equation (2.10), repla
e ∆Mloss by −Ṁ ×∆tand simplify:

ci (mr1) = ci (mr0) +
∂ci

∂mr

dM∗

dt

mr0

M0
∆t. (2.14)The se
ond term on the right has the same e�e
t on ci as the introdu
tion of a �uxterm5 (
aused by mass loss ×mr

M0
) in a 
onservation equation. The �ux 4πρr2UW5Often abusively 
alled a �wind� term in this 
ontext. It seems preferable to restri
t the use



51given by equation
−4πρr2Uw =

dM∗

dt

mr

M∗

. (2.15)must then be introdu
ed in the 
onservation equation in order to take into a

ountthe e�e
t of the mr shift 
aused by the peeling of surfa
e layers while keeping thesame grid as a fun
tion of mr/ M∗ when M∗ 
hanges due to mass loss. This simpleargument justi�es the introdu
tion of a mass �ux to model the e�e
t of mass losson element separation in stellar atmospheres or envelopes (Vau
lair, 1975; Mi
haudet al., 1983; Ale
ian, 1996).For smaller mass loss rates, stru
tural e�e
ts of mass loss are often negligible tothe extent that only the shift of ci remains and mass loss may be viewed as a mass�ux going through a star of 
onstant mass (i.e. it is not ne
essary to 
hange thestellar mass during evolution 
al
ulations). Consider the 
ase of the present Sun.Assuming that it is 
onstant in time, its 
urrent mass loss rate of 2× 10−14 M⊙/yrleads to a loss of 10−4 M⊙ up to the Sun's age whi
h for most purposes 
orrespondsto negligible stru
tural 
hanges. This is only ∼ 1/300 of the mass of the super�
ial
onve
tion zone.Sin
e we are not 
ertain about the nature of the winds at the surfa
e of A andF stars, the present models do not take into a

ount any energy dissipation whi
hwould be required to produ
e these winds.2.4.2 Stellar winds of A and F starsThis study will use observed surfa
e abundan
es to 
onstrain mass loss sin
ethe stellar winds asso
iated with A and F stars are not well known. The winds
ould be radiative, 
oronal, a 
ombination of both or even 
ompletely negligible.Comparisons with stellar wind models are di�
ult. Indeed, even the hottest Astars maintain a thin surfa
e H 
onve
tion zone, and stars as early as A7 (andof �wind� to the region above the photosphere.



52possibly earlier, see Ne� & Simon 2008; Simon & Landsman 1997) 
an supporta
tive 
oronas and 
hromospheres whi
h 
ould harbor solar type winds. It is alsoplausible that both me
hanisms a
t simultaneously. A few properties of 
oronaland radiatively driven winds for A and F stars will be reviewed in the two followingsubse
tions, in so far as they relate to 
hemi
al separation.2.4.2.1 Coronal windsWith simple physi
al 
onsiderations, it is possible to obtain an approximatevalue of the mass loss rate above whi
h 
oronal winds are ne
essarily unseparated.For a spheri
ally symmetri
al mass loss, the wind velo
ity (Eq. [2.6℄ with Mr = M∗)may be 
ompared to the maximal downward di�usion velo
ity (given by the grav-itational settling velo
ity without any 
ontribution from radiative a

elerations).Equating the two gives an evaluation of the maximum mass loss that allows forseparation to o

ur. One may then write:
vw =

−dM∗

dt

4πr2ρ
= Dip

Aigmp

kT
. (2.16)whi
h 
an be rewritten as:

−1

M∗

dM∗

dt
=

2.4 × 10−15AiT
1.5
5

Z2
i

[yr−1] (2.17)(T5 = T/105 K) where Ai and Zi are the atomi
 mass and atomi
 number respe
-tively of element i and where the Coulomb term in the 
al
ulation of Dip is repla
edby an approximate value. This applies both in the atmosphere and in the outerparts of the wind solution. For a solar type wind, assuming an isothermal 
oronaof T = 106 K, one obtains a limiting mass loss rate ≃ 10−13 M⊙yr−1(see Mi
haudet al. 1987). The dependen
e on T is valid when the gas is fully ionized. In the
ooler atmospheres of early A stars (say at 104 K), He is mainly neutral, neverthe-



53less the limiting mass loss rate is approximately the same in the atmosphere as inthe 
orona sin
e the di�usion 
oe�
ients are larger by a fa
tor of 200 − 300 thanthose of ionized He (Mi
haud et al. 1978). The separation observed in the solarwind (Ṁ ≃ 10−14 M⊙yr−1) agrees roughly with this analysis. As previously men-tioned, observations show that elements whi
h are neutral at T = 104 K are ≃ 2−3times less abundant in the 
orona than in the photosphere (Meyer, 1985, 1996).Most agree that the separation o

urs somewhere in the solar 
hromosphere im-mediately above the photosphere and 
ould therefore have an impa
t on observedphotospheri
 abundan
es. For instan
e, Geiss & Buergi (1986, in their model 4)�nd that matter whi
h arrives at 1 AU has the same He to H ratio as at the wind'sbase. Sin
e there is no net separation within the solar wind, it is premature toinfer that all 
oronal type winds are 
hemi
ally di�erentiated. Moreover, windstru
tures in A star 
oronas would probably be quite di�erent sin
e many metalsthat are neutral in G and F star photospheres are ionized in A star photospheres. Itis thus very di�
ult to 
ompare the solar wind to other 
oronal winds, parti
ularlyfor hotter stars.2.4.2.2 Radiatively driven windsBabel (1995) found that for stars within 8000 ≤ Te� ≤ 14000K, all radiativelydriven winds must be fully separated. In these stars the Coulomb 
oupling isnot su�
ient to redistribute the momentum a
quired by the heavier, radiativelya

elerated elements onto the bound, more abundant H and He (Springmann &Pauldra
h, 1992; Owo
ki & Puls, 2002; Krti£ka et al., 2003). Sin
e only metals areeje
ted from the star, the mass loss rates are mu
h smaller: between 10−16 M⊙yr−1and 10−17 M⊙yr−1. However, the multi
omponent hydrodynami
al model put forthin Babel (1995) and Babel (1996) only 
onsiders an average metal, rather thansolving for ea
h metal individually, therefore metal-spe
i�
 mass loss rates are notknown. Furthermore, the intera
tion of radiatively driven winds with magneti




54�elds as well as 
onve
tion is still poorly understood. This is parti
ularly importantfor A stars, and the 
onsequent un
ertainties require us to be 
autious before
onstraining our analysis with these results. For 
ooler stars, su
h as F stars,radiative a

elerations are not believed to be able to generate signi�
ant mass loss(Abbott, 1982).Unglaub (2008) found that radiatively driven winds of sdB stars must be sep-arated (a

elerated metals 
annot drag H and He) if the mass loss is smaller than
10−12 M⊙yr−1 (10 times larger than the approximate value obtained in Se
t. 2.4.2.1).However, although the author's 
al
ulations are quite thorough, they are not 
om-plete in so far as some other poorly understood fa
tors 
ould play a signi�
ant rolein determining wind properties. How does 
onve
tion or magneti
 �elds, parti
u-larly �ux tubes, a�e
t the wind stru
ture and velo
ity? Furthermore, the omissionof line shadowing in the 
al
ulations 
ould have a signi�
ant impa
t on the author'sresults6. In fa
t, the author stipulates in Se
t. 6.2 of his arti
le that in
luding lineshadowing 
ould diminish grad by a fa
tor of 100 for the stronger photoshperi
lines, thus leading to an overestimation of Ṁ by a fa
tor of 10.2.4.3 Unseparated vs. separated mass lossThe obje
t of this study is to 
onstrain the e�e
ts of mass loss solely via ob-served abundan
e anomalies. To do so, we use simple wind models in order tominimize the arbitrariness of the analysis. A

ordingly, most 
al
ulations weredone assuming simple unseparated winds, although a few 
al
ulations were also
arried out assuming separation in the wind in order to assess potential e�e
ts.Three 
ases of separated winds were 
onsidered: (1) only metals are eje
ted, (2)the separation mimi
s the solar wind with H treated as a high-FIP (First IonizationPotential; Meyer 1985) element and (3) the separation again mimi
s the solar wind6Line shadowing o

urs when the wind velo
ity is not su�
ient to Doppler shift the wind's line
enters away from �ux attenuated photospheri
 line 
enters, thus redu
ing radiative a

elerations.This is often true until the wind rea
hes the soni
 point.



55but with H as a low-FIP element.In 
ase 1, all metals are eje
ted with the same 
omposition as the stellar surfa
e,while H and He remain bound. For this s
enario, mass loss rates were varied from
10−17 to 5 × 10−16 M⊙yr−1 in order to a

ount for the fa
t that only metals areleaving the star (around 2% of the super�
ial mass fra
tion).The other s
enarios (2 and 3) 
onsider 
hemi
al separation in the solar wind asestablished by Meyer (1985), who found that elements with a FIP smaller than 9eVwere approximately 4 times more abundant relative to hydrogen in the 
orona thanin the photosphere, while higher-FIP elements, in
luding hydrogen, kept their pho-tospheri
 abundan
es. Although this s
enario is generally favored, Meyer (1996)questioned his own results a de
ade later by implying that instead of having over-abundant low-FIP elements in the wind, higher-FIP elements, in
luding H, 
ouldbe depleted in the 
orona7. Both 
on�gurations are investigated: 
ase 2 has Has a bound high-FIP element, and 
ase 3 has it as a low-FIP element. Our ap-proa
h was to divide all elements into two groups: low-FIP elements (below 11 eV)and high-FIP elements (He, C, N, O, Ne, Cl and Ar). All low-FIP elements weredepleted 4 times faster than high-FIP elements.8Numeri
ally, in 
ases (2) and (3), the destru
tion term in Eq. [2.9℄ was multi-plied by a fa
tor of 4 in the SCZ for all low-FIP elements. A weight term, whi
hwas 
ontinuously updated as 
on
entrations 
hanged in the SCZ, was added tothe denominator for normally depleted high-FIP elements to a

ount for the fa
tthat their destru
tion is not, in this 
ase, proportional to the total mass loss ratemultiplied by individual 
on
entration (Eqs. [2.7℄ and [2.9℄) sin
e their relative 
on-
entration in the photosphere is not the same as in the wind. The interior windvelo
ities are not a�e
ted sin
e the vwind term does not depend on relative 
on
en-7This question remains unanswered (see Feldman & Widing 2003 for a 
omplete review).8Helium is assumed to have a 1:1 ratio with high-FIP elements, sin
e the observations whi
hsuggest that He would have a ratio of 1:4 with these elements are questioned (see Feldman &Widing 2003).



56trations, but simply on the mass loss rate.2.5 Evolutionary modelsIn Fig. 2.4, the evolution of Te�, L, log g, the depth of the surfa
e 
onve
tionzone as well as the surfa
e Fe abundan
e are shown for a number of models. The
hosen masses were sele
ted to span the observed Te� range asso
iated with AmFmstars and Li gap stars (Preston 1974; Boesgaard & Tripi

o 1986). The lower limitalso 
orresponds to the least massive star on the main sequen
e for whi
h wepredi
t relatively large surfa
e abundan
e anomalies (see Se
t. 2.5.3). All modelsare shown for the same mass loss rate (10−13 M⊙yr−1). As will be seen in the nextse
tion, this mass loss rate has an e�e
t, though very moderate, on the stru
ture viaabundan
e 
hanges (the e�e
t on He abundan
e for instan
e 
an in
rease the depthof the surfa
e 
onve
tion zone). This mass loss rate also allows surfa
e abundan
eanomalies whi
h are 
ompatible with observed abundan
e anomalies for Am stars(see Se
t. 2.5.3).The main�sequen
e lifetime ranges from about 500Myr for the 2.5 M⊙ modelto more than 3Gyr for the 1.3 M⊙ model. The Fe surfa
e abundan
e is intimately
oupled with the movement of the surfa
e 
onve
tion zone; for the models with thethinnest SCZ, Fe is predi
ted to be overabundant over most of the MS lifetime (inthe 2.5 M⊙ model by a fa
tor of about 3).All models of at least 1.5 M⊙ are marked by a rapid Fe abundan
e peak whi
ho

urs at the beginning of the main sequen
e. The rise of X(Fe), whi
h is re-lated to the depth 
hange of the surfa
e 
onve
tion zone as the star stabilizes (seeFig. 2.4f), is so rapid that it is not resolved in Fig. 2.4f. Similarly, there is a sharpspike towards the end of the MS for most models whi
h is on
e again 
orrelatedwith the sharp variation in SCZ depth (in this 
ase the most important variationis for the 1.7 M⊙ model, whi
h has a di�eren
e of a fa
tor of 2.5 in Fe abundan
e
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Figure 2.4: Evolution of Te� (a), log g (b), luminosity (
), temperature (d) andmass at the bottom of the surfa
e 
onve
tion zone (e), as well as the surfa
e Feabundan
e (f) for sele
ted masses that span the range of AmFm stars. All modelsare shown for a mass loss rate of 10−13 M⊙yr−1. The 
urves are identi�ed in panel(a). Verti
ally, they have the same order in panels (a), (
) and (f), but are inreverse order in panels (b), (d) and (e).within less than 100Myr). As we will see in the following se
tions, these variationsare larger when the mass loss rate is smaller. The HR diagram for these modelsis shown in Fig. 2.1. For 
larity, only two evolutionary tra
ks are shown from theinitially homogeneous pre-main�sequen
e up to the subgiant bran
h (the others areshown from the beginning of the main�sequen
e, although their evolution is 
al
u-lated from the pre-main�sequen
e). Di�usion and its e�e
ts on surfa
e abundan
esappear well before the arrival on the main�sequen
e (a thorough investigation ofdi�usion on the pre-main�sequen
e will be dis
ussed in Vi
k et al., in preparation).
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Figure 2.5: [Top row℄ Radiative a

elerations (solid line) and lo
al gravity (dottedline) for a few sele
ted elements in a 1.5 M⊙ model with two di�erent mass lossrates. For the 1.50W1E-13 model, the radiative a

elerations are shown for 2 ages(30 and 503Myr), while they are only shown at 500Myr for the 1.50W1E-14 model.The verti
al lines show the position of the bottom of the surfa
e H-He 
onve
tionzone. The 
orresponding internal abundan
e variations at di�erent ages (in Myr)are shown for both the 1.50W1E-13 model [middle row℄ and the 1.50W1E-14 model[bottom row℄.2.5.1 Radiative a

elerations, internal abundan
e variations and stru
-tureIn Figs. 2.5 and 2.6 the radiative a

elerations as well as the 
orrespondingspatial abundan
e variations for a few sele
ted elements are shown for models of1.5 M⊙ and 2.5 M⊙. These masses approximately 
orrespond to the lower andhigher Te� limits of AmFm stars.The MS lifetime of the 1.5 M⊙ model is about 2Gyr whereas the 2.5 M⊙ star



59has a MS lifetime of about 520Myr (see Fig. 2.4). The 1.5 M⊙ model with a massloss rate of 1×10−14 M⊙yr−1 (see bottom panel of Fig. 2.5) was stopped at 575Myrbe
ause the solution be
ame numeri
ally unstable.Throughout most of the stellar envelope, the mass loss rate does not signi�
antlya�e
t the resulting grads, as seen in the upper row of Fig. 2.5. However, if mass lossis small enough to permit iron peak a

umulation below the SCZ, as is the 
ase forthe 1.50W1E-14 model, then all grads will be a�e
ted by 
ompetition in the regionwhere metals have a

umulated.We present in Se
t. 5.1.1 and Se
t. 5.1.2 approximate equations whi
h will fa
il-itate the interpretation of the detailed solutions shown in Figs. 2.5 and 2.6, whi
hwill be dis
ussed in Se
t. 5.2.2.5.1.1 The interior wind solutionConsider the approximate solution to Eq. [2.7℄, in a regime for whi
h the ∂c
∂tterm is small 
ompared to the others (whi
h is true over most of the MS lifetime).Then one may write:

∇ · [− ρD∇ ln c + ρ(U + Uw)c℄ = 0 (2.18)if nu
lear terms are negligeable, whi
h is true for the stellar envelope, and Sw =

0, whi
h is true outside the surfa
e 
onve
tion zone. In one dimension, and inthe absen
e of turbulen
e (so that D be
omes D12, the di�usion 
oe�
ient in ahydrogen and helium ba
kground) Eq. [2.18℄ be
omes:
F(r) = r2

[

−ρD12
∂c

∂r
+ ρ(U + Uw)c

]

= cst (2.19)



60where F(r) is 
onstant as a fun
tion of r and U is approximately given by Eq. [9℄from Mi
haud et al. 1983, with a slight 
orre
tion9:
U ≃ vD = D12

[

−

(

A −
Z

2
−

1

2

)

mpg

kT
+

mpAgrad
kT

+ αT

∂ ln T

∂r

]

. (2.20)Here A and Z are the atomi
 mass and 
harge number respe
tively, and αT isthe thermal di�usion 
oe�
ient10. Sin
e the g and grad terms are multiplied by
A while the abundan
e gradient term (in Eq. [2.19℄) is not, only very large abun-dan
e gradients 
an a�e
t the di�usion velo
ity. Therefore, the internal abundan
edistribution approximately satis�es the relation:

F(r) = cst ≃ r2ρ(U + Uw)c (2.21)whi
h expresses the 
onservation of parti
le �ux throughout the stellar envelope.In this dis
ussion, for the purpose of illustration, one may also negle
t the terminvolving ∂ lnT
∂r

be
ause it is not dominant in the relevant regions of the envelope(although it is always in
luded in our 
al
ulations).The impli
ations of �ux 
onservation are illustrated in Fig. 2.7 for three atomi
spe
ies (Ca, Mn and Ni) from the 2.5 M⊙ model of Fig. 2.6. For all three spe
ies, the�ux is always positive as may be seen from the top row. While grad(Ca) is smallerthan gravity at some mass shells (middle row), the downward di�usion velo
ity ofCa is never larger than the wind velo
ity (see Fig. 2.10) so that it is dragged by thewind toward the surfa
e. In general, as long as the absolute value of the di�usionvelo
ity is smaller than the wind velo
ity, the 
on
entration simply in
reases inorder to 
onserve the �ux (as implied by Eq. [2.21℄)11. This equation may then be9 mp

kT
had been erroneously forgotten in the 2nd and 3rd terms.10This equation is not used for the 
al
ulations. For more details see Tur
otte et al. (1998b).11This resembles the results for oxygen whi
h are dis
ussed in Landstreet et al. (1998).
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Figure 2.6: [Top row℄ Radiative a

elerations (solid line) and lo
al gravity (dottedline) in a 2.5 M⊙ model with a mass loss rate of 1×10−13 M⊙yr−1. The 
orre-sponding internal abundan
e variations are shown at three ages [bottom panel℄.All 
urves are identi�ed by their age (in Myr). The verti
al lines show the positionof the bottom of the surfa
e H 
onve
tion zone.used here for all three spe
ies. As may be seen from the bottom row, after 3Myr,the 
on
entration has adjusted only down to ∆M/M∗≃ 3×10−7. Therefore, belowthis depth, the lo
al �ux (top row) mainly re�e
ts the lo
al grad. After about10Myr however, the abundan
e has adjusted to 
arry the �ux whi
h arrives fromdeep inside the star (down to log ∆M/M∗≃ −6). This may be evaluated using
∆M ≃ Ṁ×t for a mass loss rate of 10−13 M⊙yr−1. After 100Myr, the 
on
entrationhas adjusted to the �ux down to log ∆M/M∗≃ −5 and the 
on
entration be
omesthe mirror image of grad from the surfa
e to that depth as may be seen by 
omparingthe middle and bottom rows. There are Ca overabundan
es at log ∆M/M∗ = −8.5and −4.5, whi
h o

ur at grad(Ca) minima (see also Fig. 2.6), while the minimumabundan
e o

urs at the maximum of grad(Ca). However, if the wind velo
ity werenot larger than the settling velo
ity, a gradient 
ould develop to 
onserve the �ux.If this gradient 
annot be
ome large enough to 
onserve �ux, then the ∂c/∂t term(in Eq. [2.7℄), whi
h is required to be zero in the kinemati
 approximation be
omes
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Figure 2.7: Comparison of the normalized lo
al �ux with radiative a

elerationsand internal abundan
es for 3 elements at 4 di�erent ages (in Myr) for a 2.5 M⊙model with a mass loss rate of 10−13 M⊙yr−1. In the middle row, log g is identi�edat di�erent ages by the dotted lines.important, and the approximation leading to Eq. [2.21℄ be
omes invalid.The net elemental �ux toward the surfa
e qui
kly be
omes nearly 
onstantin time on
e the lo
al abundan
e has adjusted itself to 
onserve the �ux. Theremaining slow variation in time of the �ux 
omes from the variation of grad wherethe matter originated, deep in the star, at ∆M ≃ Ṁ × t.



632.5.1.2 The kinemati
 approximationBy following the analysis of Mi
haud & Charland (1986), the surfa
e abundan
eof elements whi
h are pushed upwards by grad and/or dragged by the wind through-out the stellar envelope 
an be approximated by using a simple kinemati
 equationso long as the evolutionary e�e
ts and the 
ontribution of ∂c
∂t

are small (i.e. thereis no signi�
ant a

umulation). The problem of determining surfa
e abundan
esthereby redu
es to a kinemati
 problem. The only required quantity is the lo
alvelo
ity and, 
onsequently, the radiative a

eleration. Elements whi
h originatedat r1 at t = 0 arrive at rcz, the radius at the bottom of the surfa
e 
onve
tion zoneat a time t1 given by:
t1 =

∫ rcz

r1

dr

vw + vD

. (2.22)Be
ause of �ux 
onservation, the �ux of an element A entering the 
onve
tion zoneat t1 is then given by:
φ(t1, A) = c0(A, r1)(vD,r1

+ vw,r1
)ρr1

r2
1

r2
cz

, (2.23)where c0(A, r1) is the initial abundan
e of A at r1 and vD1, vw1 and ρ1 are evaluatedat r1. This is valid for the region above whi
h vw + vD > 0 and for t < t0A, thetime required for the element A to migrate from the point where vw + vD ≃ 0 tothe bottom of the 
onve
tion zone. Sin
e di�usion times
ales are mu
h longer than
onve
tive mixing time s
ales, the 
onve
tion zone is assumed thoroughly mixed upto the bottom of the wind forming region. Within the 
ontext of unseparated massloss, the evolution of the abundan
e of A in the surfa
e 
onve
tion zone, ccz(A) 
anthen be approximated by:
Mcz

∂ccz(A)

∂t
= −Ṁccz(A) + 4πr2

czφ(t1, A), (2.24)



64where Mcz and rcz are respe
tively the mass of the super�
ial 
onve
tive zone andthe radius at the bottom of this 
onve
tion zone. Eq. [2.24℄ is not used for our
al
ulations, but is used to interpret the results.2.5.2 Dis
ussion: Internal variationsBy 
omparing Figs. 2.5 and 2.6, it is 
lear that the same mass loss rate leadsto quite di�erent internal 
on
entration variations in stars of di�erent mass. Thereare two main reasons for this. First, in the more massive star, the surfa
e 
on-ve
tion zone is mu
h thinner, therefore the radiative zone is extended upward intoregions where the di�usion times
ales are mu
h shorter. Se
ond, be
ause of the
Te�4 dependen
e of the photon �ux, most grads are stronger in more massive stars.For both models, di�usion mainly a�e
ts the outer 10−3 of the star's mass; thepoint above whi
h the e�e
ts of atomi
 di�usion be
ome visible on Figs. 2.5 and2.6 will be de�ned as the point of separation. Atomi
 di�usion 
an also a
t deeperin the star (e.g. in the 
ore), though in A and F main�sequen
e stars, its e�e
tsare mu
h smaller below than above the point of separation.2.5.2.1 The 1.5 M⊙ modelsFor the 1.5 M⊙ model with a mass loss rate of 1 × 10−13 M⊙yr−1 (hen
eforthdesignated 1.50W1E-13 for short), internal anomalies are small. Iron rea
hes anoverabundan
e of 1.5, and ni
kel of 2.0. Lithium, oxygen and 
al
ium de
rease fromthe point of separation up to the bottom of the surfa
e 
onve
tion zone. Di�eren
esin grad lead to di�eren
es in their behavior. Due to a strong grad immediately belowthe surfa
e CZ, Ca is most underabundant in that region, sin
e Ca is pushed into the
onve
tion zone by both grad and the wind while little arrives from below be
auseof the minimum in its grad at log ∆M/M∗ ∼ −4.5. At 500Myr, its underabundan
erea
hes a fa
tor of 4 while the Li underabundan
e below the SCZ is about −0.3dex.In the lower row of Fig. 2.5, one sees that when the wind is 10 times smaller,



65the internal variations are mu
h stronger sin
e the adve
tion by vwind is not strongenough to prevent elemental a

umulation. Lithium has an interesting behavior: ithas a lo
al maximum where its grad equals gravity. The underabundan
es of Li andO drop to −0.95 and −1.35 dex respe
tively, while underabundan
es greater than2 dex are rea
hed for S and Ca. Through Eq. [2.21℄, when Uw is smaller, the 
hangein U due to grad has a larger e�e
t on 
on
entration. This is parti
ularly true forFe: due to a dip in grad (see Fig. 2.5), it a

umulates near log ∆M/M∗ = −6.5(where T = 200 000K). The overabundan
es of Fe and Ni rea
h 1.25 and 1.45 dexrespe
tively. The impli
ations of this a

umulation are analyzed in Fig. 2.8. Thelo
al opa
ity bump in the region between log ∆M/M∗ ≃ −6.0 and −6.8 leads tothe appearan
e of an iron peak 
onve
tion zone (∇r −∇ad 
hanges sign) at around70Myr whi
h survives until the end of the simulation. Fe and Ni reinfor
e ea
hother. Only the 10−14 M⊙yr−1 model be
omes 
onve
tive; doubling the mass lossrate redu
es the Fe a

umulation enough for the iron peak 
onve
tion zone not toappear.In fa
t, a noteworthy transition o

urs in internal solution types between the1.50W1E-14 and 1.50W2E-14 models (Fig. 2.8). In the 1.50W1E-14 model, Fe isoverabundant where grad(Fe)> g, whereas Fe is minimal at the grad(Fe) maximumin the 1.50W2E-14 model (similarly, Ca is minimal at the grad(Ca) maximum inthe 2.50W1E-13 model shown in Fig. 2.7). This is due to the relationship between
vwind and the settling velo
ities for ea
h individual spe
ies; if the settling velo
-ity dominates lo
ally, the element will a

umulate lo
ally, and the solution willbehave as does Fe in the 1.50W1E-14 model. When vwind dominates throughoutthe envelope, the solution is determined by �ux 
onservation, as shown in Fig. 2.7.This transition separates the solution in whi
h the surfa
e abundan
es re�e
t mat-ter whi
h is adve
ted from deep inside the star (vwind >vsett) from the solution inwhi
h the surfa
e re�e
ts variations at the bottom of the SCZ (as in the modelsof Watson 1971 and Ale
ian 1996). This transition o

urs only for elements whose
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Figure 2.8: Internal abundan
es (Fe, Ni), radiative a

elerations (Fe, Ni), Rosse-land opa
ity, the di�eren
e between the radiative and adiabati
 temperature gradi-ents as well as the mean mole
ular weight per nu
leus for three 1.5 M⊙ models withdi�erent mass loss rates (10−14 M⊙yr−1 [dashed line℄, 2×10−14 M⊙yr−1 [dot-dashedline℄ and 10−13 M⊙yr−1 [solid line℄) at 70Myr (left 
olumn) and 500Myr (right 
ol-umn). At this mass, the Fe peak 
onve
tion zone (between log ∆M/M∗ = −6 and
−7) only appears for the mass loss rate of 10−14 M⊙yr−1. The H-He 
onve
tionzones remain linked for all mass loss rates.
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grad has a minimum smaller than gravity 
lose to the bottom of the SCZ.A large enough mass loss rate also a�e
ts the position of the bottom of thesurfa
e H-He 
onve
tion zone by keeping He from sinking. Sin
e it also modi�esthe a

umulation of metals, mainly iron and ni
kel, its e�e
t is 
omplex: the relativeposition of the bottom of the 
onve
tion zone for the three mass loss rates in Fig. 2.8is di�erent at 70 and 500Myr.The inversion of the mole
ular weight gradient (bottom row of Fig. 2.8 at500Myr), whi
h eventually follows the appearan
e of the iron a

umulation around200 000K, has been suggested to a�e
t the presen
e of the iron peak 
onve
tionzone (Théado et al. 2009). In the present 
al
ulations however, the iron peak 
on-ve
tion zone appears (as seen at 70Myr) before the inversion appears so that whilethe size of the 
onve
tion zone 
ould be a�e
ted by the µ gradient inversion, itsappearan
e 
annot be a�e
ted. This will be further dis
ussed in Se
t. 2.8.2.5.2.2 The 2.5 M⊙ modelsLarge overabundan
es of iron peak elements are obtained in the 2.5 M⊙ mod-els (Fig. 2.6): Ni and Fe are overabundant by fa
tors of 7.5 and 4 respe
tively.Cal
ium on the other hand is found to be up to 10 times underabundant around
log ∆M/M∗=−6.5, where its grad is near a maximum. This may seem 
ounter intu-itive but is a 
onsequen
e of Eq. [2.21℄. Sin
e the �ux is 
onserved, where vD is largeand positive, c de
reases, whi
h is pre
isely what happens for Ca just below the
onve
tion zone (see Figs. 2.6 and 2.7 and the last two paragraphs of Se
t. 2.5.1.1).Wind and di�usion velo
ities are 
ompared in Fig. 2.10. The wind velo
ityde
reases more rapidly than the di�usion velo
ity as log ∆M/M∗ in
reases. For in-stan
e, the absolute value of the 4He settling velo
ity is 50 times smaller thanthe larger of the two wind velo
ities at log ∆M/M∗ = −12 but equals it at
log ∆M/M∗ = −4.5. For smaller mass loss rates the settling velo
ity dominates
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Figure 2.9: Internal abundan
es (Fe, Ni), radiative a

elerations (Fe, Ni), Rosse-land opa
ity, the di�eren
e between the radiative and adiabati
 temperature gradi-ents as well as the mean mole
ular weight per nu
leus for two 2.5M⊙ models withdi�erent mass loss rates (10−13 M⊙yr−1 [dotted line℄ and 5× 10−14 M⊙yr−1 [dashedline℄) as well as a model with turbulen
e [solid line℄ at 30Myr (left 
olumn) andaround 250Myr (right 
olumn). The maxima in the ∇r-∇ad row are mainly due toopa
ities from H, He I, He II and Fe/Ni from left to right respe
tively.
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Figure 2.10: Wind velo
ities (long dashed line: 10−14 M⊙yr−1; dashed line:
10−13 M⊙yr−1) and di�usion velo
ities (solid when positive, towards the surfa
e,and dotted when negative) of a few sele
ted elements in two 2.50 M⊙ models at300Myr. For most spe
ies, wind velo
ities de
rease more rapidly inwards thandi�usion velo
ities.
loser to the surfa
e. Cal
ium has an upward di�usion velo
ity over the interval
−9 < log ∆M/M∗ < −6 and it is up to ten times larger than the wind velo
-ity. Fe and Li have smaller upward di�usion. Those velo
ities determine lo
al
on
entration via Eq. [2.21℄ (see the end of Se
t. 2.5.1.1).Fig. 2.9 allows an analysis of the e�e
t of varying mass loss rates on surfa
e
onve
tion zones and to distinguish the e�e
ts of mass loss from those of turbulen
e(see Se
t. 2.6). The abundan
es and grad of both Fe and Ni are presented sin
e theyare the main 
ontributors to the appearan
e of the iron peak 
onve
tion zones in1.5 M⊙ models. In 2.5 M⊙ models however, iron 
onve
tion zones do not appearfor the two mass loss rates 
onsidered. The Fe and Ni abundan
es remain slightlybelow solar where grad(Fe) and grad(Ni) are largest so that they do not lead to anin
rease of opa
ity where they 
ould 
ontribute most to opa
ity. The wind velo
ityis ten times larger than the di�usion velo
ity of Fe for log ∆M/M∗ ≥ −8 so thatEq. [2.21℄ for
es the solution to be nearly 
onstant over that range. This is to be
ontrasted with their behavior in 1.5 M⊙ models.Even a small mass loss rate di�eren
e 
an have important e�e
ts on the stellarstru
ture in 2.5 M⊙ models. For both mass loss rates 
onsidered, the He I 
onve
-



70tion zone disappears early in the evolution, at around 30Myr (see the sixth rowof Fig. 2.9). The He II 
onve
tion zone on the other hand only disappears in themodel with the smaller mass loss rate, the 2.50W5E-14 model, at around 200Myr.This is be
ause the inward di�usion velo
ity of He dominates the wind velo
ity ata shallower depth than in the 2.50W1E-13 model (see Fig. 2.10), so that a morepronoun
ed He underabundan
e develops to 
onserve the �ux.2.5.3 Surfa
e abundan
e variations2.5.3.1 The 1.5 M⊙ modelsThe evolution of surfa
e abundan
es is shown for several 1.5 M⊙ models in theupper two rows of Fig. 2.11. For the 1.50W1E-12 model, the largest anomaly en-
ountered, whi
h is for Ni, rea
hes a mere 0.05 dex, and it is qui
kly �attened aftera brief period. Su
h a mass loss rate e�e
tively wipes out any surfa
e e�e
ts of
hemi
al separation. In the 1.5W1E-14 model, some of the 
al
ulated underabun-dan
es are very large (greater than 2 dex for S as well as C and Si, whi
h arenot shown). With the ex
eption of Fe, all iron peak elements are overabundantthroughout the simulation. Both Ni and Mn be
ome more than 1 dex overabundantat around 500Myr and 50Myr respe
tively.Iron surfa
e abundan
es are parti
ularly interesting for this model sin
e it isthe only one to have an iron surfa
e underabundan
e whi
h spans 500Myr12. Thisis due to the a

umulation of iron under the surfa
e 
onve
tion zone, and thesubsequent appearan
e of an iron peak 
onve
tion zone (see Fig. 2.8). Althoughnot shown here, a separate iron peak 
onve
tion zone is expe
ted for all simulationsfor masses between 1.47 M⊙ and 3.0 M⊙ when the mass loss rate is equal to or below
∼ 10−14 M⊙yr−1.The 1.50W2E-14 and 1.50W5E-14 models generate surfa
e iron overabundan
es12We may assume however that if the simulation had not en
ountered signi�
ant instabilities,the shown iron abundan
e trend would have 
ontinued and iron would have be
ome overabundant.



71

Figure 2.11: Surfa
e abundan
e variations for �ve 1.50 M⊙ models [top 2 rows℄ aswell as three 2.50 M⊙ [lower 2 rows℄ models with Z0 = 0.02 and varying amounts ofmass loss (in M⊙yr−1). The model was ended at around 550Myr due to numeri
alinstabilities whi
h were 
aused by the severe underabundan
es of many elements(of whi
h S is shown). It is also the only model whi
h leads to the appearan
e ofa separate iron peak 
onve
tion zone. In the bottom panel, the two models withsmaller mass loss rates lead to a surfa
e metalli
ity whi
h has a maximum around10Myr before falling below Z0 around 100Myr.of about 0.5 and 0.35 respe
tively at 300Myr. The 
al
ium abundan
e is par-ti
ularly interesting sin
e for all models, an overabundan
e is predi
ted at thebeginning of the main sequen
e evolution followed by an underabundan
e. Theunderabundan
e is present over a mu
h larger fra
tion of the evolution than theoverabundan
e. The Ca 
al
ulations are 
ompared in Fig. 2.12 with those 
arriedout by Ale
ian (1996). His 
al
ulations were undertaken in stati
 stellar models;



72therefore, evolutionary e�e
ts were not in
luded. There are also slight di�eren
esin Te� between our 
al
ulations (Te� ≃ 7200K at the beginning of di�usion butde
reases as the star evolves) and his simulations (Te� = 7500K). There are alsodi�eren
es in grad(Ca): his 
al
ulated grad(Ca) has a peak whi
h is 10 times smallerthan obtained in a model of similar Te� with our 
ode. Results are 
ompared inFig. 2.12 for three mass loss rates. In all three 
ases, the maximum anomaly as wellas the overall behavior of the 
urves 
orrespond well. The overabundan
e peaksare however not quite so wide in our 
al
ulations as in his. The agreement seemssatisfa
tory.2.5.3.2 The 2.5 M⊙ modelsIn the 2.5 M⊙ models (lower two rows of Fig. 2.11), the surfa
e abundan
es ofheavier metals (say Z > 17) 
an be 
hara
terized by two distin
t episodes: a steepabundan
e spike, followed by a smooth de
line. The initial peaked episode around10Myr shows matter whi
h was above log ∆M/M∗ ≃ −6 at the onset of di�usion,adve
ted to the surfa
e by the stellar wind.As dis
ussed at the end of Se
t. 2.5.1.1, the initial �ux distribution re�e
ts gradsin
e, originally, the 
on
entration is the same throughout the envelope; then, astime elapses, the internal abundan
es naturally evolve in su
h a way that �uxis 
onserved throughout the envelope (see Fig. 2.7). In so far as the ∂c/∂t termis negligible (i.e. �ux is 
onserved), the surfa
e re�e
ts the point in the initial�ux distribution whi
h is dragged by vwind. Therefore, when the initial internal�ux pro�le of an element has important variations near the surfa
e due to strongvariations in grad (as is the 
ase for Ca and Ni, see Fig. 2.6 and 2.7), these variationsappear on the surfa
e in a time whi
h is related to the mass loss rate.Quantitatively, in the 2.50W1E-13 model (solid line), a given element's surfa
eabundan
e at 100Myr depends on the initial �ux variations (
aused by grad varia-



73tions at t = 0)13 at a depth of ∆M ≃ Ṁ × t = 10−13 M⊙yr−1 × 108 yr ≃ 10−5 M⊙.In Fig. 2.11, the slight bump in surfa
e Ni abundan
e around 100Myr for the2.50W1E-13 model re�e
ts the small bump in the initial �ux distribution of Niaround log ∆M/M∗ ≃ −5 (see Fig. 2.7).The previous example is an appli
ation of Eq. [2.22℄ and shows that the timeit takes for a given internal variation to rea
h the surfa
e is inversely proportionalto the mass loss rate. This is further illustrated by the fa
t that the surfa
e Niabundan
e peak around 10Myr appears earlier as the mass loss rate in
reases(see Fig. 2.11). The dilution by the 
onve
tion zone (Eq. [2.24℄) is relatively smallbe
ause it has a relatively small mass. Also, the rapid variations seen aroundthis Ni abundan
e peak re�e
t the many internal �ux variations whi
h were above
log ∆M/M∗ ≃ −6 at t = 0. For a mass loss rate of 10−13 M⊙yr−1, these variationsall rea
h the surfa
e within 107 yr.As a 
onsequen
e, the nearer an internal �ux variation is to the surfa
e at t = 0,the qui
ker it appears at the surfa
e, and the qui
ker it disappears. A �ux variationthat spatially spans from the surfa
e to log ∆M/M∗ = −7 at t = 0 appears anddisappears at the surfa
e in less than one million years for a mass loss rate of
10−13 M⊙yr−1.The amplitude of the surfa
e variations also depends on the mass loss rate; asthe mass loss rate in
reases, ea
h internal variation of the �ux at t = 0 manifestsitself at the stellar surfa
e with a smaller amplitude sin
e more enri
hed/depletedmatter is eva
uated from the SCZ (Eq. [2.24℄). This is illustrated by the de
reasingamplitude of the initial surfa
e abundan
e spikes for Mn and Ni as the mass lossrate in
reases (Fig. 2.11).The 
onservation of the �ux down to log ∆M/M∗ ≃ −5.5 to −6.5 (dependingon the age and mass loss rate) has another important 
onsequen
e: di�usion be-13Remember that at t = 0, the �ux distribution is essentially proportional to the lo
al abun-dan
e multiplied by the lo
al grad sin
e the 
omposition is homogeneous.
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Figure 2.12: Evolution of Ca surfa
e abundan
es for 1.5 M⊙ models with di�erentmass loss rates. The 
al
ulations from Ale
ian (1996) are shown in bold.tween the surfa
e 
onve
tion zones (i.e. between the H and either of the two He
onve
tion zones) has pra
ti
ally no in�uen
e on the surfa
e abundan
es. Matterwhi
h originates from between the H and He 
onve
tion zones (log ∆M/M∗ ≃ −10)appears at the surfa
e within 103 years for a mass loss rate of 10−13 M⊙yr−1. Thedetailed 
al
ulation of 
hemi
al transport between these zones is then not requiredin order to a

urately obtain the surfa
e abundan
e solution. To verify the a

ura
yof this assertion a model was 
al
ulated with homogenized abundan
es between allsurfa
e 
onve
tion zones, and it was found that the surfa
e solution was pra
ti
allyidenti
al to the surfa
e solution obtained when separation was allowed betweenSCZs. After a mere 3Myr of a star's main�sequen
e life with a mass loss rate of
10−13 M⊙yr−1, anomalies whi
h appear at the surfa
e re�e
t the separation whi
ho

urs below log ∆M/M∗ = −7. Hen
e, for most of the main�sequen
e lifetime
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Figure 2.13: The e�e
t of varying initial metalli
ity on the evolution of abundan
eanomalies at the surfa
e of a 2.0 M⊙ star with a mass loss rate of 10−13 M⊙yr−1.Models are shown for Z0 = 0.01 (solid), Z0 = 0.02 (dashed line) and Z0 = 0.03(long dashed line). The original abundan
e of Li is assumed independent of Z0.of models 
ompatible with observations, the surfa
e abundan
e solution depends onthe separation whi
h takes pla
e around log ∆M/M∗ ≃ −5.5 to −6.5.This is analogous to the turbulen
e models of Ri
her et al. (2000), in whi
h sur-fa
e abundan
es depend solely on the separation whi
h o

urs below 200 000K. Inour 
al
ulations, however, abundan
e variations are present throughout the stellarenvelope be
ause no mixing is enfor
ed outside of 
onve
tion zones. In that respe
t,in the presen
e of mass loss, it is 
lear that the 
hemi
al separation responsible forthe AmFm phenomenon involves up to log ∆M/M∗ = −5 of the star's mass.2.5.3.3 The e�e
t of Z, age and Te�In Fig. 2.13, one sees that the main features of the time evolution of surfa
eabundan
es are similar for three di�erent initial metalli
ities. However varyingthe initial metalli
ity 
an have an important e�e
t on the amplitude of surfa
eanomalies, though not for all elements. For elements su
h as CNO, varying Z0 hasrelatively little e�e
t on the surfa
e abundan
e anomalies sin
e these elements arenot supported by the radiation �eld. For heavier iron peak elements, supported by



76the radiation �eld, the rami�
ations are mu
h more apparent sin
e their lines areoften saturated and �ux sharing be
omes prevalent. In fa
t, the lower metalli
itymodels have larger anomalies, when 
ompared to the original abundan
es of themodel, sin
e the same �ux is shared among fewer atoms. Also, the abundan
e peaksappear earlier during evolution as Z de
reases sin
e the grad pro�les with respe
tto ∆M/M∗ are shifted toward the surfa
e as Z de
reases. However the situationis di�erent if one 
ompares to a �xed set of abundan
es. By 
omparing Figs. 2.11and 2.13 one notes that a redu
tion of mass loss by a fa
tor of 1.5 approximately
ompensates for a redu
tion of Z0 from 0.03 to 0.02 for the absolute �nal abundan
eof Fe and other elements whi
h are supported. It however ampli�es the e�e
t ofthe redu
tion for elements whi
h are not supported by grad su
h as CNO.Figure 2.14 shows the surfa
e abundan
es as a fun
tion of atomi
 number fora 2.5 M⊙ model at �ve di�erent ages. A large overabundan
e of Ti (1.3 dex) o
-
urs as early as 5Myr be
ause grad(Ti) has a maximum near the surfa
e, andthe bump it 
auses in the original �ux is dragged by the wind. The same o
-
urs for Cr and Mn but to a lesser extent. There is also a slight overabundan
eof Li whi
h appears at this age. At 9Myr, the Ti overabundan
e has weakenedand most iron peak elements rea
h their highest values: Fe peaks at 0.65 dex andNi peaks at 1.0 dex. Throughout the star's main�sequen
e evolution, the surfa
eabundan
es 
hange only slightly, as highlighted by the similarity in the 
urvesat 70 and 250Myr. Until the �nal dredge-up (i.e. the post turn-o� in
rease inSCZ mass), whi
h begins around 520Myr, the iron peak abundan
es de
rease onlyslightly. For instan
e, Fe only drops 0.15 dex over the entire main�sequen
e life-time. The 
hanges will be slightly more signi�
ant for underabundant elementsbe
ause they are not supported by the radiation �eld, and so the amplitude of theunderabundan
es is largely dependant on time (due to settling). For CNO, thesurfa
e underabundan
es appear around 9Myr and 
ontinuously de
rease downto about −0.40, −0.38 and −0.35dex for C, N and O respe
tively, after whi
h
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Figure 2.14: Surfa
e abundan
e anomalies at �ve ages (5, 9, 70, 250 and 524 Myr)for a 2.50 M⊙ star with a mass loss rate of 10−13 M⊙yr−1.dredge-up begins. At all times, the surfa
e abundan
es re�e
t the matter whi
h isexposed by the wind at the spe
i�
 age. With that in mind, one notes from the
urve at 524Myr, that the material at log ∆M/M∗ ≃ −2 has not yet rea
hed thesurfa
e sin
e LiBeB abundan
es have not yet dipped due to material adve
ting tothe surfa
e from regions where they burn (see Fig. 2.6). At this age, the surfa
e
onve
tion zone extends down to log ∆M/M∗ = −4.5, and while iron peak elementsare now underabundant, an overabundan
e has appeared for S (and a few spe
iesof similar atomi
 mass) be
ause of the dredge up of the maximum of its abundan
eat log ∆M/M∗ ∼ −5.2 (see Fig. 2.6, one also notes the underabundan
es of Fe and



78Ni near log ∆M/M∗ ∼ −5 whi
h explain their underabundan
e at 524Myr). Thistime dependent behavior is 
ompared to models with turbulen
e in Se
t. 2.6.
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Figure 2.15: The e�e
t of varying Te� (or stellar mass) on the surfa
e abundan
epro�les of 5 models at 500Myr for a mass loss rate of 5 × 10−14 M⊙yr−1.Figure 2.15 shows the super�
ial abundan
es at 500Myr for models of di�erentmasses with the same mass loss rate (5 × 10−14 M⊙yr−1 ). The 1.3 M⊙ has mu
hsmaller anomalies than the others. At a given age, stars of 1.5 to 2.3 M⊙ havevery similar underabundan
es of elements from He to Ne, sin
e for a given massloss rate, they essentially depend on time. Iron peak overabundan
es in
rease as
Te� in
reases. This is partly 
aused by the in
rease of grad with Te� as well as bythe redu
tion of the mass of the surfa
e 
onve
tion (if the SCZ is more massive,



79the anomalies will be redu
ed by dilution). This behavior is di�erent from what isobtained in turbulen
e models, and will also be dis
ussed in Se
t. 2.6.2.5.3.4 Stars of the lithium gapThe surfa
e Li abundan
es for stars of the lithium gap without mass loss areshown in Fig. 2.16. The models heavier than 1.45 M⊙ 
eased 
onverging beforethe end of their main�sequen
e lifetime be
ause of numeri
al instabilities. In theabsen
e of mass loss, the H-He and iron peak 
onve
tion zones are split by theappearan
e of a thin radiative zone for all models of 1.47 M⊙ or more. Variationswithin this layer appear at the surfa
e of the 1.47 M⊙ model near 200Myr.A 
lose inspe
tion of Fig. 2.16 shows a distin
t separation between the 1.46 M⊙

Figure 2.16: Evolution of 7Li surfa
e abundan
es for models with masses rangingfrom 1.37 M⊙ to 1.48 M⊙ with no mass loss and Z0 = 0.02. The verti
al lineindi
ates 625Myr, the age of the Hyades open 
luster. This 
an be 
ompared toFig. 6 of Ri
her & Mi
haud (1993).



80and 1.47 M⊙ models; the 1.46 M⊙ model behaves more like the 1.45 M⊙ modelwhile the 1.47 M⊙ model's behaviour most resembles the 1.48 M⊙ model. Again,this is be
ause of the appearan
e of a radiative zone immediately above the ironpeak CZ in the 2 heavier models.The abundan
es obtained near the age of the Hyades open 
luster ranged from
−0.25dex for the 1.37 M⊙ model to −1.25dex for the 1.46 M⊙ model. Lithium isunderabundant for all models throughout evolution.By 
omparing these results with those shown in Fig. 6 of Ri
her & Mi
haud(1993), one �rst noti
es that the 
urves have very similar behavior in time; theminima o

ur at nearly the same age and the 
urve shapes are nearly identi-
al. However, the underabundan
es obtained in our 
al
ulations are systemati
allysmaller. For instan
e, their 1.43 M⊙ model is 250 times underabundant around1.23Gyr, while our 1.43 M⊙ model is only 14 times underabundant at the sameage. A 
areful analysis of the results determined that the di�eren
e was prin
ipallydue to the di�eren
e in the mass of the SCZ. If the 
onve
tion zone is homogeneousand emptied through its bottom, then:

d(X∆Mcz)

dt
= Xwiρ (2.25)where X is the mass fra
tion in the SCZ (and on the surfa
e), ∆Mcz the mass inthe SCZ, wi the di�usion velo
ity and ρ the density immediately below the SCZ.By integrating this equation and 
omparing di�usion time s
ales for the di�erentvalues of Mcz, the di�eren
es in surfa
e lithium abundan
es for models of the samemass 
an be explained by the di�eren
e in Mcz. This di�eren
e in CZ mass is mainlydue to the in
lusion of metal di�usion in our models. In fa
t, the in
reased opa
ityin our models due to heavy metal a

umulation 
onsiderably in
reases opa
ity atthe BSCZ, thereby extending it inwards.In Fig. 2.17, the surfa
e lithium abundan
es are shown for di�erent iso
hrones of
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Figure 2.17: The Te�-XLi relation at di�erent ages for the models shown in Fig. 2.16.Ea
h point represents a 
al
ulated model. This plot 
an be 
ompared dire
tly toFig. 8 of Ri
her & Mi
haud (1993).the models shown in Fig. 2.16. The gap position evolves toward 
ooler temperatureswith time. At 100Myr, only stars of 6900K have signi�
ant underabundan
es,while at 625Myr, stars as 
ool as 6700K have important underabundan
es.At 100, 200 and 400Myr, the gap obtained in the present 
al
ulations is 50-80Khotter than the gap of the same metalli
ity shown in Fig. 8 of Ri
her & Mi
haud(1993). Our gap is also slightly deeper, as the surfa
e lithium on the hotter end ofour iso
hrones keeps de
reasing where surfa
e lithium in the iso
hrones of Ri
her& Mi
haud (1993) start in
reasing. This is a result of the smaller grad(Li) obtainedin our models (see Se
t. 2.3.1.2, in parti
ular Fig. 2.3): the 
ompetition with Fede
reases grad(Li) by a fa
tor of 2, so that it doesn't rea
h g in the hotter modelsof our iso
hrones. Therefore, lithium is not supported in our di�usion only model.
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Figure 2.18: Surfa
e abundan
e evolution for sele
ted elements of 1.40 M⊙ modelswith di�erent types of wind solutions: one model with no mass loss (solid line),one model with a homogeneous mass loss rate of 10−14 M⊙yr−1(dotted line), and4 models with separated mass loss. For the separated winds, the 
on�guration isindi
ated by a number (1, 2 or 3) whi
h is explained in Se
t. 2.4.3 and in the textbelow.2.5.3.5 Separated windsThe e�e
ts of various separated wind 
on�gurations on surfa
e abundan
es of1.4 M⊙ models are illustrated in Fig. 2.18. Along with the 1.40W1E-14 unseparatedmass loss model and the pure di�usion model (no wind), three 
ases of separatedwinds were 
onsidered, as des
ribed in Se
t. 2.4.3.In 
ontrast to unseparated mass loss (dotted line) whi
h, when 
omparing tothe pure di�usion model (solid line) in Fig. 2.18, redu
es surfa
e anomalies forall elements, separated mass loss 
an a�e
t underabundant and overabundant ele-ments di�erently. In 
ase 1, for whi
h all metals are eje
ted with the same relative
on
entration as in the atmosphere whereas H and He remain bound, a mass lossrate of 1× 10−16M⊙/yr14 leads to smaller overabundan
es and larger underabun-dan
es than unseparated mass loss. This is be
ause in 
ase 1, the internal windterm this mass loss leads to is negligeable (see Eq. 2.6). Therefore, for underabun-14This is smaller than the rate of metal depletion for the unseparated model 1.40W1E-14, sin
e
Z × Ṁ = 1.999 × 10−16M⊙yr−1.



83dant elements, the surfa
e 
onve
tion zone is drained from its bottom (be
ausethe wind is too weak to support downward di�using elements), as well as from itstop (i.e. mass loss at the stellar surfa
e). Overabundant elements, on the otherhand, are depleted through the surfa
e, while the bottom of the surfa
e 
onve
tionzone is replenished by atomi
 di�usion. When the mass loss rate is in
reased to
5 × 10−16 M⊙yr−1 for 
ase 1, the overabundan
es 
an rapidly evolve into under-abundan
es sin
e, without the wind providing su�
ient replenishment from deeperinside the star, the elemental depletion at the surfa
e qui
kly dominates the re-plenishement at the bottom of the 
onve
tion zone. For the model with a massloss rate of 5 × 10−16 M⊙yr−1 underabundan
es of Li and Fe rea
h −1.5dex and
−0.95dex respe
tively at 570Myr, whereas for the 10−16 M⊙yr−1, the Li under-abundan
e rea
hes −0.55dex around 625Myr, while Fe has an overabundan
e of0.45 dex. Generalized underabundan
es are attainable in the 
ontext of 
ase 1.In 
ase 2, all low-FIP elements are depleted 4 times more rapidly than H andother high-FIP elements. Consequently, in 
omparison to the anomalies obtainedfor the 1.40W1E-14 model, the anomalies for the low-FIP elements (of whi
h Li,Mg, Ca, Mn, Fe and Ni are shown) are greater for underabunt elements and smallerfor overabundant elements, as in 
ase 1. The Fe overabundan
e is redu
ed to0.2 dex around 625Myr, and the Li underabundan
e rea
hes −0.6dex at the sameage. However, for O, whi
h is a high-FIP element, the 
urve is tu
ked in betweenthe pure di�usion and unseparated mass loss 
urves (and is therefore impossibleto see on the �gure), whi
h is what 
ould be expe
ted, sin
e the rate of depletionas seen by O, a high-FIP element, is smaller than 10−14 M⊙yr−1 be
ause the lostmass has a higher 
on
entration of low-FIP elements (see Se
t. 2.4.3).Finally, in 
ase 3, for whi
h H is in
luded among the low-FIP elements, theresults are quite di�erent: the depletion of H at the surfa
e leads to an importantin
rease of He. Sin
e the He abundan
e at the surfa
e remains slightly aboveits original value throughout the simulation, the stellar stru
ture is 
hanged as



84the H-He SCZ is mu
h deeper on the main�sequen
e than for any of the othermodels. Around 625Myr, Fe is barely underabundant, while Li is underabundantby −0.5dex15. At 625Myr, the model in 
ase 3 is 100K hotter than the three othermodels at the same age.2.6 Comparison to turbulen
e modelsAs previously mentioned, models with turbulen
e (Ri
her et al., 2000; Ri
hardet al., 2001; Mi
haud et al., 2005) have been quite su

essful at reprodu
ing ob-served properties of AmFm stars both on the surfa
e (i.e. abundan
e anomalies)and in the interior (pulsation properties of δ S
uti stars, see Tur
otte et al. 2000).These models with turbulen
e put forth a s
enario in whi
h 
hemi
al separationtakes pla
e below 200 000K, as opposed to the s
enario in whi
h 
hemi
al separa-tion immediately below the H 
onve
tion zone is responsible for AmFm abundan
eanomalies (Watson 1971; Ale
ian 1996). The models 
al
ulated with mass loss o�eran alternative s
enario whi
h is in fa
t a hybrid of both these s
enarios. On the onehand, no external mixing is enfor
ed outside of 
onve
tion zones, whi
h allows for
hemi
al separation to o

ur throughout the stellar interior. However, for most ofthe main�sequen
e lifetime, the surfa
e abundan
e is modulated by matter whi
his adve
ted from deep inside the star (while in turbulen
e models, it is mixed tothat depth). In order to determine whi
h of these s
enarios must be favored, it isparamount to di�erentiate the models so as to enable observational tests.Even when surfa
e abundan
es are quite similar in turbulent and mass loss mod-els, the interior behaves di�erently. This 
an be seen by 
omparing the 2.50W1E-13and 2.50T5.2D1M-4 models in Fig. 2.19 and Fig. 2.20. In Fig. 2.19, whi
h 
omparesthe internal 
on
entrations of all 28 elements for a model with turbulent mixingand a model with mass loss, there is a stark 
ontrast in the internal distribu-15For a given element, [X/H℄ is about 0.1 dex larger than log(Xsurf/X0) be
ause of the surfa
eunderabundan
e of H.
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0Figure 2.19: Gray 
oded 
on
entrations of two 2.50 M⊙ models at 500Myr. Thes
ale of the radius is linear although the value on the left hand side indi
ates
log ∆M/M∗. The 
ontrast is identi�ed in the right insert and spans the intervalfrom 0.3 to 1.7 times the original elemental abundan
es. The anomalies a�e
t theouter 25 % of the radius. Nu
lear e�e
ts appear for lighter elements near the stellar
ore. For the 
al
ulations shown in the left panel, the 
ompeting pro
ess is massloss while it is turbulen
e in the right panel. For these two models, the surfa
eabundan
es are nearly the same (see Fig. 2.20).tion of elements heavier than Ar, even though the surfa
e abundan
es are quitesimilar for most atomi
 spe
ies (see Fig. 2.20). The Fe abundan
e in the interval
log ∆M/M∗ ≃ −6 to −5 is 4 − 5 times larger in the turbulen
e model. The same
an be said for Ni whi
h, between log ∆M/M∗ = −7 and −5, di�ers by about afa
tor of 10. This has an important e�e
t on the lo
al Rosseland opa
ity. Theseinternal di�eren
es 
ould therefore allow for some asteroseismologi
al tests whi
h
ould help di�erentiate between the two models.With respe
t to pulsations, one notes that around 250Myr, the age of Sirius(Liebert et al. 2005), the He II 
onve
tion zone is still present in the turbulen
emodel as well as in the 2.50W1E-13 model, but not in the 2.50W5E-14 model(see Fig. 2.9). As seen in the log κR panel, opa
ities are quite similar in the He II
onve
tion zones for the 2.50W1E-13 and the turbulen
e models, therefore, themass loss model 
ould be 
ompatible with observed pulsation properties of δ S
uti



86stars (Tur
otte et al. 2000). Further investigation is required to determine if theHe II opa
ity bump in the 2.50W5E-14 model is su�
ient to drive kappa me
hanismos
illations.During evolution there are phases in whi
h important surfa
e abundan
e di�er-en
es di�erentiate models with mass loss from those with turbulen
e. For instan
e,Fig. 2.14 
an be 
ompared dire
tly to Fig. 15 of Ri
her et al. (2000). The mostglaring di�eren
e is the surfa
e behavior shortly after the onset of di�usion. Inthe turbulen
e model, abundan
e anomalies appear slowly and gradually at thesurfa
e, whereas large anomalies appear at the surfa
e as early as 5Myr in themass loss model. This is be
ause all 
hemi
al separation that o

urs near thesurfa
e, where times
ales are short, will rapidly be adve
ted to the surfa
e by thewind16 (see dis
ussion in Se
t. 2.5.3.2). In the turbulen
e models, mixing is enfor
edthroughout the upper envelope, and e�e
tively prevents any 
hemi
al separationnear the surfa
e. Likewise, the abundan
es immediately following the turn-o� arealso di�erent; while overabundant iron peak elements su
h as Mn and Fe 
an be-
ome underabundant as the SCZ exposes regions in the envelope with importantgradients (as is the 
ase at 524Myr), the internal variations in the turbulen
e 
on-text are mu
h less important (as an example, 
ompare the Fe underabundan
earound log ∆M/M∗ ≃ −5 in our Fig. 2.6 and Fig. 4 of Ri
her et al. 2000), and sothe variations at the surfa
e will also be smaller. On the main�sequen
e however,the di�eren
es between the two models are relatively quite small.Similarly, for the Te� dependen
e, Fig. 2.15 
an be 
ompared dire
tly to Fig. 16of Ri
her et al. (2000). The most glaring di�eren
e is the behaviour of iron peakelements. By 
omparing the models with masses between 1.7 and 2.3 M⊙ in both�gures, one notes that in the turbulen
e regime, the iron peak surfa
e distributionis the same for all Te�s at a given age, while there is more signi�
ant variations for16This will be dis
ussed in further detail in a forth
oming paper whi
h will look into the e�e
tsof di�usion on the pre-main�sequen
e.



87the same elements in the mass loss models within the same stellar mass interval.On the 
ontrary, the lighter elements show less variations in the mass loss modelsin 
omparison to the models with turbulen
e in the same mass interval.2.7 Comparison to observationsIn order to 
onstrain stellar models, and to determine whether turbulen
e ormass loss is the dominant ma
ros
opi
 pro
ess redu
ing surfa
e abundan
e anoma-lies, it is imperative to 
ompare our results with observations. In order to 
arry outan a

urate 
omparison one needs to 
onstrain age, mass and initial 
omposition,whi
h as shown in the previous se
tion, all a�e
t surfa
e abundan
es. To redu
ethe arbitrariness of the 
omparison, we 
hose three open 
luster stars for whi
h wehave a good evaluation of the initial metal 
ontent as well as of the approximateage. We will also 
ompare our results to the �eld star SiriusA and the binarysystem oLeonis.In the following se
tions, [N/H℄ has its usual meaning:
[N/H] = log(N/H)⋆ − log(N/H)⊙. (2.26)As mentioned in Se
t. 2.2, this paper is part of a series of papers starting withTur
otte et al. (1998b), where the mixing length used was 
alibrated using the Sunfor given boundary 
onditions, as well as helium and metal 
ontent. For 
onsisten
y,the same boundary 
ondition, solar 
omposition and mixing length are used for PopI stars. Our models lead to abundan
e variations, or anomalies, relative to thoseoriginal abundan
es. A number of observers have similarly determined anomaliesby di�erential methods with respe
t to solar abundan
es. Moreover, in the modelatmospheres used for abundan
e determinations, most observers used the solarabundan
e mix either from Anders & Grevesse (1989) or Grevesse et al. (1996).Be
ause determinations were sometimes obtained with di�erent solar photospheri




88abundan
es by di�erent observers and sometimes with di�erential methods, theirabundan
e determinations relative to the Sun (i.e. the anomalies) are used, whenavailable, rather than absolute abundan
es. The un
ertainty that ina

ura
ies insolar abundan
es lead to will be dis
ussed in Se
t. 2.8.2.7.1 Field starsSiriusA is the most studied hot Am star (Te� ≃ 9800K), with a mass of about2.14 M⊙ and an age of approximately 250Myr (Gatewood & Gatewood 1978; seealso Se
t. 4.1 of Ri
her et al. 2000). Figure 2.20 shows surfa
e abundan
e determi-nations for 19 
hemi
al spe
ies (16 of whi
h are in
luded in our 
al
ulations) from8 di�erent papers.First, for most elements, there is 
onsiderable s
atter among observers. Forinstan
e, there is a 0.3 dex di�eren
e in Si abundan
e, as well as a 0.4 dex di�eren
ein Fe abundan
e, whi
h is the most 
arefully determined element. We 
omparedthis data to 3 models with mass loss (2.50W1E-12, 2.50W1E-13 and 2.50W5E-14) as well as to the model with turbulen
e from Ri
her et al. (2000) whi
h bestreprodu
ed the data (2.50T5.2D1M-4). Of the 16 observed elements whi
h arein
luded in our 
al
ulations, 12 (He, Li, O, Na, Mg, Si, P, Ca, Ti, Cr, Fe and Ni)are well reprodu
ed by both the turbulen
e model and the 2.50W1E-13 model. It isinteresting to note that Bertin et al. (1995) determined, from Mg II lines, that theobserved mass loss rate of SiriusA is between 1.5×10−12 and 2×10−13. The overall�t is also just as good for the 2.50W5E-14 model sin
e it is also able to reprodu
ethe 
arbon abundan
e, though it perhaps overevaluates the iron peak abundan
es.The S abundan
e is not at all reprodu
ed by our 
al
ulations; however, the observergives little 
redibility to its value (Hill, 1995). It is 
lear that the model with amass loss rate of 10−12 M⊙yr−1does not lead to the observed surfa
e abundan
epattern. Finally, surfa
e abundan
e observations are not su�
iently a

urate toenable a di�erentiation between turbulen
e and mass loss models.
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Figure 2.20: Confronting models to observations of the surfa
e abundan
es of Sir-iusA (also known as α CMa, HR 2491 or HD 48915). Cir
les, Burkhart & Coupry(1991); Upright open triangles, Roby & Lambert (1990); inverted open triangles,Lambert et al. (1982); three-point stars, Lemke (1989); inverted three-point stars,Lemke (1990); squares, Hill (1995); diamonds, Hill & Landstreet (1993); asterisks,Hui-Bon-Hoa et al. (1997). Cal
ulated values are shown for 3 models with massloss (2.50W5E-14, 2.50W1E-13 an 2.501E-12), as well as the model with turbulen
e(2.50T5.2D1M-4) whi
h represents the best �t from Fig. 18 of Ri
her et al. (2000).All models were 
al
ulated with a solar (Z = 0.02) initial metalli
ity and are shownat an age of 250Myr. Vanadium, s
andium and 
obalt are grayed out sin
e theyare not in
luded in our 
al
ulations. The internal abundan
e distributions of the2.50W1E-13 and 2.50T5.2D1M-4 models are shown in Fig. 2.19.In Mi
haud et al. (2005), the binary system oLeonis (HD 83808/83809) hasbeen interpreted as 
onsisting of two AmFm stars with masses of 2.12 and1.87 M⊙ (Gri�n, 2002). The authors show that two models with turbulent mix-



90ing, of 2.24 and 1.97 M⊙ respe
tively, are able to reprodu
e the observed features(namely both positions in the H-R diagram as well as surfa
e abundan
es) of theA and B 
omponents of the binary system within the observational error bars.Similarly, models of 2.20 and 1.90 M⊙ with a mass loss rate of 5 × 10−14 M⊙yr−1are able to reprodu
e the H-R position of both 
omponents. At the age indi
atedby the squares (750Myr and 750.5Myr), the A 
omponent is in the rapid evolutionstage that follows the depletion of hydrogen in the 
ore (the luminosity 
hange isrelated to the star's adjustment to H-shell burning). At this age, the B 
omponentis still in the slowly evolving MS stage, whi
h explains why both 
ir
les overlap onthe graph.The two squares in Fig. 2.21 show that the Fe abundan
e 
an vary between
−0.2dex and 0.6 dex within the Te� error bar for the A 
omponent, while the
orresponding Ca surfa
e abundan
e varies from −0.18 to −0.4. Throughout mostof this interval, the 2.20 M⊙ model has anomalies whi
h are typi
al of Am stars(Fe overabundan
e 
oupled with a Ca underabundan
e). For either of the valuesfor the A 
omponent, the 1.90 M⊙ model has an overabundan
e of Fe of 0.4 dex
oupled with an underabundan
e of Ca whi
h attains −0.3dex, both typi
al Amstar anomalies as well.Both the turbulent model of Mi
haud et al. (2005) and the mass loss model 
anreprodu
e the AmFm 
hara
ter of 
omponents A and B. While the AmFm 
hara
terof 
omponent A 
an be �tted by the turbulent model for its exa
t observed Te�,the mass loss model only generates typi
al AmFm iron overabundan
es for a partof the error bar on the hot side of the observed Te�.2.7.2 Open 
luster starsIn Fig. 2.22, we 
ompare our results to observed abundan
e determinations forthe hot Am star 68Tau (Te� ≃ 9050K, Netopil et al. 2008) from the Hyadesopen 
luster. The 
luster age has been quoted between 625Myr (Perryman et al.
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Figure 2.21: A model of 2.2 M⊙ with a mass loss rate of 5×10−14 M⊙yr−1 (solid line)and a model of 1.9 M⊙ with the same mass loss rate (dashed line) are plotted in anH-R diagram (a). The observed position in the H-R diagram of the primary andse
ondary 
omponents of oLeonis (with error bars) are shown with 
rosses. Thesquares indi
ate two possible positions on the primary's evolution path whi
h fallwithin observational error bars. The 
ir
le indi
ates the position of the se
ondaryat the age of the primary indi
ated by the square. The surfa
e values of Fe and Caare shown relative to their original values in (b) and (
).1998) and 783Myr by Varenne & Monier (1999). Its quoted metalli
ity has also



92ranged between Z0 ≃ 0.024 (Perryman et al. 1998; Gratton 2000) 17 and Z0 = 0.03(Cayrel et al. 1985) using F and G star iron abundan
es as indi
ators. In orderto re�e
t this metalli
ity, the sele
ted models have been 
al
ulated with an initialmetalli
ity of Z0 = 0.03, whi
h was also used in models from Ri
her et al. (2000)18.We have attempted to make a 
ompromise between �tting age and Te�: threemodels have a mass of 2.50 M⊙ and one has a mass of 2.30 M⊙. The 2.50W1E-13Z0.03 and 2.50W5E-14Z0.03 models are on a short Te� upswing whi
h arises ashydrogen nears depletion in the 
ore (in Fig. 2.21 for instan
e, it is the segmentwhi
h immediately follows the main�sequen
e, spanning from log Te� ≃ 3.87 at itsbottom to log Te� ≃ 3.93 at its top). In terms of stellar age, this upswing onlylasts 3Myr before the star starts its des
ent onto the red giant bran
h. Whileit has very little e�e
t on surfa
e abundan
es, models were 
hosen at this age inorder to be 
loser to the star's surfa
e temperature. Given the large spread inabundan
es between observers, the �t is almost perfe
t with the 2.30W1E-13Z0.03model, whi
h is slightly 
ooler and younger, yet is still on the main�sequen
e. Of15 observed elements, only Na, Al and Mn (arguably just Al) are not reprodu
ed.The �t is as good if not better (be
ause of Ni) than the �t obtained with the modelwith turbulen
e. The 2.50W1e-13Z0.02 model was added in order to illustrate thee�e
t of redu
ing initial metalli
ity on absolute abundan
es (see also Fig. 2.13).The �t with observations is better than for the 2.50W1-13Z0.03 model, sin
e theiron peak abundan
es with respe
t to solar abundan
es are smaller in the lowermetalli
ity model. By 
omparing these two 
urves one 
an 
on
lude that, for agiven mass loss rate, a 0.18 dex redu
tion of initial metalli
ity 
an, at most, leadto a 0.18 dex redu
tion for elements whi
h are not supported, su
h as C, N andO, and a 0.09 dex redu
tion for elements whi
h are supported su
h as Fe. See also17Using the Hyades iron enri
hment fa
tor of Gratton (2000) to multiply the metalli
ity deter-mined by Asplund et al. (2009) for the solar mixture, the Hyades metalli
ity be
omes Z0 ≃ 0.019.The a
tual value would likely lie somewhere between 0.019 and 0.03. The 
urve with Z0 = 0.02in Fig. 2.22 illustrates the impa
t of un
ertainties.18Of 
ourse, [N/H℄ at t = 0 for models with Z0 = 0.03 is above solar for all metals.
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Figure 2.22: Observed surfa
e abundan
es of 68 Tau (also known as vB 56, HR1389 or HD 27962), the hottest star (blue straggler) from the Hyades open 
luster.Cir
les, Hui-Bon-Hoa & Ale
ian (1998); triangles, Roby & Lambert (1990); squares,Burkhart & Coupry (1989); asterisks, Takeda & Sadakane (1997). Cal
ulatedvalues are shown for 4 models with varying mass loss rates as well as the modelwith turbulen
e whi
h best reprodu
ed the data (2.30R1K-3Z0.03, see Ri
her et al.2000). One model was 
al
ulated with Z0 = 0.02, while all other models were
al
ulated with an initial metalli
ity of Z0 = 0.03. Metalli
ity is indi
ated in themodel name.Se
t. 2.5.3.3.In Fig. 2.23, we 
ompare 2 models of 1.9M⊙ with mass loss as well as a modelwith turbulen
e to the observations of the star HD 73045 (Te� ≃ 7500K) from thePraesepe open 
luster whi
h has an approximate age of 800Myr and a solar metal-
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Figure 2.23: Observed surfa
e abundan
es of HD 73045 (Te� ≃ 7500K) of thePraesepe open 
luster whi
h has an approximate age of 800Myr. Cir
les, Hui-Bon-Hoa & Ale
ian (1998); squares, Burkhart & Coupry (2000); diamonds, Fossati et al.(2007). Curves 
orrespond to models listed at the top of the �gure. All modelswere 
omputed with solar initial abundan
es (Z0 = 0.02).li
ity. There are 15 observed elements whi
h 
an be 
ompared to our simulations,although 3 determinations (N, K and Mn), result from a single line and therefore
ould be ina

urate. Again, note the large dis
repan
ies between observers. Onlythe 1.90W5E-14 and the turbulen
e model 
an reprodu
e either the overabundantiron peak elements or the underabundan
es of C and O. The abundan
es of Naand Si are not reprodu
ed by either of the models.Finally, we have 
ompared our models to observations of the Coma Bereni
esstar HD 108486 (Fig. 2.24). Coma Bereni
es is an open 
luster with an age of about
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    �1.8W1E−13   506 Myr,  T
eff

= 7922 K, log g= 4.09

    �1.8W5E−14   509 Myr,  T
eff

= 7905 K, log g= 4.08

Figure 2.24: Observed surfa
e abundan
es of HD 108486 (Te� ≃ 8180K) of theComa open 
luster whi
h has an approximate age of 500Myr. Cir
les, Hui-Bon-Hoa & Ale
ian (1998); squares, Burkhart & Coupry (2000); �ve-point stars, Gebranet al. (2008). Curves 
orrespond to models listed at the top of the �gure. All modelswere 
omputed with solar initial abundan
es (Z0 = 0.02).500Myr and with a metalli
ity whi
h is about solar. We have mat
hed the star's
Te� and age quite well with two 1.8 M⊙ models with mass loss. Ex
ept for O andNa, whi
h are not reprodu
ed by any of the two models, most elements are �ttedby both models. Assuming error bars for S and Al whi
h are similar to those forother elements, we 
an state that 10 of the 13 abundan
es 
an be reprodu
ed bythe 1.80W1E-13 model, and 9 by the 1.80W5E-14 model.Although we have opted not to add any extra �gures, our results are also 
om-patible with observations of Ca overabundan
es (see Fig. 2.12) in very young open
lusters su
h as the Pleiades (Gebran & Monier, 2008; Hui-Bon-Hoa & Ale
ian,



961998) and αPersei (Hui-Bon-Hoa, 1999). This is noteworthy sin
e models withturbulen
e do not predi
t su
h an overabundan
e (see Figs. 10 of Ri
her et al.2000).2.7.2.1 Lithium gapIn Fig. 2.25, models with and without mass loss are 
ompared to lithium, beryl-lium, 
al
ium and iron observations in and around the Hyades lithium gap. Lithiumdeterminations are shown for F stars and AmFm stars (normal A stars and otherpe
uliar A stars are omitted). Iron and 
al
ium abundan
es are shown only forstars whi
h had a lithium determination. All beryllium abundan
es for F stars inBoesgaard & King (2002) are shown19. When multiple observations for the samestar were available, the di�erent determinations are 
onne
ted by a line segment.This gives an evaluation of the un
ertainty. All models 
al
ulated with mass lossrates of 5 × 10−14 M⊙yr−1 and 1 × 10−13 M⊙yr−1 whi
h were still on the main�sequen
e at 625Myr are shown. Models with a mass loss rate of 1× 10−14 M⊙yr−1are omitted sin
e they result in surfa
e abundan
es whi
h are very similar to di�u-sion only models (
ompare the di�usion only and 1.40W1E-14 models in Fig. 2.18).Therefore in the following dis
ussion, results from di�usion only models 
an beassimilated to models with unseparated mass loss ≤ 1× 10−14 M⊙yr−1. All modelswere 
al
ulated with an initial metalli
ity of Z0 = 0.02, although the metalli
ityof the Hyades is above solar (Z = 0.024, see Se
t. 2.7.2). The original value oflithium was set to A(Li)=3.05. This value �ts lithium determinations for the starsat the top of the 
old side of the gap, whi
h, sin
e di�usion plays only a smallrole for these stars, probably re�e
t the 
luster's original Li 
ontent (unless thereis signi�
ant pre-main�sequen
e burning). Following the same logi
, A(Be) was set19Lithium abundan
es from Boesgaard & Tripi

o (1986) and Boesgaard & Budge (1988) arepreferred over the revised values from Boesgaard & King (2002) be
ause there is a greater numberof stars. Nonetheless, in the more re
ent paper, all previous determinations are revised upwardsby 0.09 to 0.4 dex.



97to 1.40.A

ording to our 
al
ulations, atomi
 di�usion in the absen
e of 
ompeting pro-
esses leads to an important redu
tion of surfa
e lithium abundan
e. The smallestlithium anomaly was obtained for the 1.10 M⊙ model, for whi
h surfa
e lithium wasredu
ed by 0.015 dex at 625Myr. The largest lithium redu
tion at 625Myr is byabout −1.4dex (or a fa
tor of 25), for the 1.46 M⊙ model without mass loss. Thisdoes not quite rea
h the bottom of the gap of Boesgaard & Tripi

o (1986)20. Asseen in Fig. 2.16, the 1.47 M⊙ model without mass loss would likely have rea
hed alower lithium abundan
e had it been able to 
onverge up to the age of the Hyades,thus re
on
iling some of the di�eren
e. In fa
t, the mass of the model whi
h wouldhave attained the lithium gap minimum 
an be dedu
ed from Fig. 2.3. Be
ause Liis not supported until grad ≃ g just below the surfa
e 
onve
tion zone at 625Myr,the heaviest model for whi
h the BSCZ is lo
ated where log T & 5.4 throughoutits evolution will represent the gap minimum, sin
e it is for this model that Li issinking fastest. From Fig. 2.3, while the 1.55 M⊙ model is 
learly on the hot sideand the 1.43 M⊙ model on the 
old side, it is the 1.46 M⊙ model that should be
losest to the bottom of the gap. Furthermore, if the 
ompetition with Fe that ispres
ribed by the OPAL opa
ities and 
al
ulated in these models without mass lossis 
orre
t, then di�usion alone 
annot explain the in
rease of Li on the hot side ofthe gap. The grad(Li) in the atomi
 di�usion only models will remain smaller than gby a fa
tor of at least 2. However, given the un
ertainties dis
ussed in Se
t. 2.3.1.1on the lo
ation of Fe lines, grad(Li) 
ould very well attain g near log T ≃ 5.3, inwhi
h 
ase lithium would be supported, and would 
onsequently exhibit di�erentsurfa
e behavior.For the models without mass loss on the 
old side of the gap, the Fe abundan
esare in agreement with observations up to about 6800K, after whi
h the 
al
ulated20It has been suggested to revise these observations upwards by up to 0.4 dex (see the dis
ussionin Se
t. 2.1.2 of Mi
haud & Charbonneau 1991 and Boesgaard & King 2002). The maximumdepletion en
ountered in the deepest part of the gap might so be 
loser to a fa
tor of 50.



98overabundan
es be
ome too large. The dis
repan
y between the Fe 
urve andthe observations for Te� < 6700K is related to our models having a solar initialmetalli
ity, whereas the Hyades stars were formed in a metal ri
h environment.The models with mass loss rates of 5 × 10−14 M⊙yr−1 and 10−13 M⊙yr−1 
an-not explain the depletion en
ountered within the gap. However, given reasonableerror bars, they are 
onsistent with the almost 
onstant lithium and berylliumabundan
es observed for Te� > 7200K. Both mass loss rates lead to models whi
hreprodu
e the observed Fe abundan
es between 6000 ≤ Te� ≤ 8200K and, in par-ti
ular, the in
rease in Fe abundan
e for Te� > 7200K, whi
h is 
ompatible with theAmFm 
hara
ter of these stars. Given the large dis
repan
ies in determinations,most Ca abundan
es are also 
ompatible with the models with mass loss.Neither the 
al
ulated gap minimum nor the shoulder on the 
old side of the gapmat
h the observed position in Te�. By 
omparison to Fig. 9 of Ri
her & Mi
haud(1993), their 
al
ulated depth for the gap (−1.6dex) resembles the depth obtainedin our 
al
ulations (−1.4dex, see dis
ussion in Se
t. 2.5.3.4). The shoulder on the
old side of the gap obtained in the present 
al
ulations mat
hes the 
urve theyobtained with Z0 = 0.02 within±50K. A

ordingly, as also seen in this same Fig. 9,if we had 
hosen Z0 = 0.03 ([Fe/H℄=+0.18), some of the 150K di�eren
e wouldhave been re
uperated as the gap minimum would have been shifted toward 
oolertemperatures by 50-80K. There is also a ±50− 100K un
ertainty on the observedposition of the gap (see dis
ussion in Se
t. 2.1.2 of Mi
haud & Charbonneau 1991).The un
ertainty on the age of the Hyades (from 625 to 783Myr, see Se
t. 2.7.2)
ould also a

ount for some of the di�eren
e as illustrated in Fig. 2.17. As theage of the iso
hrones in
reases, the Te� at whi
h lithium abundan
es fall o� alsode
reases. The real problem in explaining the Li gap with atomi
 di�usion is notwith the exa
t Te� of the gap nor its depth, but rather with the 
al
ulated Feoverabundan
es whi
h are not observed, and the related di�
ulty in 
al
ulating
grad(Li) on the hot side of the gap due to Fe lines.



992.8 General dis
ussion and 
on
lusion2.8.1 Summary of resultsEvolutionary models in
luding both atomi
 di�usion and unseparated massloss explain the main abundan
e anomalies of AmFm stars (Se
t. 2.7.2). Whenmass loss is assumed to be the only ma
ros
opi
 pro
ess 
ompeting with atomi
di�usion, observed abundan
e anomalies from open 
luster stars as well as SiriusAand oLeonis 
onstrain mass loss rates to 2 − 5 times the solar mass loss rate.As shown in Se
ts. 2.7.1 and 2.7.2 models involving mass loss are as 
apable asmodels involving turbulen
e in explaining observations of AmFm stars. This isbe
ause in both instan
es, the important separation o

urs at the same depth(∆M/M∗ ≃ 10−6 − 10−5) for most of the main�sequen
e life. Whether the massloss model is to be preferred over the turbulen
e model is di�
ult to assess giventhe large observational un
ertainties. However, as shown in Fig. 2.19, the internaldistribution of elements is di�erent between the two 
ases for most elements. Withdi�eren
es rea
hing a fa
tor of 4 − 5 for abundant elements su
h as Fe, thereshould be e�e
ts on lo
al opa
ities and thus on pulsations. Asteroseismi
 tests
ould perhaps distinguish between the two21.In the mass loss regime, 
hemi
al separation a�e
ts up to 10−5 M⊙ of a star'smass or, equivalently, 20 to 25% of the stellar radius (see Fig. 2.6 and Fig. 2.19).For any given element, as long as the wind velo
ity is greater in amplitude than thedownward settling velo
ity, the lo
al abundan
e solution is determined by �ux 
on-servation; lo
al abundan
es adjust as the �ux qui
kly be
omes 
onstant throughoutthe outer envelope (see Fig. 2.7). As a result, the surfa
e abundan
es depend onmatter whi
h is adve
ted from deep inside the star (see dis
ussion in Se
t. 2.5.3.2).This di�ers from the models of Watson (1971) and Ale
ian (1996) in whi
h surfa
e21Carrier et al. (2007) did not dete
t pulsations whi
h 
ould have been a signature of irona

umulation in the Am star HD209625.



100abundan
es depend on the outer 10−10 M⊙. This 
an also be 
ontrasted to thesolution obtained in the models with weak or fully separated mass loss presentedin Se
ts. 2.5.2.1 and 2.5.3.5.When �ux is 
onserved throughout the envelope, abundan
e gradients whi
hform near the surfa
e, between surfa
e 
onve
tion zones for example, have no ef-fe
t on the surfa
e solution on
e the star has arrived on the main�sequen
e (seedis
ussion in Se
ts. 2.5.3.2 and 2.5.3.3). In this instan
e, if the age of interest isgreater than MBSCZ/Ṁ , where MBSCZ is the mass above the bottom of the deepestsurfa
e 
onve
tion zone, one 
an obtain a nearly similar surfa
e solution by approx-imating that abundan
es are homogeneous from the surfa
e to the bottom of thedeepest SCZ. However, early in the evolution, only matter from super�
ial layershas had time to be adve
ted, and thus surfa
e abundan
es obtained here dependon separation that o

urred 
lose to the surfa
e as �rst studied for Ca by Ale
ian(1996, see also Se
t. 2.5.3.1) and 
on�rmed observationally (see end of Se
t. 2.7.2).This favors models involving mass loss rather than turbulen
e. Likewise, variationsobtained near the surfa
e, whi
h do not appear in models with turbulen
e, havean e�e
t on the PMS (Fig. 2.14) and will be dis
ussed in a forth
oming paper.In all models heavier than 1.47 M⊙ without mass loss or with an unseparatedmass loss rate ≤ 1 × 10−14 M⊙yr−1, the a

umulation of Fe and Ni around T =

200 000K leads to the appearan
e of a thin radiative layer whi
h separates the ironpeak 
onve
tion zone from the surfa
e H-He 
onve
tion zone. This a

umulationforms before the appearan
e of a small inversion of the lo
al mole
ular weightgradient (see Se
t. 2.5.2.1). The in
lusion of thermohaline 
onve
tion as suggestedby Théado et al. (2009) 
ould have an e�e
t on abundan
es in the region, though
onve
tion o

urs even when there is no mole
ular weight gradient inversion. Thiswould require further investigation. Nonetheless, the appearan
e (or not) of theiron peak 
onve
tion zone does not have a signi�
ant e�e
t on the surfa
e solution,nor does it appear in models with mass loss whi
h adequately reprodu
e observed



101abundan
e anomalies of AmFm stars (Se
t. 2.7).Sin
e this paper is a part of a series whi
h explores the various ma
ros
opi
pro
esses whi
h 
ompete with atomi
 di�usion in AmFm stars, it is important thatthe models be as similar as possible to those used in previous 
al
ulations (e.g.those with turbulen
e) in order to isolate the e�e
ts due spe
i�
ally to mass loss.This is one of the primary motivations for using the same initial solar abundan
esas in previous 
al
ulations, rather than the revised Asplund et al. (2005, 2009)abundan
es (see also the dis
ussion in Se
t.2.2). Varying too many things at on
e
ould obs
ure results and introdu
e further un
ertainty. Furthermore, there is a
ontroversy on solar abundan
es, sin
e helioseismology strongly favors the older(Grevesse et al., 1996) over the newer (Asplund et al., 2005, 2009) 
omposition.One may then view the abundan
e di�eren
es between the two sets as an evalu-ation of un
ertainty. Sin
e solar abundan
es are used throughout this paper, theun
ertainty on solar abundan
es leads to un
ertainties on the absolute values ofall abundan
es. As shown in Fig. 2.22, a fa
tor of 1.5 redu
tion (or 0.18 dex) ofthe original Z leads to a similar redu
tion (0.18 dex) of the expe
ted abundan
esof atomi
 spe
ies that are not supported, as well as a smaller redu
tion of 0.09 dexfor spe
ies su
h as Fe whi
h are supported by grad. The �t for the abundan
es of68Tau is about the same for both values of Z as seen in Fig. 2.22. Equivalently,
ompensating the 
hange of Fe abundan
e would require redu
ing the mass lossrate from 10−13 M⊙yr−1 to 7 × 10−14 M⊙yr−1 a

ording to the results shown onFig. 2.11. This may be viewed as the un
ertainty on the mass loss rate resultingfrom the un
ertainty of solar abundan
es22.22To signi�
antly improve the evaluation of the e�e
t of 
hanging to another set of solar abun-dan
es would require �rst re
alibrating the mixing length using a solar model, then 
arrying out
al
ulations for AmFm stars for both turbulen
e and mass loss, as well as reanalyzing observa-tions of AmFm star abundan
es using the new solar abundan
es. This is outside the s
ope of thepresent paper.



1022.8.2 Further impli
ationsAtomi
 di�usion alone cannot explain all 
hara
teristi
s of the Hyades lithiumgap, nor 
an unseparated mass loss. The 
old side of the gap 
an only be reprodu
edby di�usion only models or models with Ṁ ≤ 1 × 10−14 M⊙yr−1, whereas the hotside of the gap and the AmFm 
hara
ter of stars for Te� ≥ 7200K require a strongermass loss rate. Moreover, separated mass loss (see Se
ts. 2.5.3.5 and 2.7.2.1) seemsrequired to explain observed Li underabundan
es near the bottom of the gap aswell as redu
e the 
al
ulated Fe overabundan
es. In Fig. 2.18, in 
omparison to thedi�usion only model, the 
urve for 
ase 2 shows both larger underabundan
es of Lias well as smaller overabundan
es of Fe. Well tuned fully separated mass loss (
ase1) 
ould do the same. Similarly, the model for 
ase 3 has a nearly �at Fe surfa
eabundan
e 
oupled with similar Li underabundan
es to the di�usion only model. Itdoes not seem justi�ed to further spe
ulate on the role of separated winds in Li gapstars until we have a better understanding of separation me
hanisms within stellarwinds. Sin
e radiative for
es generally in
rease with Te�, the above mentionedin
rease in mass loss rate seems possible if winds of A and hot F stars are radiativein nature. Sin
e a star's Te� 
hanges over time, a mass loss rate whi
h depends on
Te� (or on L∗) 
ould also vary in time (Swenson & Faulkner, 1992). Su
h e�e
tswere not introdu
ed in order to limit the number of adjustable parameters.The 
ompetition between atomi
 di�usion and meridional 
ir
ulation in 2-Dshould lead to solutions whi
h resemble those obtained with mass loss, sin
e merid-ional 
ir
ulation leads to an additional adve
tive term in the transport equation(Eq. 2.7). Therefore, be
ause the internal distribution of elements in the mass lossregime di�ers 
onsiderably from the variations en
ountered in the turbulent mixingregime (see dis
ussion in Se
t. 2.6), internal distributions due to meridional 
ir
u-lation 
ould also di�er signi�
antly from those en
ountered via turbulen
e. Hen
e,when building stellar models, one should be 
autious when repla
ing meridional
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ir
ulation, whi
h is an adve
tive pro
ess, by turbulent mixing. A 
areful study ofthe atomi
 di�usion of metals within the 
ontext of meridional 
ir
ulation, su
h asthe one 
arried out for helium in Quievy et al. (2009), 
ould help determine theimpli
ations of su
h an approximation. This 
ould perhaps lead to asteroseismi
tests whi
h 
ould distinguish between models using rotationally indu
ed turbu-len
e (Talon et al. 2006) and those using meridional 
ir
ulation (Charbonneau &Mi
haud 1988), whi
h are both used to explain the disappearan
e of the AmFm
hara
ter for rotation velo
ities greater than 100 km s−1.Observations of rapid p-mode os
illations in many Ap stars (Kurtz 1978) andin parti
ular in Przybylski's star (see also Mkrti
hian et al. 2008) have led to anumber of studies of the os
illation me
hanisms. In parti
ular, Vau
lair et al.(1991) suggested that unseparated mass loss a
ting solely in polar regions, wherethe magneti
 �eld is strongest, 
ould indu
e helium gradients whi
h are 
ompatiblewith os
illation generating models (Balmforth et al. 2001). Although di�eren
esbetween our stellar model and the one of Vau
lair et al. (1991) 
ould have an e�e
ton the predi
ted anomalies (notably the absen
e of 
onve
tion due to magneti
braking/freezing in the latter), our 
al
ulations suggest anomalies would rea
hinwards to about 25 % of the star's radius and 
ould have an important e�e
t onopa
ities. Though it would depend on the strength of the overall mass loss rate,whi
h will be smaller than the mass loss rate at the poles, a similar He depletion
ould be 
oupled with overabundan
es of iron peak elements around 200 000Kand perhaps iron 
onve
tion. It is not 
lear whether magneti
 braking/freezing orthermohaline 
onve
tion 
an stabilize iron peak 
onve
tion. Unfortunately, we arenot able to investigate this s
enario any further sin
e our models require spheri
alsymmetry.Perhaps asteroseismology will allow us to answer some of these questions, whilerevealing the relative importan
e of meridional 
ir
ulation, turbulen
e and massloss within 
hemi
ally pe
uliar stars.
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Figure 2.25: Lithium, beryllium, iron and 
al
ium abundan
es for models with andwithout mass loss at 625Myr, the approximate age of the Hyades open 
luster. Allmodels were 
al
ulated with an initial metalli
ity of Z0 = 0.02 and the originalLi abundan
e was set at N(Li)=3.05. The Li observations are from (△, and ▽for upper-limits) Boesgaard & Tripi

o (1986), (N and H) Boesgaard & Budge(1988), (�) Burkhart & Coupry (1989) and (�) Burkhart & Coupry (2000). Beabundan
es are taken from (•) Boesgaard & King (2002). Additional 
al
ium andiron abundan
es are also shown for all stars with lithium determinations: (×)Boesgaard & Friel 1990; (⋆) Takeda & Sadakane 1997; (⋄) Hui-Bon-Hoa & Ale
ian1998. All stars with multiple determinations are 
onne
ted by a line segments.Cal
ulated models are indi
ated by dots along the 
urves.
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107Ori and HD72106. This is in 
ontrast to turbulen
e models whi
h do not allowfor abundan
e anomalies to develop on the pre�main-sequen
e. The age at whi
hanomalies 
an appear depends on stellar mass.For A and F stars, the e�e
ts of atomi
 di�usion 
an modify both the internaland surfa
e abundan
es before the onset of the main�sequen
e. The appearan
e ofimportant surfa
e abundan
e anomalies on the pre�main-sequen
e does not requiremass loss, though the mass loss rate a�e
ts their amplitude. Observational testsare suggested to de
ipher the e�e
ts of mass loss from those of turbulent mixing. Ifabundan
e anomalies are 
on�rmed in pre�main-sequen
e stars they would severelylimit the role of turbulen
e in these stars.Subje
t headings: Di�usion � stars: 
hemi
ally pe
uliar � stars: mass�loss �stars: pre�main-sequen
e � stars: evolution � stars: abundan
es3.1 Astrophysi
al 
ontextThe re
ent availability of magneti
 �eld data from instruments su
h as ES-PaDOnS at the Canada-Fran
e-Hawaii Teles
ope and Narval at the Bernard LyotTeles
ope has allowed stellar physi
ists to explore long standing questions in stellarphysi
s. A �urry of re
ent studies have spe
i�
ally fo
used on observing globallyorganized magneti
 �elds in intermediate mass pre�main-sequen
e (PMS) stars inorder to determine the origin of magneti
 �elds in the 
hemi
ally pe
uliar Ap/Bpstars (Donati et al., 1997; Ale
ian et al., 2005; Wade et al., 2005; Catala et al.,2007; Ale
ian et al., 2008a,b; Folsom et al., 2008; Ale
ian et al., 2009). This isparti
ularly interesting sin
e A and B type stars have, at most, a very thin 
on-ve
tive envelope, whi
h is probably not su�
ient to generate solar type, dynamodriven, magneti
 �elds. With this in mind, the favored hypothesis used to explainthe presen
e of important magneti
 �elds (from 100G to 10 kG) in A and B main�sequen
e (MS) stars is the fossil �eld theory. In this 
ontext, the magneti
 �eld



108would either have originated in the mole
ular 
loud from whi
h the star was born,or would have been generated by a dynamo pro
ess in the 
ore during the star'searliest evolutionary stages. To test this hypothesis, the above mentioned studieshave 
on
entrated their e�orts on 
hara
terizing magneti
 �elds in Herbig (HAeBe)stars (Herbig, 1960), whi
h are believed to be the PMS progenitors of Ap/Bp stars(Wade et al., 2005).In some 
ases, namely for HD72106, RS Cha and V380 Ori, binarity allows usto probe the e�e
ts of 
hemi
al separation sin
e both stars likely had the sameinitial 
omposition. In fa
t, for at least two of these systems, the se
ondary has asolar metalli
ity, whereas the heavier primary star has an above solar metalli
ityand is likely 
hemi
ally anomalous. Sin
e atomi
 di�usion times
ales generallyde
rease when stellar mass in
reases, 
hemi
al separation 
ould perhaps o�er anexplanation.Furthermore, a more thorough analysis may allow to 
hara
terize other phe-nomena at play within these stars. What 
an the observed abundan
es tell uson the various pro
esses, su
h as 
onve
tion, mass loss and magneti
 �elds, whi
h
ompete with atomi
 di�usion? And on what times
ales 
an we expe
t signi�
antsurfa
e abundan
e anomalies? This paper will address both of these questions.In Vi
k et al. (2010) (hereafter Paper I), stellar evolution models with mass losswere introdu
ed and shown to reprodu
e observed surfa
e abundan
e anomaliesfor many AmFm stars. However, observed abundan
e anomalies do not allow todetermine whether it is mass loss or turbulen
e whi
h is 
ompeting with atomi
di�usion within the radiative zone of these stars. It was nonetheless established thatthe surfa
e anomalies of AmFm stars were modulated by 
hemi
al separation whi
ho

urs deep within the star. Indeed, for both the mass loss models and modelswith turbulent mixing (Ri
her et al., 2000; Ri
hard et al., 2001, and referen
estherein), 
hemi
al separation near log ∆M/M∗ ≃ −5 to −6 is responsible for theanomalous surfa
e behavior. For PMS stars on the other hand, 
hemi
al separation



109whi
h o

urs at this depth 
annot explain observed abundan
e anomalies sin
e thetimes
ales are mu
h too long. In mass loss models, 
hemi
al separation o

urringnear the surfa
e leads to anomalies whi
h appear at the surfa
e within a few Myr,and 
ould therefore re
on
ile observations.In the following analysis, and in our 
al
ulations, mass loss is 
onsidered in nonrotating stars, sin
e in su
h stars, mass loss 
ould be the only pro
ess 
ompetingwith atomi
 di�usion within the stable radiative zones. An outline of the mainaspe
ts of our evolution 
ode is found in Se
t. 3.2. The stellar models will bepresented in Se
t. 3.3, with parti
ular attention to the various e�e
ts of mass lossand atomi
 di�usion in the interior (Se
t. 3.3.1) and at the surfa
e (Se
t. 3.3.2) ofPMS stars. In Se
t. 3.4, the models are 
ompared to observations of various HAeBestars. Finally, in Se
t. 3.5, the impli
ations of our results on the pro
esses involvedin HAeBe and, by extension, in ApBp stars will be dis
ussed.3.2 Cal
ulationsThe detailed des
ription of the stellar evolution 
ode used for these 
omputa-tions 
an be found in Paper I and referen
es therein. At age zero, all models arefully 
onve
tive with the abundan
e mix pres
ribed in Table 1 of Tur
otte et al.(1998b). Opa
ities are 
ontinuously updated for every mesh point as abundan
esevolve. The only adjustable parameter, the mixing length parameter α, was 
al-ibrated by �tting the 
urrent radius and luminosity of the Sun (see model H ofTur
otte et al. 1998b). Radiative a

elerations are taken from Ri
her et al. (1998)with 
orre
tions due to redistribution from Gonzalez et al. (1995) and LeBlan
 et al.(2000). The introdu
tion of mass loss and its impa
t on transport are dis
ussedextensively in Se
t. 4 of Paper I.No extra mixing is enfor
ed outside of 
onve
tion zones. The e�e
ts of atomi
di�usion materialize as soon as radiative zones naturally appear as the models



110evolve toward the MS. These e�e
ts be
ome more important as the radiative zoneexpands toward the surfa
e, where atomi
 di�usion times
ales are mu
h shorter.The unseparated1 mass loss rates 
onsidered range from 10−14 to 10−13 M⊙yr−1:mass loss rates whi
h lead to surfa
e abundan
es 
ompatible with observationsof many AmFm stars. Due to un
ertainties related to the nature of winds forA and F stars (see dis
ussion in Se
t. 4.2 of Paper I), we have 
hosen to limitour investigation to unseparated winds in order to avoid introdu
ing additionaladjustable parameters.Finally, this paper is part of a series of papers starting with Tur
otte et al.(1998b), where the mixing length used was 
alibrated using the Sun for givenboundary 
onditions, helium and metal abundan
es. For 
onsisten
y, and in orderto isolate the e�e
ts of the pro
esses of interest, the same boundary 
ondition, solar
omposition and mixing length are used for all 
al
ulations of Pop I stars (see alsoSe
t. 2 of Paper I).3.3 Evolutionary modelsIn Fig. 3.1, the position in the Hertzsprung�Russell (HR) diagram, the evolutionof ∆MBSCZ
2, Te� as well as of the surfa
e abundan
es of He, 7Li, Ca and Fe areshown for four stellar models with the same mass loss rate (5 × 10−14 M⊙yr−1).Due to numeri
al instabilities related to the 
omplete disappearan
e of the surfa
e
onve
tion zone, the 2.80W5E-143 model 
ould not be 
onverged up to the main�sequen
e. Therefore, in order to 
omplete the HR diagram, the 
urve was 
ontinuedusing a 2.80W1E-13 model. In this 
ase, the e�e
t of doubling the mass loss rateon the position in the HR diagram is smaller than the width of the line. Its e�e
ton surfa
e abundan
es will be dis
ussed in Se
t. 3.3.2.1Having the same 
omposition as the photosphere.2BSCZ: bottom of surfa
e 
onve
tion zone.3The expression 2.80W5E-14 
orresponds to a 2.80M⊙ model with a mass loss rate of 5 ×

10−14M⊙yr−1.



111The exa
t de�nition of the MS and, by extension, the PMS is somewhat ar-bitrary. The de�nition given by Iben (1965) stipulates that the zero age main�sequen
e (ZAMS) begins when the thermal-gravitational energy is redu
ed to oneper
ent of the luminosity of the star, although this may depend on su
h things asthe treatment of 
onve
tion (Cox, 1968). A

ording to this de�nition, immediatelyafter of the end of the PMS, indi
ated by a (×) in Fig. 3.1
, Te� and L begin vary-ing mu
h more slowly. The time spent on the PMS varies from ∼4Myr for the2.80W5E-14 model to ∼19Myr for the 1.50W5E-14 model.3.3.1 Radiative a

elerations, internal abundan
es and stru
tureEven on the PMS, the internal stru
ture and abundan
es vary signi�
antlybetween 1.5M⊙ and 2.8M⊙. In Fig. 3.2, 
onve
tion zones are shown for modelsof di�erent mass as they arrive on the ZAMS (see also Fig. 3.1b). The internaldistribution of 
onve
tion zones is strongly 
orrelated with stellar mass. For the1.50M⊙ model, the SCZ in
ludes the linked H and He 
onve
tion zones and is nevershallower than log ∆M/M∗= −7.2 (see also Fig. 3.1b). For the 1.90W5E-14 model,the surfa
e 
onve
tion zones separate into a linked H−He I CZ and a deeper He IICZ, while a separate He I CZ materializes in the heavier 2.50W5E-14 model. All
onve
tion zones disappear 
ompletely in the 2.80W5E-14 model before it has evenarrived on the MS (see Fig. 3.1b). Finally, over the entire PMS phase, the opa
itybump near log ∆M/M∗∼ −7.2 resulting from iron peak element a

umulation isnot large enough to indu
e an iron peak 
onve
tion zone for any of the three models,though iron peak opa
ity might extend the SCZ slightly inward for the 1.50W5E-14 model. If the mass loss rate is ≤ 10−14 M⊙yr−1, an iron 
onve
tion zone mayappear after the PMS (see Fig. 5 of Paper I).Signi�
ant abundan
e variations appear in the interior of our PMS models. Forexample, in the 2.50W5E-14 model (bottom row of Fig. 3.3), a 1.1dex Ca overabun-dan
e develops at log ∆M/M∗ ≃ −9.4 as early as 4Myr. It might seem puzzling



112however that su
h an overabundan
e transforms into a strong underabundan
ewhi
h rea
hes below 1dex at 30Myr. Why should the behavior at 4Myr be sodi�erent from the rest of the star's evolution and why does a strong overabundan
edevelop in a region where grad(Ca) is below gravity? The reason stems from thefa
t that the wind progressively adve
ts matter from deeper within the star. Thatdepth is simply given by:
∆M ≃ Ṁt. (3.1)So, at 4Myr, the wind brings to the surfa
e matter whi
h originates from 4 ×

106 yr · 5 × 10−14 M⊙yr−1 = 2 × 10−7 M⊙ ∼ 10−7M∗. Correspondingly, one sees inthe top row of Fig. 3.3 that the �ux is nearly 
onstant from the surfa
e down tothat depth (ex
ept over CZs), while it is 
learly not 
onstant below that depth.Naturally, the depth above whi
h the �ux is 
onserved due to adve
tion from thewind in
reases with age (
ompare the 
urves at 4, 30 and 300Myr). In order to
onserve the �ux, X(Ca) at 4Myr in
reases above ∆M/M∗ ∼ 10−7 to 
ompensatefor the de
rease in grad(Ca)4. This pro
ess 
an be des
ribed by:
F(r) = cst ≃ r2ρ(U + Uw)c (3.2)where F(r) is the lo
al �ux at radius r, ρ is the lo
al density, U and Uw are theadve
tive part of the atomi
 di�usion velo
ity and wind velo
ity respe
tively, and

c is 
on
entration5. Although gravity is stronger than grad over a fra
tion of thestellar envelope for all elements shown in Fig. 3.3, the downward di�usion velo
ityis never larger than the wind velo
ity (see Fig. 3.4 for an example with a 1.9M⊙model). Therefore, as long as the absolute value of the wind velo
ity is larger thanthe downward di�usion velo
ity, any given element is dragged toward the surfa
e,and its lo
al abundan
e adjusts in order to 
onserve �ux. Noti
e that the fra
tion4The same type of solution was obtained for oxygen in Landstreet et al. (1998).5This equation is derived and dis
ussed in Se
t. 5.1.1 of Paper I.



113of the envelope ∆M whi
h 
an be des
ribed by Eq. [ 3.2℄ in
reases with time sin
ethe wind progressively adve
ts more mass toward the surfa
e.With this in mind, one 
an understand that at t = 4Myr, the in
rease of X(Ca)above ∆M/M∗ ∼ 10−7 is generated by the large �ux arriving from regions where
grad(Ca) is larger than gravity and whi
h is 
onserved even as grad(Ca) de
reasestoward the surfa
e. As time passes, Ca arrives at the surfa
e from deeper withinthe star, where grad(Ca) is mu
h smaller than its value at ∆M/M∗ ∼ 10−7, sothat the �ux is smaller, the �ux 
onservation applies over a larger mass and thesurfa
e abundan
e 
onsequently de
reases. This shows the importan
e of a solutionover the whole star, as done here, sin
e applying an inner boundary 
ondition at
∆M/M∗ ∼ 10−7 would lead to an erroneous solution after 4Myr.On the PMS, the internal 
on
entration variations are mu
h smaller for 7Li, Oand Fe than for Ca. However, after the star arrives on the MS, as illustrated by the
urve at 30Myr, larger variations appear, in
luding a nearly ∼0.8 dex overabun-dan
e of Fe whi
h spans from the surfa
e down to log ∆M/M∗ ∼ −8.As shown in Fig. 3.4, for a mass loss rate of 10−14 M⊙yr−1, the downward di�u-sion velo
ity is greater than the wind velo
ity for some elements, whereby the �ux
onservation regime as des
ribed by Eq. [ 3.2℄ 
annot be extended to all elements.The regime shift approximately o

urs at 2 × 10−14 M⊙yr−1 (see Fig. 5 of PaperI and 
orresponding dis
ussion). This mass loss rate also marks the limit belowwhi
h iron a

umulation near T ∼ 200 000K 
an lead to iron peak 
onve
tion (seeFig. 5 of Paper I).3.3.2 Surfa
e abundan
esAn element's surfa
e abundan
e depends on age, stellar mass and mass loss rate.In Fig. 3.1, the surfa
e abundan
es of He, 7Li, Ca and Fe are shown for models of1.5, 1.9, 2.5 and 2.8M⊙ with a mass loss rate of 5 × 10−14 M⊙yr−1. As stellarmass in
reases, anomalies appear at the surfa
e earlier. For instan
e, at around



1143Myr the 2.80W5E-14 model has a 0.6 dex overabundan
e of Ca while all othermodels still have their initial abundan
es (Fig. 3.1g). The same 
an be said for Feoverabundan
es or He underabundan
es, whi
h appear later in smaller stellar massmodels. Nonetheless, it is evident that for a given element, the overall shape ofthe surfa
e abundan
e evolution 
urve is very similar for the three heavier models.This is due to two things: the appearan
e of a separate He II CZ, as well as �ux
onservation as des
ribed in the previous se
tion.For all four elements shown in Fig. 3.1, the initial, short-lived abundan
e max-ima are 
aused by evolutionary e�e
ts. The appearan
e of a radiative zone whi
hseparates the He II CZ from the SCZ allows for 
hemi
al separation to o

ur nearthe surfa
e. The dire
tion of the anomaly is determined by grad-g within that region(between log ∆M/M∗ ∼ −10.5 and −9), and thus He, 7Li and Ca be
ome under-abundant, whereas Fe develops an overabundan
e (
ompare middle panel of Fig. 3.3with Fig. 3.1). Following this brief episode, the surfa
e abundan
e is determined by�ux 
onservation, and so results from 
hemi
al separation o

urring deeper withinthe star. For instan
e, the subsequent, gradual X(Fe) in
rease results from thewind slowly adve
ting matter whi
h originated below log ∆M/M∗ ∼ −7 (for the2.50W5E-14 model), where grad(Fe) is greater than g. Similarly, the variationsof X(7Li) whi
h materialize at the surfa
e are due to variations seen in grad(7Li)between log ∆M/M∗ ∼ −7.5 and −6.The amplitude of the anomalies also depends on stellar mass. The Ca overabun-dan
e that materializes on the PMS in the three heavier models rea
hes 0.65 dex forthe 1.90W5E-14 model, while it rea
hes 1.1 dex in the 2.50W5E-14 model. The Heand 7Li underabundan
es, as well as the initial Fe overabundan
e follow the samedependen
e. The 1.50W5E-14 model behaves di�erently sin
e most of the massinterval from log ∆M/M∗ ∼ −7.5 and −6 is mixed by 
onve
tion (see Fig. 3.2).



1153.3.2.1 E�e
t of varying the mass loss rateGenerally, in
reasing the mass loss rate lowers the amplitude of surfa
e abun-dan
e anomaly extrema, as sinking elements are further adve
ted toward the surfa
ewhile supported elements are more e�e
tively eva
uated. In Fig. 3.5, the surfa
eabundan
es are shown for a 1.9M⊙ model with four di�erent mass loss rates. Forthis model, the PMS ends near 10Myr (see Fig. 3.1
). For the 1.90W5E-14 and1.90W1E-13 models, He, O and S de
rease slowly and monotonously, while Li os-
illates around its initial value. A 
al
ium overabundan
e o

urs at ∼7Myr, afterwhi
h X(Ca) returns to its original value near the end of the PMS. Iron peak el-ements are overabundant for both models throughout the PMS and onto the MS,with Fe maxima of 0.4 and 0.6 dex for the 1.90W1E-13 and 1.90W5E-14 modelsrespe
tively. For all elements, maximum amplitudes are smaller when the massloss rate is larger.The 1.90W1E-14 behaves quite di�erently: large anomalies appear very rapidly,espe
ially for sinking elements; 7Li and O underabundan
es rea
h −1.2 and −2 dexrespe
tively, while Ca is more than 100 times underabundant as soon as 
hemi
alseparation rea
hes the surfa
e. This is be
ause, in 
ontrast to the other two massloss rates, the wind generated by a mass loss rate of 10−14 M⊙yr−1 is not strongenough to dominate inward di�usion for most sinking elements. In Fig. 3.4, forinstan
e, one 
an see that for this mass loss rate, the inward di�usion velo
ity of
7Li, O and Ca is greater or equal to the wind velo
ity over an important fra
tionof the upper layers. On the other hand, supported elements behave as in the othertwo models, though with larger overabundan
es (at least up to the age of the last
onverged model). This is logi
al sin
e the weaker wind 
annot eva
uate as mu
hof the metal ri
h material whi
h has a

umulated in the SCZ.On the PMS, and for this stellar mass, only the 1.90W1E-14 model generatessu�
ient anomalies to 
ause Z to vary signi�
antly from its original value. The



1161.90W1E-12 model only allows very small abundan
e anomalies at the surfa
e(∼ 0.1 dex).3.3.2.2 Comparison to turbulen
e modelsIn the models of Ri
her et al. (2000), turbulent mixing down to T ∼ 200 000K,the depth of the iron peak CZ, is assumed to be the pro
ess whi
h 
ompetes withatomi
 di�usion in the stellar interior. However, due to e�
ient mixing, abundan
eanomalies do not appear at the surfa
e of these models until they have arrived onthe MS. The signi�
ant overabundan
e of Ca in mass loss models (Fig. 3.1f, see alsoAle
ian 1996), is not obtained in the above mentioned models with turbulen
e, andso 
ould be used as an observational test for young stars.3.4 Comparison to observationsConfronting our models to observations 
an o�er 
onstraints on mass loss ratesas well as on mixing pro
esses near the surfa
e, su
h as 
onve
tion. However, inorder to 
ompare models with observations, one must try to �t various parameterssimultaneously, in
luding age, mass (or Te�) and initial surfa
e 
omposition. Toredu
e the arbitrariness of the 
omparison, we 
hose three binary systems, sin
eboth 
omponents of su
h systems should have the same age and initial abundan
es.Unfortunately, determining this age and initial abundan
e mix is di�
ult. For allthree systems, the age dedu
ed by observers was determined using model iso
hronesin whi
h many assumptions were ne
essary. For instan
e, in all three 
ases atomi
di�usion was negle
ted, and large mass loss or a

retion rates (∼ 10−8 M⊙yr−1)were assumed. For this reason, we believe that it is preferable to �t the positionin the HR diagram from this study rather than use the age determined by otheriso
hrones. As for initial abundan
es, two of the systems have a 
hemi
ally �nor-mal" se
ondary whi
h o�ers a glimpse into the initial metal 
ontent, even though



117�normal" abundan
es 
an mean di�erent things depending on the solar mix usedas a referen
e6. However, assuming that both 
omponents of a given binary systemhave the same initial abundan
es allows us to make a di�erential 
omparison ofsurfa
e abundan
es and 
on
lude that di�eren
es between the two are 
aused byinternal pro
esses su
h as atomi
 di�usion. The 
hosen original abundan
es aren't
ru
ial for our analysis sin
e our obje
tive here is to show when abundan
e anoma-lies appear on the PMS, whi
h is not very sensitive to the initial abundan
es usedto 
onstru
t the models (see Fig. 13 and Se
t. 8.1 of Paper I).In Fig. 3.1, models are 
ompared to three observed binary systems: V380 Ori(�), HD72106 (N) and RS Cha (•), whi
h are all believed to be HAeBe stars.For the Ae star V380 Ori (Ale
ian et al. 2009), the 2.87M⊙ primary and 1.6M⊙
hemi
ally normal se
ondary are 
ompared to the 2.80W5E-14 and 1.50W5E-14models respe
tively. Within the error bars, the �t in the HR diagram is very goodand the 
orresponding age of the primary is ∼2.7Myr (the age given in Ale
ianet al. 2009 is 2±1Myr). The 2.80W5E-14 model has developed overabundan
es ofFe and Ca whi
h rea
h ∼ 0.3dex and ∼0.6 dex respe
tively. Though this model
ould only be 
onverged until 2.8Myr, it has already developed anomalies whi
hexplain the high metalli
ity ([M/H℄=0.5) determined in Ale
ian et al. (2009). Asillustrated in Fig. 3.6, most metals heavier than Z ≥ 15 are overabundant by afa
tor of ∼2−3, while CNO are barely underabundant. Lithium be
omes −0.2 dexunderabundant. At the best �tting age for the primary, the 1.50W5.14 model stillhas its initial abundan
es, whi
h also agrees with observations. The potential e�e
tof a magneti
 �eld, whi
h is observed in the primary, will be dis
ussed in Se
t. 3.5.For HD72106, the 2.4M⊙ primary and the 1.9M⊙ se
ondary are 
ompared tothe 2.50W5E-14 and 1.90W5E-14 models respe
tively. In the HR diagram, the �t6There is still mu
h debate on the newer Asplund et al. (2005) and Asplund et al. (2009)initial solar abundan
e mix for whi
h abundan
es of CNO are signi�
antly lower than the oldersolar mix of Grevesse et al. (1996); the latter are in better agreement with helioseismology models(Delahaye & Pinsonneault 2006).



118is not perfe
t, espe
ially for the primary, though this was also problemati
 in Fig. 4of Folsom et al. (2008). In fa
t, these authors suggest that at a determined ageof 6−13Myr (our best �t model is between 5�7Myr), the primary is most likelyon the ZAMS rather than the PMS. Nonetheless, they found that the primary was
hemi
ally anomalous with important overabundan
es of iron peak elements anda strong underabundan
e of He, while the se
ondary is almost solar. In the best�tting models for the primary (5�7Myr), iron overabundan
es vary from about 0.1to 0.3 dex, while Ca overabundan
es vary from about 1 dex down to about 0.3 dex.For the same age interval, the He underabundan
e varies from −0.1 to −0.15 dex.These amplitudes are smaller than the observed values. This 
ould be due to themass loss rate being too large (see Fig. 3.5). The presen
e of a magneti
 �eld andof phase variations (see Fig. 9 of Folsom et al. 2008) do not justify trying to a
hievea better �t. A pre
ise model would require 2 or 3D 
al
ulations. Furthermore,some un
ertainty remains on the exa
t amplitudes sin
e all their abundan
es weredetermined simultaneously by �tting the observed spe
tra for a single averagedphase. Over this same age interval, the se
ondary still has its initial abundan
es,whi
h agrees with observations.For RS Cha, the 1.89M⊙ primary and the 1.87M⊙ se
ondary may be 
omparedto the 1.90W5E-14 model. In the HR diagram, the slight dis
repan
y with themodel 
an be explained by the slight di�eren
e in stellar mass. Within reasonableerror bars, the model is either 
hemi
ally normal (up to 6.7Myr), or has developedan overabundan
e of Ca of about 0.4 dex a

ompanied by small underabundan
esof 7Li and He of −0.11 dex and −0.05 dex respe
tively. This model does not seemto explain the iron enri
hment fa
tor of 1.5 obtained by the authors. However,in 
ontrast to the two previous binary systems, both these stars have the same
omposition; therefore, there is no di�eren
e in 
omposition between the starsto explain, and so the initial abundan
es 
ould be responsible for the abundan
eanomalies with respe
t to the solar 
omposition. The X-ray emission observations



119of Mamajek et al. (1999) suggest that a

retion 
ould play a role. A smaller massloss rate would also lead to larger anomalies.Other young single HAeBe stars whi
h are not shown in Fig. 3.1 may also be
ompared to our models, though less reliably, sin
e we do not know the luminosity.The star HD104237 has a mass of about 2.3M⊙ (Te� = 8000K) and an approximateage of 2Myr (van den An
ker et al. 1998), as well as a magneti
 �eld of about 50G(Donati et al., 1997, 2000). It is an HAeBe star for whi
h A
ke & Waelkens (2004)found that Si, Cr and Fe abundan
es were solar, whi
h agrees with our results sin
eeven the heavier 2.50W5E-14 model is roughly normal until 3Myr (see Fig. 3.1).Similarly, HD190073, whi
h has an age of 1.2±0.6Myr and a mass of 2.85±0.25M⊙(Te� = 9250K), was also found to be roughly solar (A
ke &Waelkens 2004). Withinthe times
ales shown in Fig. 3.1, this is also 
ompatible with our results. Finally,though it has just re
ently embarked on the MS, the young magneti
 Bp 
lusterstar NGC 2244-344 whi
h has Te� ≃ 15 000K and an age of 2Myr (Bagnulo et al.2004) 
an also be 
ompared to our results. A rough extrapolation suggests thatthe observed ∼1 dex overabundan
es of Si and Fe and ∼2 dex overabundan
es ofTi and Cr, as well as the ∼1 dex underabundan
e of He 
ould simply be the resultof 
hemi
al separation whi
h began on the PMS.3.5 General dis
ussion and 
on
lusionsThough it is often assumed negligible for A and F type PMS stars, 
hemi
alseparation resulting from atomi
 di�usion 
an a�e
t both the surfa
e and interiorof these young stars. The mass in 
onve
tion zones (Fig. 3.2) and internal 
on
en-trations (Fig. 3.3) 
an be modi�ed before stars arrive on the MS. The amplitude ofthe internal 
on
entration variations depends on stellar mass. Equivalently, the ageat whi
h abundan
e anomalies appear at the surfa
e also depends on stellar mass.In the presen
e of weak mass loss, and for models with no turbulent mixing, rota-



120tion or magneti
 �elds, signi�
ant internal variations and surfa
e anomalies (bothex
eeding fa
tors of 10 for some elements) appear as early as ∼2Myr in early-typeA stars, and ∼20-25Myr in 
ooler F stars.Mass loss only slightly a�e
ts the age at whi
h abundan
e anomalies o

ur at thesurfa
e, although its in
lusion in our 
al
ulations was ne
essary in order to evolvemodels to ages of interest. This being said, mass loss does a�e
t the maximum am-plitude of surfa
e anomalies (see Fig. 3.5); a mass loss rate ≥ 10−12 M⊙yr−1 nearly�attens surfa
e abundan
e anomalies, whereas mass loss rates ≤ 10−14 M⊙yr−1 al-low strong underabundan
es of elements whi
h are not supported by the radiation�eld, and may allow the appearan
e of an iron peak CZ.The important Ca overabundan
e materializing in our models of PMS stars,whi
h is not obtained in similar models with turbulen
e, 
ould help distinguishbetween these two s
enarios (see Se
t. 3.3.2.2). If abundan
e anomalies observedon the surfa
e of A and F type PMS stars are in fa
t due to 
hemi
al separation,this strongly favors the mass loss model as presented in this paper and should be
on�rmed by asteroseismology (see also Se
t. 6 of Paper I). More pre
ise determi-nations of individual elemental abundan
es may also allow further di�erentiation.Atomi
 di�usion 
oupled with a mass loss rate whi
h is 
ompatible with obser-vations of AmFm stars may elu
idate why there are PMS binary systems su
h asV380Ori and HD72106 for whi
h the primary is 
hemi
ally anomalous while these
ondary remains roughly normal (see Se
t. 3.4). Sin
e di�usion times
ales varymore rapidly with stellar mass than with mass loss rate (
ompare Figs. 3.1 and3.5), smaller mass loss rates (or atomi
 di�usion on its own) may also explain thesesystems. More pre
ise observations of individual elements are required to further
onstrain mass loss rates. Observed abundan
e anomalies in other single PMS starsand young ApBp stars may also result from atomi
 di�usion (Se
t. 3.4), withoutthe need for other more exoti
 explanations. This being said, many PMS starshave observed magneti
 �elds, strong a

retion rates (from stellar disks) or both.



121These phenomena 
ould also have an e�e
t on transport in the external regions ofthe star.A magneti
 �eld 
an impa
t 
hemi
al transport through its e�e
ts on rotationvia magneti
 braking, by modifying 
onve
tion in the atmosphere (Cattaneo et al.2003), as well as by a�e
ting atomi
 di�usion velo
ities (Ale
ian & Stift 2006). Insingle stars for whi
h rotation 
annot be slowed by tidal for
es, strong magneti
�elds may be the only pro
ess whi
h su�
iently redu
es rotation to allow 
hemi
alseparation. Although it has to our knowledge never been shown that magneti
�elds 
an 
ompletely eliminate 
onve
tion, their topologies 
an indu
e horizontallydependent 
onve
tion and abundan
e pro�les (Babel & Mi
haud 1991), in additionto anisotropi
 mass loss and/or a

retion (Théado et al. 2005). Until these pro-
esses are better understood, and magneti
 �eld geometries are better 
onstrainedfor individual stars, it would be ill-advised to introdu
e additional magneti
 �eldrelated parameters into our 
al
ulations. The e�e
ts of magneti
 �elds on 
hemi
altransport may best be grasped through 
omparative mapping of super�
ial mag-neti
 �elds and abundan
es as done for roAp stars in Ko
hukhov & Wade (2010)and Lüftinger et al. (2010), as well as for HAeBe stars in Folsom et al. (2008).A

retion also a�e
ts elemental distribution in the atmospheres of stars. Fora

retion rates greater than approximately 10−12 M⊙yr−1, the abundan
e pro�lesin the atmosphere, and in the interior, simply re�e
t those of the a

reted material(Tur
otte & Charbonneau 1993). For a

retion rates of about 10−14 M⊙yr−1, theatmospheri
 abundan
es will be similar to the a

reted material, while abundan
egradients due to atomi
 di�usion may form below the SCZs. In both 
ases, as soonas the star stops a

reting, 
hemi
al separation resulting from atomi
 di�usiondominates within 1Myr.In terms of stellar modeling, HAeBe stars are extremely 
omplex: stellar winds,a

retion, rotation and magneti
 �elds 
ompli
ate simulations. Current models
annot a

ount for all these pro
esses without invoking multiple parameters whi
h



122may blur any a
tual physi
s taking pla
e within these stars. Though there areother pro
esses involved, it is shown that atomi
 di�usion 
an lead to abundan
eanomalies on the PMS, and that negle
ting its e�e
ts 
ould have an impa
t on
alibrating atmosphere models.3.6 A
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Figure 3.1: The position in the HR diagram (a) is shown for four models with amass loss rate of 5× 10−14 M⊙yr−1. The 
urves end (on the left) at 30 Myr, age atwhi
h all the models are on the main�sequen
e. The dotted segment of the 2.80M⊙
urve represents a model with a mass loss rate of 10−13 M⊙yr−1 and was added in(a) and (
) in order to fa
ilitate extrapolation, though it was not added in otherpanels for whi
h the mass loss rate has an e�e
t. Observations are shown in theHR diagram for three sets of binary stars: (�) V380 Ori (Ale
ian et al. 2009); (N)HD72106 (Folsom et al. 2008); (•) RS Cha (Ale
ian et al. 2005). The evolution ofthe bottom of the surfa
e 
onve
tion zone (b), Te� (
), as well as the abundan
esof He (d), 7Li (e), Ca (f) and Fe (g) are also shown. In panel (
), (×) marks theapproximate end of the PMS.
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Figure 3.2: Internal variation of ∇r − ∇ad for three models with a mass loss rateof 5× 10−14 M⊙yr−1 at the onset of the ZAMS. The surfa
e is at log ∆M/M∗=−12and transport is 
onve
tive when ∇r −∇ad > 0. For di�erent masses, the positionof 
onve
tion zones in relation to log ∆M/M∗ 
hanges slightly, though it is 
onstantin relation to T .
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Figure 3.3: Comparison of the normalized lo
al �ux with radiative a

elerationsand internal abundan
es of 7Li, O, Ca and Fe at 3 di�erent ages for the 2.50W5E-14model. The 
urves end (on the left) at the bottom of the surfa
e 
onve
tion zone.In the middle row, the dotted line represents gravity.
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Figure 3.4: Wind velo
ities (dot-dashed line: 10−14 M⊙yr−1; dashed line: 5 ×
10−14 M⊙yr−1) and di�usion velo
ities (solid when positive, toward the surfa
e,and dotted when negative) of a few sele
ted elements in a 1.90M⊙ model nearthe ZAMS. For most spe
ies, wind velo
ities de
rease more rapidly inwards thandi�usion velo
ities.

Figure 3.5: Surfa
e abundan
e variations for models of 1.9M⊙ with di�erent massloss rates whi
h are identi�ed in the lower right panel in M⊙yr−1. The verti
al lineindi
ates the approximate end of the PMS.
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Figure 3.6: Surfa
e abundan
es for models representing the 
omponents of thebinary star V380 Ori. The models were 
hosen at the age whi
h best �ts theprimary in the HR diagram (Fig. 3.1a). In both models, the mass loss rate is
5 × 10−14 M⊙yr−1.



CHAPITRE 4LES ÉTOILES DE POPULATION II ET LE PLATEAU DE SPITEPopulation II stars and the Spite plateauStellar evolution models with mass lossMathieu Vi
ka
, Georges Mi
haudb, Ja
ques Ri
her
, OlivierRi
harda,Abstra
tModels with masses between 0.6 and 0.8M⊙ were 
al
ulated with unseparatedmass loss in order to 
onstrain its potential role in metal poor dwarfs.Self-
onsistent evolutionary models in
luding all the e�e
ts of atomi
 di�usionand radiative a

elerations for 28 
hemi
al spe
ies were 
omputed and 
omparedto previous models with mass loss as well as models with turbulent mixing.For models with an initial metalli
ity of [Fe/H]0 = −2.31, mass loss rates ofabout 10−12 M⊙yr−1 lead to surfa
e abundan
e pro�les whi
h are very similar tothose obtained in models with turbulen
e. These models with turbulen
e are ableto reprodu
e observations of gala
ti
 halo lithium abundan
es, as well as lithiumand other elemental abundan
es from metal poor globular 
lusters su
h as NGC6397.aGRAAL UMR5024, Université Montpellier II, CC072, Pla
e E. Bataillon, 34095MontpellierCedex 05, Fran
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129The internal solution obtained in models with mass loss is slightly di�erent fromthe internal solution in models with turbulent mixing. The mass loss rates requiredto reprodu
e plateau-like lithium abundan
es are di�
ult to justify, however.Subje
t headings: Di�usion � stars: 
hemi
ally pe
uliar � stars: mass-loss �stars: evolution � stars: abundan
es � stars: Pop II4.1 Astrophysi
al 
ontextPopulation II stars 
an be used as tra
ers for exploring the universe's 
hemi
alevolution. Still, in order to 
orre
tly 
onne
t the 
hemi
al properties of the earlyUniverse to the 
omposition of the oldest observed stars, one must be able to mapthe evolution of their 
urrent abundan
es ba
k to their original values. Doing so
ould help elu
idate numerous questions pertaining to Big Bang nu
leosynthesis,the nature of the �rst supernovae, as well as the age of the Universe.The nearly 
onstant Li abundan
e of most low-metalli
ity ([Z/H℄< −1.5) halo�eld stars between (6300K> Te� >5500K) � otherwise known as the Spite plateau(Spite & Spite 1982; Spite et al. 1984) � has puzzled astronomers for de
ades.Originally, many inferred that this plateau was representative of the Universe'soriginal Li abundan
e, though it was promptly shown that this 
ould not be the 
ase(Mi
haud et al. 1984). Pre
ise observations of the 
osmi
 mi
rowave ba
kground,namely those from the Wilkinson Mi
rowave Anisotropi
 Ba
kground (WMAP, seeSpergel et al. 2007), have now lead to a primordial lithium abundan
e of A(7Li)1=
2.65+0.05

−0.06 (Cyburt et al. 2003; Steigman 2007), or even higher, A(7Li) = 2.72+0.05
−0.05(Cyburt et al. 2008), while the lithium 
ontent in metal poor dwarfs, ranging from

A(7Li) = 2.0 to 2.4 (Bonifa
io et al. 2007; Asplund et al. 2006; Charbonnel &Primas 2005; Meléndez & Ramírez 2004; Bonifa
io 2002), is a fa
tor of 2−3 lower.Even though Population III stars destroyed some of the primordial lithium (Piauet al. 2006), this 
annot explain the large dis
repan
y (Ryan et al. 1999).1A(Li) = log[N(Li)/N(H) + 12].



130Changing the standard Big Bang nu
leosynthesis model is another possibleexplanation, though it seems hypotheti
al (I
hikawa et al. 2004; Co
 et al. 2004;Cumberbat
h et al. 2007). This leads many to believe that the solution stems fromwithin the stars themselves. Possible stellar explanations may in
lude destru
tionvia di�erential rotation in the 
ontext of gravity waves (Talon & Charbonnel 2004;Charbonnel & Talon 2005), rotational mixing (Vau
lair 1988; Charbonnel et al.1992; Pinsonneault et al. 1999), as well as settling via atomi
 di�usion (Deliyanniset al. 1990; Pro�tt & Mi
haud 1991; Salaris et al. 2000; Ri
hard et al. 2005). Thatbeing said, the higher Li 
ontent of subgiant (SG) stars 
ompared to main�sequen
e(MS) stars in globular 
lusters (GC) su
h as NGC 6397 (Korn et al. 2007; Lindet al. 2009; González Hernández et al. 2009) favors a model in whi
h the lithiumis not destroyed, but simply sinks below the photosphere prior to dredge-up.Additional 
onstraints may stem from 
laimed observations of 6Li (Asplundet al. 2006), whi
h, with a thermonu
lear destru
tion 
ross se
tion 60 times largerthan the heavier isotope, would severely 
onstrain the stellar destru
tion of 7Li.These observations remain very un
ertain (Cayrel et al. 2007). Also, many re
entstudies have also 
laimed that below [Fe/H℄≃ −2.5, Li abundan
es lie signi�
antlybelow the Spite plateau abundan
e and with in
reased s
atter (Boesgaard et al.2005; Asplund et al. 2006).Though this was also obtained by Aoki et al. (2009) andSbordone et al. (2010), other observations suggest that there might simply be alower plateau abundan
e for extremely metal poor (EMP) stars (Meléndez et al.2010).Although the surfa
e 
onve
tion zone (SCZ) of gala
ti
 Population II stars ho-mogenizes abundan
es down to depths at whi
h atomi
 di�usion is relatively slow,the long lifetimes of these stars, whi
h rea
h the age of the Universe, allows forthe e�e
ts of 
hemi
al separation to materialize at the surfa
e. However, modelswhi
h allow atomi
 di�usion to take pla
e unimpeded lead to lithium underabun-dan
es whi
h are too large at the hot end of the plateau (Mi
haud et al. 1984). By



131enfor
ing additional turbulent mixing below the SCZ, models of metal poor starswith gravitational settling and radiative a

elerations are able to reprodu
e manyobservations of halo and globular 
luster stars (Ri
hard et al., 2002b; VandenBerget al., 2002; Ri
hard et al., 2002a, 2005; Korn et al., 2006). These same modelswere also su

essful in explaining abundan
e anomalies in AmFm (Ri
her et al.2000; Ri
hard et al. 2001) and horizontal bran
h stars (Mi
haud et al. 2007, 2008).In Vau
lair & Charbonnel (1995), gravitational settling inhibited by an unsep-arated and 
onstant mass loss rate of ∼ 3 × 10−13 M⊙yr−1 leads to near 
onstantlithium abundan
es, even at the hot end of the plateau. However, these 
al
u-lations, whi
h will be further dis
ussed in Se
t. 4.4, did not in
lude the e�e
tsof radiative a

elerations, nor did they follow atomi
 di�usion in detail for manyindividual elements; therefore, further inspe
tion is warranted.In Vi
k et al. (2010) and Vi
k et al. (submitted), hereafter Papers I and IIrespe
tively, stellar evolution models with mass loss were introdu
ed and shown toreprodu
e observed surfa
e abundan
e anomalies for many AmFm and 
hemi
allyanomalous HAeBe binary stars. To further validate the model and to help 
onstrainthe relative importan
e of mass loss with respe
t to turbulent mixing in stars, thepresent mass loss models will be 
ompared to models with turbulen
e from Ri
hardet al. (2002b) and Ri
hard et al. (2005), namely the T6.09 models, whi
h are ableto reprodu
e observations of gala
ti
 halo stars, as well as globular 
luster stars.In the following analysis, and in our 
al
ulations, mass loss is 
onsidered innon rotating stars, sin
e in su
h stars it might be the only pro
ess 
ompeting withatomi
 di�usion. To our knowledge, mass loss rates have never been observed inPopulation II MS stars, likely due to their small amplitudes; therefore, mass lossrates will be 
onstrained solely via surfa
e abundan
e anomalies. In Se
t. 4.2, theevolutionary 
al
ulations will be presented, while the results will be dis
ussed inSe
t. 4.3. In Se
ts. 4.4 and 4.5, the models with mass loss will be 
ompared toprevious evolutionary models of metal poor dwarfs with mass loss, as well as to



132models with turbulen
e. Con
lusions will follow in Se
t. 4.6.4.2 Cal
ulationsThe stellar evolution models were 
al
ulated as detailed in Paper I and refer-en
es therein. Atomi
 di�usion is 
omputed self-
onsistently with radiative a

el-erations from Ri
her et al. (1998) and 
orre
tions for redistribution from Gonzalezet al. (1995) and LeBlan
 et al. (2000). Chemi
al transport is 
omputed for all28 
hemi
al spe
ies in
luded in the OPAL database (Iglesias & Rogers 1996). Themodels are evolved from the pre�main-sequen
e (PMS) with the abundan
e mixpres
ribed in Ri
hard et al. (2002b) for Z0 = 0.00017 (or equally, [Fe/H℄= −2.31).With respe
t to the solar abundan
e mix used in Papers I and II for PopulationI stars, the relative abundan
es of alpha elements are in
reased as appropriate forPopulation II stars (VandenBerg et al. 2000). The introdu
tion of mass loss andits impa
t on transport is outlined in Paper I.No extra mixing is enfor
ed outside of 
onve
tion zones. The e�e
ts of atomi
di�usion materialize as soon as radiative zones appear as the models evolve towardthe MS. These e�e
ts be
ome more important as the radiative zone expands towardthe surfa
e, where atomi
 di�usion be
omes more e�
ient, and the 
onve
tion zonebe
omes less massive, thereby redu
ing the dilution of anomalies.The unseparated2 mass loss rates 
onsidered range from 10−13 to 10−12 M⊙yr−1,with the former value leading to surfa
e abundan
es 
ompatible with observationsof many AmFm stars. Due to un
ertainties related to the nature of winds for Pop-ulation II stars (see also dis
ussion in Se
t. 4.2 of Paper I), we have 
hosen to limitour investigation to unseparated winds in order to avoid introdu
ing additionaladjustable parameters.In order to fully 
onstrain the e�e
ts of mass loss, we have 
hosen to use the2In this 
ontext, unseparated refers to the abundan
es in the wind being the same as in thephotosphere.



133same boundary 
ondition (Krishna-Swamy 1966), and mixing length parameter, α,as in Papers I and II (see also Se
t. 2 of Paper I and VandenBerg et al. 2008). Mostmodels in Ri
hard et al. (2002b,a) and Ri
hard et al. (2005) were 
omputed withthe Eddington gray atmosphere surfa
e boundary 
ondition (see also Tur
otte et al.1998b). The main e�e
t is to 
hange the value of α. In both 
ases, the mixinglength is 
alibrated using the Sun so that very little di�eren
e remains in solartype models. Therefore, though the di�erent boundary 
onditions might lead to adi�erent evolution of SCZ depths and masses (see Fig. 9 of Ri
hard et al. 2002b),the remaining slight di�eren
e does not play a role in models with turbulen
e sin
ethe separation whi
h modulates surfa
e abundan
es usually o

urs deeper. As willbe shown in Se
t. 4.3, the same is true for the models with mass loss presented inthis paper sin
e separation also o

urs deeper within the star.4.3 Evolutionary modelsEvolutionary models of masses ranging from 0.6 to 0.8M⊙, an interval of masseswhi
h spans the Spite plateau, are shown in a Hertzprung-Russell diagram (H-R) inFig. 4.1. All the models have an initial metalli
ity of Z0 = 0.00017, and a mass lossrate of 10−12 M⊙yr−1. Figure 4.1 also shows the evolution of Te�, gravity, the depth(in mass, MBSCZ, and in temperature, TBSCZ) of the bottom of the SCZ as well asthe 
entral H mass fra
tion. At 12Gyr and 13.5Gyr, the assumed lower and upperlimits on the age of halo dwarfs, the 0.79 and 0.77M⊙ models are respe
tively atthe MS turno�.For all models, the variations in surfa
e 
onve
tion zone depth have an im-pa
t on surfa
e abundan
e evolution sin
e the e�
ien
y of atomi
 di�usion, orequivalently the di�usion velo
ity, varies with depth. Throughout the MS, MBSCZde
reases until H is exhausted in the stellar 
ore (i.e. until turno�). Althoughthis, and other parameters, depend on the mass loss rate, the e�e
t is slight (see
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Figure 4.1: The position in the Hertzprung-Russell diagram as well as the evolutionof Te�, log g, the temperature at the base of the SCZ (TBSCZ), the mass at the baseof the SCZ (MBSCZ) and the mass fra
tion of hydrogen in the 
ore (Xc) for starsof 0.6 − 0.8M⊙ with Z0 = 0.00017 and Ṁ = 10−12 M⊙yr−1.Fig. 4.2). Just before the MS turno�, there is a ∼ 125K di�eren
e in Te� betweenthe 0.8M⊙ model with di�usion only and the 0.80W1E-12 model3, while the di�er-en
e falls to about 15K between the di�usion only and 0.80W1E-13 models. The30.80W1E-12 refers to a 0.80M⊙ model with a mass loss rate of 1 × 10−12M⊙yr−1.
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Figure 4.2: The impa
t of mass loss rate on the evolution of the depth (in temper-ature and mass) of the SCZ as well as on Te� for 0.8M⊙ models.e�e
t on stellar age at the turno�, or equivalently, on the stellar lifetime, is smallerthan the line width. While MBSCZ/M∗ varies by a fa
tor of 100 (log ∆M/M∗ goesfrom ∼ −2.3 to −4.3) on the MS for a 0.80M⊙ model (Fig. 4.1), the maximume�e
t of adding mass loss is below 0.08 dex.4.3.1 Radiative a

elerations and internal abundan
e variationsWithin very short time s
ales, 
onve
tion homogenizes abundan
es from thebottom of the SCZ to the stellar surfa
e; therefore, the 
ompetition between radia-tive a

eleration (grad) and gravity below the surfa
e 
onve
tion zone determinesan element's surfa
e abundan
e. In Fig. 4.3, the internal variations of grad and
g are shown for the 0.80W1E-12 model4. The 
hanges in grad over time are dueprin
ipally to stru
ture 
hanges, sin
e the abundan
es in Population II stars with
[Fe/H]0 = −2.31 are never large enough to 
ause saturation5. For other stellarmasses, the 
ontribution of 
hanges in grad to the dependen
e of surfa
e abundan
eson stellar mass�whi
h will be dis
ussed in Se
t. 4.3.2� are not as important as4This model mass was 
hosen spe
i�
ally in order to fa
ilitate 
omparison with the modelsand �gures from Ri
hard et al. (2002b).5The mass loss rate also has little to no e�e
t on grad for this same reason, and be
ause itse�e
ts on the stru
ture are very small (see Fig. 4.2).
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Figure 4.3: Radiative a

elerations and gravity (dotted lines) at four di�erent agesfor a 0.8M⊙ model with Ṁ = 10−12 M⊙yr−1. The verti
al lines indi
ate the positionof the bottom of the SCZ.the 
ontribution of 
hanges in SCZ mass and depth (Fig. 4.1).For many elements, in
luding He, Li and O, the radiative a

eleration is alwayssmaller than gravity. These elements are underabundant at the surfa
e until dredge-



137up. Other elements su
h as Be, Mg and Fe have lo
al grad maxima just below theSCZ, whi
h, at 11 675Myr, 
auses their surfa
e abundan
es to in
rease.Sin
e, in these stars, a given element's abundan
e does not a�e
t its grad, theinternal grad variations 
an be related to its ionization state; H-like 
on�gurationslead to lo
al maxima, while He-like 
on�gurations lead to lo
al minima. As wemove toward elements with more ele
trons when not ionized, the H-like state isen
ountered at greater depths. Carbon for instan
e, is in a H-like 
on�gurationat log ∆M/M∗ ∼ −3, while for Si, this o

urs near log ∆M/M∗ ∼ −1. Someelements, in
luding Fe and Ni, never quite rea
h the H-like state6. Unlike theH-like maxima, the se
ond lo
al grad maxima, whi
h is 
learly distinguishable forall elements heavier than S, is usually greater than or equal to gravity. This gradin
rease 
orresponds to 
on�gurations between F-like and Li-like.The internal abundan
e variations 
aused by the radiative a

elerations shownin Fig. 4.3 are plotted in Fig. 4.4. For the 0.80W1E-12 model, all internal variations
aused by atomi
 di�usion are smaller than 0.2 dex (in 
ontrast to the ones 
ausedby thermonu
lear destru
tion and 
reation whi
h are en
ountered near and aroundthe stellar 
ore for Z < 8). For this mass loss rate, all elements are underabundantbelow the SCZ, and down to about log ∆M/M∗ ∼ −0.5. Below this point, ele-ments heavier that O be
ome slightly overabundant due to gravitational settling.Therefore, for these elements, there are underabundan
es of up to a fa
tor of 1.6over the outer half of the stellar mass and overabundan
es of a few per
ent overthe inner half.For models without mass loss, internal abundan
e variations be
ome mu
hgreater (Fig. 4.5). In the 0.80M⊙ di�usion only model, some elements be
ome over1 dex overabundant (Cl and K), while other elements be
ome−0.8 to−1 dex under-abundant (4He, 7Li, O and Na). These variations 
an be linked dire
tly to variations6To be more pre
ise, in the stellar 
ore, these elements arrive at an equilibrium betweenmultiple ionization 
on�gurations, in
luding the hydrogeni
 state.
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Figure 4.4: Internal abundan
e variations for the same model and ages seenin Fig. 4.3. The verti
al lines indi
ate the position of the bottom of the SCZ.At 11 675Myr, 7Li is 
ompletely depleted by thermonu
lear rea
tions below
log ∆M/M∗ = −2 (about 99% of the stellar mass).in grad. For example, the Ni underabundan
e whi
h begins at log ∆M/M∗ ∼ −2.5,and rea
hes up to the BSCZ, is 
aused by the in
rease in its grad over the samedepth interval. In this region, Ni is pushed into the SCZ, thus 
ausing the Ni
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Figure 4.5: The impa
t of mass loss rate on internal abundan
e pro�les for 0.80M⊙models. The models are shown just before turno� near 11.675Myr. Atomi
 di�u-sion a�e
ts mainly the outer 10−2 of the stellar mass.abundan
e to in
rease at the surfa
e and de
rease below the SCZ. On the 
ontrary,Ca be
omes overabundant near log ∆M/M∗ = −3.5 for the 0.80M⊙ di�usion onlymodel sin
e grad(Ca) has a lo
al maximum just below this depth.



140In general, mass loss has the e�e
t of redu
ing internal anomalies. For exam-ple, a mass loss rate of 10−13 M⊙yr−1 redu
es the underabundan
es of 4He and 7Liimmediately below the BSCZ by ∼0.2 dex, while a mass loss rate of 10−12 M⊙yr−1redu
es them by ∼0.8 dex (Fig. 4.5). Mass loss also has the e�e
t of adve
ting ele-ments for whi
h vwind is greater than the downward di�usion velo
ity. For example,at 10Gyr�or 1010yr�matter whi
h is adve
ted by a mass loss rate of 10−13 M⊙yr−1will have moved ∼ 10−3M∗ nearer the surfa
e.In fa
t, when mass loss is added, there are two possible types of internal so-lutions: those dominated by atomi
 di�usion and those dominated by mass loss(see also Se
t. 5.1.1 of Paper I). For any given model with mass loss, an element'sinternal abundan
e solution is determined by the mass loss rate wherever the as-so
iated velo
ity, vwind, is greater in amplitude than the settling velo
ity vsett. Forexample, in Fig. 4.6, one �rst notes that the depth at whi
h |vwind| ≃ |vsett|, whi
hwe will 
all the point of separation, depends on the element and on the stellar age(through stru
ture 
hanges). For the 0.80W1E-12 model, mass loss dominates theinternal solution of 7Li from the surfa
e down to log ∆M/M∗ ∼ −1.2, while thiso

urs nearer log ∆M/M∗ ∼ −0.9 for Ni. As dis
ussed in Se
t. 5.1.1 of Paper I,the 
onsequen
e is that lo
al abundan
es above the point of separation are not de-termined by the lo
al grad, but rather adjust in order to 
onserve the �ux arrivingfrom just below the point of separation. If the wind dominated solution extendsdown to ∆M , whi
h is given by ∆M = Ṁ×t, the surfa
e abundan
e re�e
ts grad/gat ∆M . If we 
ome ba
k to the previous example, at 10Gyr�or 1010yr� and fora mass loss rate of 10−13 M⊙yr−1, the surfa
e re�e
ts grad/g at ∼ 10−3M∗.For smaller mass loss rates, or when the settling velo
ity dominates lo
ally,abundan
es re�e
t lo
al variations in grad, and 
an therefore a

umulate, as is the
ase for Ca in the 0.80W1E-13 model in Fig. 4.5.
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Figure 4.6: Wind velo
ity (long dashed line) and di�usion velo
ities (solid whenpositive, towards the surfa
e, and dotted when negative) in the 0.80W1E-12 modelat two di�erent ages.4.3.2 Surfa
e abundan
e variationsFor a given metalli
ity, surfa
e abundan
es depend on stellar mass, age as wellas on the mass loss rate. The age and stellar mass dependan
e are 
learly demon-
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Figure 4.7: Evolution of surfa
e abundan
e anomalies for sele
ted stellar masseswith a mass loss rate of 10−12 M⊙yr−1.strated in Fig. 4.7, whi
h shows the evolution of surfa
e abundan
es for sele
tedmodels with a mass loss rate of 10−12 M⊙yr−1. First, for this mass loss rate, allelements are underabundant throughout MS evolution, and until dredge up ad-ve
ts layers whi
h are a�e
ted by thermonu
lear rea
tions. The maximum under-abundan
e amplitudes in
rease as stellar mass de
reases, simply be
ause settlingbe
omes more important for models with longer lifetimes. Over a large fra
tionof the stellar lifetime, the overall shape of the surfa
e abundan
e solution is quite
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Figure 4.8: Comparison of the surfa
e abundan
e anomalies for 0.8M⊙ modelswith and without mass loss as well as with the T6.09 turbulent parametrization.At 11.5Myr, these models are just before turno�.similar for all masses sin
e the overall shape of grad does not vary signi�
antly overthis mass interval.The mass loss rate also a�e
ts the surfa
e abundan
e, sin
e supported elementsare expelled through the surfa
e, and sinking elements en
ounter adve
tion from
vwind. For 0.80M⊙ models near turno� (Fig. 4.8), a mass loss rate of 10−13 M⊙yr−1redu
es He, Li and O underabundan
es obtained in the di�usion only model by alittle more than 0.1 dex, while also redu
ing overabundan
es of Cl and P by about0.8 dex. For this mass loss rate, the e�e
t is greater for supported elements, sin
ethe wind velo
ity is not large enough to over
ome settling. For other elements, the



144e�e
t is not so linear: the overabundan
es of Fe and Ni be
ome underabundan
es,while Ca and Ti be
ome more overabundant for a short period of time. For Caand Ti, this is be
ause vwind has an e�e
t just below the SCZ, where grad ≃ g(Fig. 4.3); therefore, instead of a

umulating below the SCZ, they are pushed intoit. Similarly, mass loss adve
ts the layers just below the BSCZ, where Fe and Niabundan
es are smallest, into the SCZ (see Fig. 4.5). For the two larger mass lossrates, the surfa
e anomalies are redu
ed to fa
tors mostly below about 0.2 dex.While the 0.80W1E-12 has generalized underabundan
es, the 0.80W5E-13 modelhas small overabundan
es of elements from K to Mn.4.3.2.1 Surfa
e lithium abundan
esFigure 4.9 shows lithium and iron iso
hrones for the di�usion only model, mod-els with mass loss rates of 10−12 M⊙yr−1 and 5 × 10−13 M⊙yr−1, as well as theT6.09 models at 12 Gyr and 13.5 Gyr. In the di�usion only model, large Fe andLi anomalies are obtained around the turno�: lithium de
reases by a fa
tor of upto 10 at 12 Gyr, while Fe be
omes overabundant by a fa
tor of 5. For the massloss rate of 5×10−13 M⊙yr−1, the maximum lithium underabundan
e is redu
ed to
−0.35 dex, whereas Fe overabundan
es are transformed into underabundan
es byfa
tors below −0.25 dex. For the 10−12 M⊙yr−1 model, the maximum amplitudesare further redu
ed. While the anomalies in the di�usion only model near turno�are mu
h smaller at 13.5Gyr, than at 12Gyr, this e�e
t is not as important forlithium, and is unnoti
eable for both models with mass loss.Below ∼6000K, the lithium iso
hrones with and without mass loss di�er onlyslightly for pre-turno� stars�with lithium depletions between −0.12 and −0.14 dexnear Te� = 5400K�sin
e the SCZ is too deep for mass loss to have an e�e
t.Though all three iso
hrones have de
reasing lithium abundan
es for models hotterthan ∼6000K, the underabundan
e amplitudes de
reases as the mass loss ratein
reases. At 12 Gyr, the lithium abundan
e begins in
reasing again near 6200K



145and 6400K for the models with 10−12 M⊙yr−1 and 5 × 10−13 M⊙yr−1 respe
tively.This is due to SCZ retra
tion, whi
h exposes layers for whi
h vwind is dominant.The di�usion only lithium iso
hrones do not exhibit plateau-like behaviour. Onthe other hand, the mass loss iso
hrones are mu
h �atter: the 5 × 10−13 M⊙yr−1model has a s
atter of about ∼0.1 dex and the 10−12 M⊙yr−1 model has a s
atterof about ∼0.05 dex with respe
tive plateau average values of about −0.3 dex and
−0.25 dex below the initial 7Li abundan
e.4.4 Comparison to previous models with mass lossIn previous evolutionary 
al
ulations for Population II stars with mass loss,Vau
lair & Charbonnel (1995) found that both mass loss rates of 10−12.5 (≃ 3 ×

10−13) and 10−12 M⊙yr−1 lead to lithium abundan
es that in
rease monotoni
ally(by at most 0.5 dex for the smaller mass loss rate) with Te� for 6 models rangingfrom 0.60 to 0.80M⊙. They suggest that the larger mass loss rate 
ompletely wipesout the e�e
ts of atomi
 di�usion, and leads to a primordial lithium abundan
e of
A(Li) = 2.5±0.1, whi
h is determined from the surfa
e abundan
e of their hottestmodel.Unfortunately, a dire
t 
omparison to their results is impossible, sin
e the stel-lar models are too di�erent. These di�eren
es in
lude Y0, Z0, αMLT, the surfa
eboundary 
ondition, and the di�usion of metals. As a result, the SCZ evolutionis very di�erent. By 
omparing the internal lithium pro�le of the di�usion onlymodel in Fig. 4.10 with the one from Fig. 4 of Vau
lair & Charbonnel (1995), onesees that at 10Gyr, the SCZ (i.e. the �at part of both solutions) is about 4 timesmore massive in their models. Furthermore, their 0.75M⊙ models are still on theMS (with their Te� still in
reasing) at 18Gyr, while our 0.75M⊙ models have al-ready evolved toward the subgiant bran
h at 15Gyr. The di�eren
e in Y0 is notlarge enough to explain this signi�
ant dis
repan
y7.7Though not shown, this was veri�ed by evolving models with Y0 = 0.2484, whi
h, due to



146That being said, despite the limitations in a dire
t 
omparison of the modelswith mass loss, some general results 
an be dis
ussed. For instan
e, at 10Gyr,they found that the surfa
e lithium abundan
e for the 10−12.5 M⊙yr−1 model was0.12 dex larger than in the 10−12 M⊙yr−1 model, sin
e the stronger mass loss raterea
hes into the lithium burning layers. Our models also suggest that the strongestwind drags some material from the lithium depleted layers outward. Indeed, fromFig. 4.10, the wind velo
ity for the 10−12 M⊙yr−1 model at 10Gyr dominates thesettling velo
ity down to log ∆M/M∗ = −1, the point of separation, whi
h is wellinto the burning layers. However, at 10Gyr, this has not yet rea
hed the surfa
esin
e at 1010yr, a mass loss rate of 10−12 M⊙yr−1 has only exposed to the surfa
elayers whi
h are above ∼ 10−2M∗. In the same way, mass loss adve
ted all massabove the point of separation by ∼ 10−2M∗, thus explaining the di�eren
e in thedepths at whi
h Li falls to zero in the di�usion only and 10−12 M⊙yr−1 models.Futhemore, the shape of the internal solutions in both sets of models is verydi�erent; for 10−12 M⊙yr−1, they obtain a nearly �at solution from the BSCZ downto Li burning layers, whereas our solution suggests an important atomi
 di�usionindu
ed gradient below the SCZ. In order to verify that the di�eren
e was notsimply due to evolutionary e�e
ts, namely SCZ mass, this result was 
ompared tosmaller mass models with the same mass loss rate (the 0.73W1E-12, 0.70WE1-12and 0.68W1E-12 models). Even in models with more massive SCZs, the abundan
egradient remains, sin
e it is formed below log ∆M/M∗ ∼ −2, the point above whi
hthe wind has imposed the 
onservation of �ux. The reason for these di�eren
es isnot evident.Finally, while they obtain no e�e
ts of 
hemi
al separation in all models with
10−12 M⊙yr−1, lithium settling leads to ∼0.15 dex surfa
e abundan
e redu
tions (at12Gyr) in all our models (see Fig. 4.9). In terms of iso
hrone shape, they obtainthe smaller H mass fra
tion in the 
ore, left the MS only 1Gyr earlier than for models with
Y0 = 0.2352. The models from Vau
lair & Charbonnel (1995) have Y0 = 0.2403



147a monotoni
 linear in
rease from the 
ooler stars to the hotter ones (Figs. 5 and 6of Vau
lair & Charbonnel 1995), while our iso
hrones dip between 6400K≥ Te� ≥6000K (Fig. 4.9).Some of the di�eren
es are related to the di�eren
e in models, namely the
MBSCZ evolution. Other di�eren
es 
ould in
lude the fa
t that the wind term intheir di�usion equation does not in
lude the often overlooked �ux fa
tor (mr/M∗)whi
h is required in evolutionary models (see Eq. [6℄ of Paper I)8.4.5 Comparison to models with turbulen
eAlong with des
ribing the e�e
ts of mass loss on Population II evolutionarymodels with mass loss, this paper's main obje
tive is to 
ontrast models with massloss to the ones with turbulen
e presented in Ri
hard et al. (2002b). In parti
ular,the goal is to see if a spe
i�
 mass loss rate 
an reprodu
e the surfa
e behaviorexhibited in the T6.09 models, whi
h are 
ompatible with observations of halodwarf Li abundan
es (Ri
hard et al. 2005).In Fig. 4.8, the 0.80T6.09 and 0.80W1E-12 models are shown to be very similar.Abundan
es of 4He and 7Li are about 0.02 dex smaller in models with turbulen
e,whereas elements with Z > 12 are on average about 0.03-0.04 dex smaller (witha maximum of about 0.05 dex for Ar). The di�eren
es in surfa
e abundan
es ofelements from Be to Mg are smaller than the line width.In terms of lithium and iron iso
hrones, as shown in Fig. 4.9, the di�eren
esare just as small. Both types of models lead to nearly �at abundan
es (above
Te� = 5800K), and their plateau value is nearly the same. At 12 Gyr, the maxi-mum di�eren
e in Fe abundan
e, whi
h o

urs near Te� ≃ 6100K, is about 0.07 dex,though this 
ould be due to the absen
e of turbulent models in this region. Sim-ilarly, for models hotter than Te� = 5800K, the maximum di�eren
e in 7Li abun-dan
es, whi
h o

urs at Te� ≃ 6100K, is of 0.1 dex, and 
ould again be explained8At log ∆M/M∗ = −2, this fa
tor 
hanges vwind by 1%, and by 10% at log ∆M/M∗ = −1.



148by the T6.09 iso
hrone's poor resolution. Below Te� = 5800K, the �t is not asgood, likely due to lithium destru
tion. The dis
repan
y is greater than 0.3 dex,although again, resolution is not su�
ient to 
orre
tly evaluate the di�eren
e.Whereas the surfa
e behaviour is quite similar for most models with T6.09and 10−12 M⊙yr−1, the internal solutions are a little di�erent. By 
omparingFig. 4.4 with Fig. 8 of Ri
hard et al. (2002b), one notes that in the 0.80W1E-12model, abundan
es 
hange gradually from the bottom of the SCZ down to about
log ∆M/M∗ = −1, with most variations between 0.1 and 0.15 dex. However, in the0.80T6.09 model at turno�, abundan
es are 
onstant from the surfa
e down to justbelow log ∆M/M∗ = −2.4.6 Con
lusionEvolutionary models with atomi
 di�usion and unseparated mass loss ex-plain some 
hara
teristi
s observed in gala
ti
 halo dwarfs. A mass loss rate of
5×10−13 M⊙yr−1 leads to surfa
e lithium iso
hrones whi
h exhibit plateau-like be-haviour with a maximum s
atter of about 0.1 dex around an average value whi
his −0.3 dex below the initial lithium abundan
e (Fig. 4.9). For models with massloss rates of 10−12 M⊙yr−1, the lithium iso
hrones are even �atter with a s
atterof about 0.05 dex around an average value about −0.25 dex lower than the initialabundan
e.While mass loss does not have a signi�
ant impa
t on a star's stru
tural prop-erties, its e�e
ts on abundan
es, both in the interior and on the surfa
e, 
an beimportant. In the interior, abundan
e pro�les are either dominated by atomi
di�usion�and re�e
t lo
al variations in grad�or are dominated by the wind�andadjust in order to 
onserve the �ux 
oming from below (Se
t. 4.3.1). A mass lossrate of 10−13 M⊙yr−1 redu
es internal anomalies by up to a fa
tor of 6-7, while amass loss rate of 10−12 M⊙yr−1 redu
es all anomalies to below 0.2 dex (Fig. 4.5). At



149the surfa
e, these two mass loss rates lead to similar redu
tions (Fig. 4.8). Whilethe 10−12 M⊙yr−1 models lead to generalized underabundan
es for all elements,smaller mass loss rates allow for overabundan
es to develop at the surfa
e.The mass loss models presented in this paper di�er signi�
antly from thosepresented in Vau
lair & Charbonnel (1995) (Fig. 4.10). Although some of thisdi�eren
e 
an be attributed to di�eren
es in input parameters, other dis
repan
iesare more di�
ult to explain (Se
t. 4.4).With respe
t to the T6.09 models from Ri
hard et al. (2002b), the models withmass loss are very similar above Te� = 5800K, espe
ially the models with a massloss rate of 10−12 M⊙yr−1 (Figs. 4.8 and 4.9). Below this temperature, turbulen
eleads to greater lithium destru
tion.Unfortunately, even for mass loss rates of 10−12 M⊙yr−1, the stellar winds impli-
ated in these 
al
ulations are barely dete
table through dire
t observation. Fur-thermore, despite the fa
t that a

eleration pro
esses for these types of winds arepoorly understood, it is di�
ult to justify mass loss rates whi
h are 100 timeslarger than the solar mass loss rate (∼ 10−14 M⊙yr−1). It is unlikely that winds inPopulation II stars are driven by radiation; therefore, if these stars host solar-likewinds, one 
ould hope to observe solar-like 
oronae and/or X-ray emission.As a next step, these models 
ould be extended to the red giant bran
h inorder to further 
onstrain the e�e
ts of mass loss in Population II giants, for whi
hmass loss has extensively been observed and studied (Origlia et al. 2007). It wouldalso be interesting to see if mass loss would a�e
t, or even eliminate, the e�e
ts ofatomi
 di�usion (Mi
haud et al. 2010) and/or of thermohaline mixing (Charbonnel& Zahn 2007).
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Figure 4.9: Lithium and iron surfa
e abundan
e iso
hrones at 12Gyr and 13.5Gyrfor models with and without mass loss as well as the T6.09 models from Ri
hardet al. (2002b). The 
ontinuous lines link 
al
ulated models (dots). The horizontaldotted line at A(7Li) = 2.27 indi
ates the initial lithium abundan
e for all models.The model masses are not the same for every iso
hrone. For instan
e, most di�usiononly models were 
onverged along the subgiant bran
h, whereas the models withmass loss were not. The T6.09 iso
hrones are dis
ussed in Se
t. 4.5. The horizontaldashed line represents the initial 7Li abundan
e.
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Figure 4.10: [Left panel℄ Internal lithium pro�les for 0.75M⊙ models with andwithout mass loss. Three models of di�erent mass were added (
oloured 
urves) inorder to verify the solution for the 0.80W1E-12 model. [Right panel℄ A 
omparisonof di�usion and wind velo
ities for the 0.75M⊙ models. All models are shown at10Gyr. The left panel 
an be 
ompared to Fig. 4 of Vau
lair & Charbonnel (1995).



CHAPITRE 5CONCLUSIONDes modèles évolutifs ave
 di�usion atomique et perte de masse permettentd'expliquer plusieurs anomalies d'abondan
es observées en surfa
e des étoilesAmFm, HAeBe et de Population II. Dans 
es modèles, le transport de 28 espè
es
himiques est 
al
ulé de façon self-
onsistente en tenant 
ompte de tous les e�etsde la di�usion atomique et des a

élérations radiatives. La séparation 
himiquequi en résulte a�e
te jusqu'à 30% du rayon de l'étoile. À la surfa
e, la perte demasse a pour e�et de réduire les anomalies d'abondan
es 
ausées par la di�usionatomique, alors qu'à l'intérieur de l'étoile, la perte de masse 
onduit à une strati�-
ation radiale des éléments qui di�ère de la solution obtenue dans les modèles ave
turbulen
e de Ri
her et al. (2000) et de Ri
hard et al. (2002b). Des tests observa-tionnels, reposant surtout sur l'astérosismologie, sont proposés a�n de 
ontraindredavantage l'importan
e relative de 
es deux pro
essus dans les étoiles CP et dePopulation II.Pour les étoiles AmFm, des taux de perte de masse de 2.5−5 fois le taux de pertede masse solaire mènent à des anomalies 
ompatibles ave
 plusieurs observationsd'étoiles d'amas et du 
hamp, in
luant des surabondan
es des éléments du pi
 duFe de fa
teurs 2−3, ainsi que des sousabondan
es de l'hélium et de CNO de fa
teurs
1.5−2.5 (voir Se
ts. 2.7.1 et 2.7.2). Ces anomalies proviennent de la séparation 
hi-mique qui se manifeste profondément dans l'étoile (entre log ∆M/M∗ ∼ −5 et −6).D'ailleurs, nous avons montré que la séparation est déterminée par le rapport g/gradà la même profondeur que dans les modèles ave
 turbulen
e (Se
t. 2.5), 
e qui ex-plique pourquoi nous obtenons des abondan
es en surfa
e similaires. Ces mêmestaux de perte de masse ne permettent pas d'expliquer la brè
he du lithium dansles Hyades, d'où la né
essité d'invoquer un autre pro
essus qui explique la 
hute



154abrupte de l'abondan
e en surfa
e du Li dans les étoiles entre 6000 ≤ Te� ≤ 6400K(Se
t. 2.7.2.1). D'autres solutions possibles in
luent une perte de masse séparée ouun taux de perte de masse qui varie d'un fa
teur ∼ 5 dans 
e même intervalle de
Te�, bien que 
ette dernière solution soit plus di�
ile à justi�er. Pour qu'il y aitsu�samment d'a

umulation des éléments du pi
 du Fe pour générer de la 
onve
-tion à 200 000K, le taux de perte de masse doit être . 10−14 M⊙yr−1, mais 
etaux de perte de masse génère des anomalies en surfa
e nettement supérieures auxamplitudes observées (Se
t. 2.7).Les mêmes modèles évolutifs expliquent aussi les anomalies d'abondan
es ob-servées en surfa
e d'étoiles HAeBe de systèmes binaires (voir Se
t 3.4). Contraire-ment au 
as des étoiles AmFm, les anomalies en surfa
e de 
es étoiles de la PMSrésultent de la séparation 
himique qui se déroule plus près de la surfa
e (vers
log ∆M/M∗ ∼ −7, voir Se
t. 3.3.1). Elles apparaissent vers ∼2Myr pour les étoilesA 
haudes et vers ∼20-25Myr pour les étoiles F plus froides et s'élèvent à desfa
teurs de 1.5 à 10. Si 
es anomalies, qui se développent avant la MS, sont dues àla di�usion atomique, 
ela limite le r�le que le mélange turbulent tel que présentédans Ri
her et al. (2000) pourrait jouer dans 
e type d'étoiles. Pour approfondir
ette analyse, les e�ets du 
hamp magnétique doivent être 
ernés davantage. Ilest possible que la turbulen
e ne soit su�samment réduite sur la PMS que si un
hamp magnétique impose la stabilité de l'enveloppe. Des observations pré
ises deplus d'éléments individuels, notamment du Ca, pourraient aussi permettre d'ap-profondir l'analyse.Dans les étoiles de Population II, la perte de masse mène à une strati�
ationinterne des éléments qui di�ère de 
elle obtenue dans les modèles ave
 turbulen
e.Par 
ontre, des taux de perte de masse jusqu'à 100 fois plus forts que le taux deperte de masse solaire sont requis pour que A(7Li) varie aussi peu en fon
tion de
Te� que le suggère le plateau de Spite observé pour les étoiles du halo gala
tique.Bien que la sour
e de la perte de masse ne soit pas 
onnue, nous pouvons di�
ile-



155ment justi�er un taux si élevé, 
e qui présage la présen
e d'un autre pro
essus quilimite les anomalies d'abondan
es en surfa
e. Ces pro
essus in
luent la 
ir
ulationméridienne et le transport turbulent 
ausé par la rotation di�érentielle, la di�usionthermohaline et/ou les ondes de gravité.Sur la MS, une perte de masse & 2×10−14 M⊙yr−1 
onduit à des pro�ls d'abon-dan
es internes modulés par la 
onservation du �ux. Dans 
e régime, l'abondan
elo
ale d'un élément (Se
t. 2.5.2, 3.3.1 et 4.3.1) s'ajuste a�n d'assurer la 
onserva-tion du �ux partout où vwind > vsett. La strati�
ation radiale des éléments 
orres-pondante pourrait s'apparenter à la solution obtenue pour des pro
essus adve
tifs
omme la 
ir
ulation méridienne en 2 ou 3-D, alors qu'elle di�ère de 
elle obte-nue par des pro
essus di�usifs tel le mélange rotationnel en 1-D (voir Se
t. 2.8.1).L'astérosismologie pourrait permettre de distinguer 
es deux solutions internes.L'observation dire
te � ou l'amélioration des observations indire
tes � de ventsen surfa
e d'étoiles A, F et de Population II permettrait de 
ontraindre davantageles modèles, à la fois au niveau des taux utilisés et par rapport à l'in
lusion éven-tuelle de la perte de masse à partir de prin
ipes premiers. Des modèles de ventsplus 
omplets pourraient aussi permettre de déterminer si les taux exigés pour ex-pliquer les anomalies d'abondan
es peuvent nous en apprendre sur les pro
essusd'a

élération. Les observations et les modèles semblent suggérer que les Te� lesplus froides pour lesquelles la perte de masse serait a

élérée par la radiation seretrouvent parmi les étoiles A, tout 
omme la limite supérieure des Te� qui permet-traient les vents 
oronaux. Il reste don
 à déterminer où exa
tement se situent 
eslimites et si elles se re
oupent. Pour le moment, relan
er l'exploration de modèlesave
 vents séparés n'est pas à prévoir puisque le nombre de paramètres est tropélevé. En fait, tel que montré dans la Se
t. 2.5.3.5, la perte de masse séle
tive peutêtre ajustée de sorte à reproduire � ou à peu près reproduire � un pro�l re
her
héquel
onque. Par ailleurs, malgré 
ertains e�orts ré
ents (voir entre autre Krti£kaet al. 2006), les in
ertitudes demeurent importantes au niveau des modèles de vent



156séparé et 
e, même pour le Soleil (voir Se
t. 2.4.3).Au niveau des abondan
es en surfa
e, les observations ne permettent pas desu�samment 
ontraindre les modèles. D'une part, il faudrait augmenter le nombred'éléments observés et de l'autre, il faudrait augmenter la pré
ision des détermi-nations d'abondan
es. Tel que montré dans les Figs. 2.20�2.25, il y a des é
artssigni�
atifs entre observateurs pour un même élément et pareillement pour la dé-termination de la Te�. Du 
�té des modèles, l'insertion d'une ou de plusieurs terresrares dans le 
ode évolutif permettrait de 
omparer à un plus grand nombre d'ob-servations.Dans le but de bien 
ontraindre les e�ets de la perte de masse, les modèlesprésentés dans 
ette thèse dressent un portrait simple des étoiles CP : pas de ro-tation, pas de 
hamp magnétique. Mais 
ela ne re�ète 
ertainement pas toute laréalité ; bien qu'elles tournent lentement, les étoiles AmFm tournent tout de mêmeet les étoiles HAeBe ont, parfois, des 
hamps magnétiques et, parfois, de l'a

rétion.Néanmoins, à 
e stade, in
orporer 
es pro
essus dans les modèles évolutifs implique-rait des paramètres ajustables. Alors, y gagnerions-nous vraiment ? Une pro
haineétape pourrait explorer l'in
lusion additionnelle de la 
ir
ulation méridienne.La 
ontinuation naturelle de 
ette étude mènerait à la 
omparaison des modèlesévolutifs ave
 perte de masse aux observations d'étoiles BHB et sdB. Pour 
e faire,l'évolution sur la MS et la bran
he des géantes (GB) des étoiles de Population IIservirait de 
ondition initiale pour les modèles. Sur la GB, la perte de masse est bien
ontrainte puisqu'il existe plusieurs observations de perte de masse en surfa
e de 
esétoiles. D'ailleurs, plusieurs relations empiriques, telle 
elle de Reimers (1975, 1977),permettent de relier le taux de perte de masse à la luminosité de l'étoile et 
e, pourun intervalle important de masses et de métalli
ités. Il serait don
 intéressant desavoir en quoi la perte de masse a�e
terait, ou peut-être même éliminerait, les e�etsde la di�usion atomique (Mi
haud et al. 2010) et de la 
onve
tion thermohaline(Charbonnel & Zahn 2007) dans le géantes de faible masse.



157Et don
, pour 
on
lure, la perte de masse ou la turbulen
e ? Nous prenonsle point de vue que l'identi�
ation du prin
ipal pro
essus en 
ompétition ave
 ladi�usion atomique est en
ore à déterminer puisque l'importan
e d'un pro
essusphysique dont la 
ontribution dépend d'un paramètre ajustable est toujours in
er-taine.
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ABSTRACT

Aims. Abundances of 15 chemical elements have been derived for 28 F and 16 A stars members of the Hyades open cluster in order
to set constraints on self-consistent evolutionary models including radiative and turbulent diffusion.
Methods. A spectral synthesis iterative procedure was applied to derive the abundances from selected high quality lines in high
resolution high signal-to-noise spectra obtained with SOPHIE and AURELIE at the Observatoire de Haute Provence.
Results. The abundance patterns found for A and F stars in the Hyades resemble those observed in Coma Berenices and Pleiades
clusters. In graphs representing the abundances versus the effective temperature, A stars often display abundances much more scattered
around their mean values than the coolest F stars do. Large star-to-star variations are detected in the Hyades A dwarfs in their
abundances of C, Na, Sc, Fe, Ni, Sr, Y and Zr, which we interpret as evidence of transport processes competing with radiative
diffusion.
In A and Am stars, the abundances of Cr, Ni, Sr, Y and Zr are found to be correlated with that of iron as in the Pleiades and in Coma
Berenices. The ratios [C/Fe] and [O/Fe] are found to be anticorrelated with [Fe/H] as in Coma Berenices. All Am stars in the Hyades
are deficient in C and O and overabundant in elements heavier than Fe but not all are deficient in calcium and/or scandium. The F
stars have solar abundances for almost all elements except for Si.
The overall shape of the abundance pattern of the slow rotator HD30210 cannot be entirely reproduced by models including radiative
diffusion and different amounts of turbulent diffusion.
Conclusions. While part of the discrepancies between derived and predicted abundances could be due to non-LTE effects, the inclusion
of competing processes such as rotational mixing and/or mass loss seems necessary in order to improve the agreement between the
observed and predicted abundance patterns.

Key words. stars: abundances - stars: main sequence - stars: rotation - diffusion - Galaxy: open clusters and associations: individual:
Hyades

1. Introduction

Abundance determinations for A and F dwarfs in open clusters
and moving groups aim at elucidating the mechanisms of mixing
at play in the interiors of these main-sequence stars. This paper
is the third in a series addressing the chemical composition of A
and F dwarfs in open clusters of different ages. The objectives of
this long-term project are twofold: first, we wish to improve our
knowledge of the chemical composition of A and F dwarfs, and

Send offprint requests to: M. Gebran
⋆ Tables 5 to 8 are only available in electronic format at the CDS.
⋆⋆ Based on observations at the Observatoire de Haute-Provence
(France).
⋆⋆⋆ Present affiliation: Departament d’Astronomia i Meteorologia,
Universitat de Barcelona, c/ Martı̀ i Franquès, 1, 08028 Barcelona,
Spain.

secondly we aim to use these determinations to set constraints
on particle transport processes in self consistent evolutionary
models. The first paper (Gebran et al. 2008, hereafter Paper
I) addressed the abundances of several chemical elements for
11 A and 11 F dwarf members of the Coma Berenices open
cluster. In the second paper (Gebran & Monier 2008, Paper II),
abundances were derived for the same chemical elements for 16
A and 5 F dwarf members of the Pleiades open cluster. In this
study, we present a re-analysis of the A and F dwarf abundances
in the Hyades open cluster, already addressed by Varenne &
Monier (1999) using mono-order spectra on much more limited
spectral ranges (three 70 Å wide spectral intervals). The new
data we collected are high signal to noise and high resolution
échelle spectra stretching over more than 3000 Å which enabled
us to synthesize more lines with high quality atomic data (and
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more elements) than in Varenne & Monier (1999). In this paper,
abundances have been derived for 15 chemical elements (C, O,

Na, Mg, Si, Ca, Sc, Ti, Cr, Mn, Fe, Ni, Sr, Y and Zr) for 28 F
and 16 A members of the Hyades cluster.

Open clusters are excellent laboratories to test stellar
evolution theory. Indeed stars in open clusters originate from
the same interstellar material, and thus have the same initial
chemical composition and age. At a distance of ∼46 pc (van
Leeuwen 2007), the Hyades open cluster is the nearest star
cluster and also the most analyzed of all clusters. Perryman
et al. (1998) compared the observational HR diagram of the
Hyades with stellar evolution models and obtained an estima-
tion of the age of this cluster (∼625 Myr) using a combination
of Hipparcos data with ground-based photometric indexes.
Boesgaard & Friel (1990) derived a metallicity for the Hyades
slightly above solar ( <[Fe/H]>=0.127±0.022 dex ) from their
analysis of Fe I lines in 14 F dwarfs. In a study of 40 Hyades
G dwarfs, Cayrel de Strobel et al. (1997) also derived a mean
metallicity of <[Fe/H]>=+0.14±0.05 dex. Abundances derived
from calibration of Geneva photometry by Grenon (2000)
(<[Fe/H]>=+0.14±0.01) also yield a slightly enhanced metal-
licity.

Several papers have addressed the chemical composi-
tion of A and F dwarfs in the Hyades open cluster. Carbon
and iron abundances have been derived for 14 F stars by
Friel & Boesgaard (1990) and Boesgaard & Friel (1990).
Lithium abundances have been determined for several F, G and
K dwarfs by Cayrel et al. (1984), Boesgaard & Tripicco (1986),
Boesgaard & Budge (1988) and Thorburn et al. (1993).
Garcia Lopez et al. (1993) have derived the oxygen abun-
dances for 26 F dwarfs members of the Hyades cluster. Carbon,
oxygen, sodium, magnesium, silicon, calcium, scandium,
chromium, iron, nickel, yttrium and barium abundances
have been derived for A stars by Takeda & Sadakane (1997),
Hui-Bon-Hoa & Alecian (1998), Burkhart & Coupry (2000)
and Varenne & Monier (1999). Most of these studies, at the
exception of Varenne & Monier (1999), have focused mainly on
the peculiar Am stars, leaving aside the normal A stars. For a
given chemical element, large star-to-star variations were found
among A stars in several open clusters like the Pleiades (Paper
II) and Coma Berenices (Paper I) . Varenne & Monier (1999)
found significant star-to-star variations in the abundances of O,
Na, Ni, Y and Ba for A stars in the Hyades whereas the F dwarfs
display much less dispersion. Similarly, star-to-star variations
of [Fe/H], [Ni/H] and [Si/H] are larger for the A dwarfs than
for the F dwarfs in the Ursa Major group (Monier 2005). This
behavior was also observed in earlier works on field A stars
(Holweger et al. 1986, Lambert et al. 1986, Lemke 1998, 1990,
Hill & Landstreet 1993, Hill 1995, Rentzsch-Holm 1997 and
Varenne 1999).
The incentive to reanalyze the chemical composition of A and
F dwarfs of the Hyades is justified by the acquisition of higher
quality spectra encompassing a much wider spectral range than
used in Varenne & Monier (1999). This allowed us to model
more lines of higher quality (ie. with more accurate atomic data)
for most investigated chemical elements yielding more accurate
abundances for several species.

We have also searched for correlations of the abundances of
individual elements with that of iron, an issue not addressed in
Varenne & Monier (1999). Furthermore, the state of the art of
modelling the internal structure and evolution of A dwarfs has
improved over the last ten years and we present here compar-

isons of new models to the observed pattern of abundances.
The selection of the stars and the data reduction are described in
§2. The determination of the fundamental parameters (Teff and
log g) and the spectrum synthesis computations are discussed in
(§3). As in Papers I and II, the behavior of the abundances of the
analysed chemical elements in A and F dwarfs have been investi-
gated in §4 with respect to effective temperature (Teff), projected
rotational velocity (ve sin i) and the iron abundance ([Fe/H]). In
§5, the found abundance patterns are compared to recent evo-
lutionary models including self consistent treatment of particle
transport (Turcotte et al. 1998b; Richer et al. 2000 and Richard
et al. 2001). The abundance pattern of the Am star, HD 30210, is
modelled in detail using the latest prescriptions in the Montreal
code (Richer et al., 2000). Conclusions are gathered in §6.

2. Program stars, observations and data reduction

Our observing sample consists of 28 F and 16 A members of
the Hyades cluster brighter than V=7 (the same sample se-
lected by Varenne & Monier 1999). At the distance of the
Hyades, V=7 mag corresponds to the latest F dwarfs (F8-F9).
A Hertzsprung–Russell (HR) diagram of the Hyades, shown in
Fig.1, was constructed using the effective temperatures we de-
rived in section 3 , the V magnitudes retrieved from SIMBAD
and appropriate bolometric corrections. We adopted a cluster
distance of 46.5±0.3 pc (van Leeuwen 2007), a reddening of
0.010±0.010 mag (WEBDA1) and the bolometric corrections
given by Balona (1994). The uncertainty on the bolometric cor-
rection is of the order of 0.07 mag, leading to a typical uncer-
tainty in Mbol of about 0.15 mag, corresponding to an uncertainty
of about 0.05 dex in log L/L⊙. In the HR diagram of Fig. 1 the
Am stars are depicted as filled squares, the normal A stars as
filled circles and the F stars as filled triangles, the spectroscopic
binaries as open squares. We did not correct the luminosities of
the binaries since the contribution to the total flux due to the
secondary is not known.

The age of the cluster can be estimated by adjusting
isochrones by Marigo et al. (2008), including overshooting
and calculated for a metallicity of Z = 0.025 dex, which
corresponds roughly to the mean of the recent determi-
nations by Perryman et al. (1998), Castellani et al. (2002),
Percival et al. (2003), Salaris et al. (2004), Taylor (2006),
Holmberg et al. (2007) plus the value given in WEBDA. Fig.1
displays two isochrones: one corresponding to the age given in
WEBDA (log t = 8.9 - full line) and our best fit corresponding
to a slightly lower age (log t = 8.8 - dashed line), which agrees
quite nicely with the determination by Perryman et al. (1998):
t=625±50 Myr. We are inclined to rule out a lower metallicity
which would lead to a much lower value of the age (mod-
els without overshooting would lead to a much lower age).
Following Landstreet et al.(2007), we have also derived M/M⊙,
fractional age (fraction of time spent on the Main Sequence
noted as τ) and their uncertainties for each star and collected
them in online Table 7. In Fig. 1, the star HD 27962 (= 68 Tau)
is located at a much higher effective temperature than the other
A dwarfs of similar luminosities. Mermilliod (1982) confirmed
its membership to the Hyades and proposed that HD 27962 is
a blue straggler with the spectral characteristics of an Am star.
Abt (1985) assigned a spectral type Am (A2KA3HA5M) to HD
27962.

1 www.univie.ac.at/webda/
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Fig. 1. HR diagram of the Hyades cluster. The two isochrones
are calculated with the age given in WEBDA (log t=8.9 - full
line) and our best fit (log t=8.8 - dashed line.)

The A stars were observed using SOPHIE, the échelle spec-
trograph at the Observatoire de Haute-provence (OHP). SOPHIE
spectra stretch from 3820 to 6930 Å in 39 orders with two
different spectral resolutions: the high resolution mode HR
(R=75000) and the high efficiency mode HE (R=39000). All A
stars were observed in the HR mode. The observing dates, expo-
sure times and Signal to Noise ratios achieved for each A star are
collected in Table 2. On good nights, an exposure time of 25 min-
utes typically yielded well exposed spectra with signal-to-noise
ratios ranging from 300 to 600, depending on the V magnitude.
As we did not get enough observing time to observe the F stars
with SOPHIE as well, we have used the mono-order AURELIE
spectra obtained by Varenne & Monier (1999). For each F star,
three spectral regions centred on λ6160 Å, λ5080 Å and λ5530
Å had been observed at resolutions 30000 (V ≥ 6) or 60000 (V
≤ 6) and signal to noise ratios close to 200.
The fundamental data for the selected stars are collected in Table
1. The van Bueren and Henry Draper identifications appear in
columns 1 and 2, the spectral type retrieved from SIMBAD or
from Abt & Morell (1995) in column 3 and the apparent mag-
nitudes in column 4. Effective temperatures (Teff) and surface
gravities (log g), derived from uvbyβ photometry (see section 3),
appear in columns 5 and 6. The derived projected rotational ve-
locities and the microturbulent velocities are in columns 7 and
8. Comments about binarity and pulsation appear in the last col-
umn. The apparent rotational velocities range from 11 km.s−1 to
165 km.s−1, only 7 stars rotate faster than 100 km.s−1.
Inspection of the CCDM catalogue (Dommanget & Nys 1995)
reveals that 13 among the 16 A stars are in binary or multi-
ple systems. All of these stars are primaries and the compo-
nents are much fainter (1 mag< ∆m <9.5 mag ). Only the case
of HD27962 (CCDM J04255+1755 AB) has to be accounted
for because its companion (component B) is three magnitudes
fainter than A and at only 1.4” from A. In case of F stars, 13
among the 28 stars belong to multiple systems. Six of them have
nearby companions whose angular distance was probably less
than the fiber angular size on the sky (3 arcsec) and who are only
three magnitudes fainter than the brightest star we analysed. The
spectral types of these companions is unknown. For the F stars,
these are:
- HD26015 = CCDM J04077+1510A has a companion at about
4” with ∆m = 2.8 mag
- HD27383 = CCDM J04199+1631AB: components A and B

are very close with ∆m = 2.0 mag
- HD27991 = CCDM J04257+1557AP: companion P is quoted
to be at 0.1” with ∆m = 0.7 mag
- HD28363 = CCDM J04290+1610AB is a spectroscopic binary
whose angular separation is not specified with a ∆m = 1.0 mag
- HD30810 = CCDM J04512+1104AB is a triple star whose
component B has same magnitude as A, no angular separation is
provided.
For these six stars, we believe that the light of the companions
might have contaminated the spectra of the brightest components
we analysed. The effects are probably most pronounced for the F
stars HD26015, HD27383, HD27991, HD28363 and HD30810.
The SOPHIE spectra were reduced using IRAF (Image
Reduction and Analysis Facility, Tody 1993) in order to properly
correct for scattered light. The sequence of IRAF procedures,
which follows the method devised by Erspamer & North (2002),
is fully described in Paper I.

Table 2. Observing log for the A stars of the Hyades open clus-
ter.

HD spectral exposure S/N Date
type time (s)

27628 A3m 1500 350 10/04/06
27819 A7V 1200 498 10/04/06
27934 A7V 900 591 10/04/06
27962 A2IV 600 429 10/04/06
28226 A3m 1500 380 10/04/06
28319 A7III 300 429 10/04/06
28355 A7V 1500 427 10/04/06
28527 A6IV 1200 354 10/04/06
28546 A5m 1500 292 10/04/06
28910 A8V 1200 434 10/04/06
29388 A6V 600 561 10/05/06
29499 A5m 1320 476 10/05/06
29488 A5V 900 601 10/05/06
30210 Am 1320 474 10/05/06
30780 A7V 1200 549 10/05/06
32301 A7V 720 526 10/05/06

3. Abundance analysis: method and input data

The abundances of 15 chemical elements have been derived by
iteratively adjusting synthetic spectra to the normalized spectra
and minimizing the chi-square of the models to the observa-
tions. Spectrum synthesis is mandatory as the apparent rotational
velocities range from 11 to 165 km.s−1. Specifically, synthetic
spectra were computed assuming LTE using Takeda’s (1995)
iterative procedure and double-checked using Hubeny & Lanz
(1992) SYNSPEC48 code. This version of SYNSPEC calculates
lines for elements up to Z=99.

3.1. Atmospheric parameters and model atmospheres

The effective temperatures and surface gravities were
determined using the UVBYBETA code developed
by Napiwotzki et al. (1993). This code is based on the
Moon & Dworetsky (1985)’s grid, which calibrates the uvbyβ
photometry in terms of Teff and log g. The photometric data
were taken from Hauck & Mermilliod (1998). The estimated
errors on Teff and log g, are ±125 K and ±0.20 dex, respectively
(see Sec. 4.2 in Napiwotzki et al. 1993). The found effective
temperatures and surface gravities are collected in table 1.
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Table 1. Basic physical quantities for the programme stars.

vB HD Type mv Teff log g ve sin i ξt Remarks
(K) (cm.s−2) (km.s−1) (km.s−1)

A stars
38 27628 A3m 5.72 7310 4.12 31.2 3.70 δ Scuti (d)
47 27819 A7V/A8V 4.80 8190 3.94 47.0 3.00
54 27934 A7IV/A6V 4.22 8290 3.83 80.0 3.00
56 27962 A2IV/Am 4.29 9025 3.95 11.3 2.80 Blue Straggler
67 28226 A3m 5.72 7465 4.09 83.0 3.30
72 28319 A7III/A7IV 3.39 7950 3.70 65.0 2.70 SB (b), δScuti (d)
74 28355 A7V/A5m 5.03 7965 3.97 90.0 3.00
82 28527 A6IV/A7V 4.78 8180 3.98 67.8 3.70
83 28546 A5m 5.48 7765 4.20 27.5 3.80 SB (b)
95 28910 A8V/A7V 4.65 7640 4.02 110.0 2.60 SB (b), δScuti (d)
104 29388 A6V 4.27 8310 3.87 81.0 3.30 SB (b)
107 29499 A5m/A9III 5.39 7770 4.11 60.0 3.00
108 29488 A5V/A6V 4.70 8150 3.80 118.0 2.60
112 30210 A2m 5.37 8080 3.92 57.0 4.00 SB (b)
123 30780 A7V/A9V 5.11 7790 3.90 165.0 2.80 δ Scuti (d)
129 32301 A7V 4.64 8110 3.73 117.0 2.70

F stars
6 24357 F4V 5.97 6975 4.13 65.5 2.10
8 25102 F5V 6.37 6685 4.32 64.0 2.20

11 26015 F3V 6.01 6860 4.46 29.7 1.80
13 26345 F6V 6.62 6685 4.36 27.2 1.60
14 26462 F4V 5.73 6945 4.14 18.6 1.50 SB (b)
20 26911 F5V 6.32 6810 4.26 62.1 2.20
29 27383 F9V 6.88 6215 4.39 16.8 1.40 SB (b)
33 27459 F0V/F0IV 5.26 7785 3.98 73.0 3.10 δ Scuti (d)
35 27524 F5V 6.80 6515 4.24 72.5 2.10
36 27534 F5V 6.80 6485 4.26 48.0 1.50
37 27561 F5V 6.61 6710 4.35 22.2 1.60
51 27848 F8 6.97 6565 4.33 37.7 1.50
57 27991 F7V 6.46 6430 4.48 17.6 1.10 SB2 (c), SB(b)
75 28363 F8V 6.59 6325 4.43 16.0 1.00 SB3 (c), SB (b)
78 28406 F6V 6.92 6560 4.40 33.0 1.60
84 28556 F0V 5.41 7635 4.07 83.5 3.30
85 28568 F2 6.51 6710 4.40 64.0 1.90
89 28677 F4V/F2V 6.02 7060 4.07 129.0 1.90 SB (b)
90 28736 F5V 6.40 6655 4.30 48.0 1.70
94 28911 F2 6.62 6590 4.32 50.0 1.60

100 29169 F5IV 6.02 6950 4.25 75.0 2.20
101 29225 F8 6.65 6700 4.41 50.8 1.70 SB (b)
111 30034 F0V/A9IV 5.40 7600 4.05 100.0 2.60
122 30810 F6V 6.76 6110 4.36 12.0 1.10 SB2 (c), SB (b)
124 30869 F5 6.25 6460 4.28 23.5 1.80 SB2 (a,c), SB (b)
126 31236 F3IV/F1V 6.37 7165 3.89 120.0 3.00
128 31845 F5V 6.75 6550 4.37 33.7 1.90
154 18404 F5IV 5.80 6740 4.37 26.5 1.70

Procyon F5IV-V 0.34 6650 4.05 6.0 2.2
References (a) (b) (c) and (d) are for Griffin et al. (1985), Perryman et al. (1998), Barrado & Stauffer (1996) and Solano & Fernley

(1997) respectively.

The ATLAS9 (Kurucz 1992) code was used to compute LTE
model atmospheres assuming a plane parallel geometry, a
gas in hydrostatic and radiative equilibrium and LTE. The
ATLAS9 model atmospheres contain 64 layers with a regular
increase in log τRoss = 0.125 and were calculated assuming
Grevesse & Sauval (1998) solar chemical composition. This
ATLAS9 version uses the new Opacity Distribution Function
(ODF) of Castelli & Kurucz (2003) computed for that solar
chemical composition. Convection is calculated in the frame of
the mixing length theory (MLT). We have adopted Smalley’s
prescriptions (Smalley 2004) fo the values of the ratios of the

mixing length to the pressure scale height (α = L
HP

) and the
microturbulent velocities (constant with depth).

3.2. The linelist

For the A stars, the linelist used for spectral synthesis is the

same as in Paper I. All transitions between 3000 and 7000

Å from Kurucz’s gfall.dat
2

linelist were selected. The abun-

dance analysis relies on more than 200 transitions for the

2 http://kurucz.harvard.edu/LINELISTS/GFALL/
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15 selected elements as explained in Paper I. The adopted

atomic data for each elements are collected in Table 8 of

Paper I where, for each element, the wavelength, adopted os-

cillator strength, its accuracy (when available) and original

bibliographical reference are given. The two sodium lines at
5890 and 5896 Å were not used in this present paper. These lines
are likely to be affected by interstellar absorption and non-
LTE effects, an LTE treatment assuming depth independent mi-
croturbulence underestimates abundances (Takeda et al. 2009).
For the F stars, the same linelist was used except for iron and
magnesium since only FeI and MgI lines are available in the
AURELIE spectra. We have used the same atomic data for these
lines as those in Table 3 of Varenne & Monier (1999). Most of
the lines studied here are weak lines formed deep in the atmo-
sphere where LTE should prevail. They are well suited for abun-
dance determinations. We have also included data for hyper-

fine splitting for the selected transitions when relevant, using

the linelist gfhyperall.dat
3
. However the moderate spectral

resolution of the spectra and smearing out of spectra by stel-

lar rotation clearly prevent us from detecting signatures of

hyperfine splitting and isotopic shifts in our spectra.

3.3. Spectrum synthesis

For each modelled transition, the abundance was derived iter-
atively using Takeda’s (1995) procedure which minimizes the
chi-square between the normalized synthetic spectrum and the
observed one. As explained in Paper I, Takeda’s code consists

in two routines. The first routine computes the opacity data

and it is based on a modified version of Kurucz’s Width9

code (Kurucz 1992a) while the second computes the normal-

ized flux and minimizes the dispersion between synthetic and

observed spectra (see Paper I for a complete description of

the method).

We first derived the rotational (ve sin i) and microturbulent

(ξt) velocities using several weak and moderately strong FeII

lines located between 4491.405 Å and 4508.288 Å and the

MgII triplet at 4480 Å by allowing small variations around

solar abundances of Mg and Fe as explained in Sec. 3.2.1 of

Paper I. The weak iron lines are very sensitive to rotational

velocity but not to microturbulent velocity while the mod-

erately strong FeII lines are affected mostly by changes of

microturbulent velocity. The MgII triplet is sensitive to both

ξt and ve sin i. Once the rotational and microturbulent veloc-

ities were fixed, we then derived the abundance that min-

imized the chi-square for each transition of a given chem-

ical element. These individual abundances may differ be-

cause of different levels of accuracies in the atomic data of

each line and possibly because of deviations from LTE in a

few of them. The derivation of the mean abundance from

these individual abundances is explained in Sec. 3.5. The
abundances were then double-checked using Hubeny & Lanz’s
(1992) SYNSPEC48 code.

As an example, we display in Fig. 2 the final synthetic

spectrum which best fits several Fe II lines in the observed

spectrum of HD28527 (A6IV) in the spectral interval 4513-

4525 Å. In this region, the independent fit of each line yields

only slightly different abundances. The displayed synthetic

spectrum is computed for an iron abundance of +0.30 dex,

which is the derived mean value in HD28527.

In the case of stars rotating faster than about 80 km/s, the

3 http://kurucz.harvard.edu/LINELISTS/GFHYPERALL/

following neighbouring lines blend: Ti II 4394.059 Å and Ti

II 4395.051 Å, Mn I 4033.062 Å and 4034.483 Å and for the

O I lines ”triplet” at 6155.900 Å, 6156.750 Å and 6158.1 Å.

In these cases, the abundances given in the electronic Table 8

are those that provide the best match to each blend.

4514 4516 4518 4520 4522 4524
λ (Α)

0,85

0,9

0,95

1

N
o

rm
al

iz
ed

 f
lu

x

Observed spectrum

Synthetic spectrum

HD28527 A6IV
S/N=354

Fig. 2. A typical agreement between the observed spectrum (thin
line) of HD28527 (A6IV) and the synthetic spectrum (dashed
thick line) computed as explained in Sect. 3. Three iron (FeII)
lines calculated for [Fe/H]=+0.30 dex, the mean iron abundance,
are displayed in this figure.

3.4. Internal Consistency checks on the spectral energy

distribution

For a few stars, we have checked the fundamental parameter
determinations by modelling the entire spectral energy distri-
bution from far UV to IR with the theoretical ATLAS9 flux
computed for the derived fundamental parameters and the in-
dividual abundances. Fig. 3 exemplifies this check for HD
27819. The theoretical spectral energy distribution was com-
puted with the LLmodel code (Shulyak et al. 2004). The
observed spectral energy distribution was constructed from
Adelman et al’s (1989) spectrophotometry and IUE spectropho-
tometry: SWP04446 (low resolution) + LWP16605 (high res-
olution resampled to the LWP low resolution). The theoretical
LLmodel spectral energy distribution, degraded to a spectral res-
olution comparable to that of the IUE low resolution spectra,
follows nicely the overall shape of the observed flux distribution
which leads credence to the adopted fundamental parameters and
the derived abundances.

3.5. Mean abundances and uncertainties

Apparent rotational velocity, microturbulent velocity were deter-
mined for all sample stars. The abundances of 15 chemical ele-
ments were determined for most of the stars (when the selected
lines were accessible with good signal-to-nois ratios). The abun-
dances for A and F stars are collected in Online Tables 5 and 6.
These abundances are relative to the sun4. Solar abundances are
from Grevesse & Sauval (1998). For each chemical element

the final abundance is an average of the abundances derived

from each line. The errors on the final abundances (labelled

4 ([ X
H

] = log( X
H

)⋆ − log( X
H

)⊙)
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Fig. 3. Comparison of the LLmodel theoretical spectral energy
distribution of HD27819 with the observed spectrophotometry
of HD 27819 in the UV and the optical.

as σ) are standard deviation assuming a Gaussian distribu-

tion of the abundances derived from each line:

x̄ =

∑
i xi

N
(1)

σ
2 =

∑
i(xi − x̄)2

N
(2)

where x̄ is the mean value of the abundance, N the number

of lines of the element and σ the standard deviation.

Accordingly the error on the abundance of a given element

depends on the individual abundances derived from each

line and usually varies from star to star. When only one

transition was used to derive the abundance (for CI, OI
5
,

MgI, SiII, CaII, ScII and YII in F stars), the corresponding

error was computed according to the formulation explained

in Appendix A of Paper I. It consists into perturbating each

of the 6 nominal parameters (Teff , log g, ξt, ve sin i, log g f
and the continuum position) and repeating the fit for each

line. The perturbations ∆(Teff) and ∆(log g) are 200 K and

0.20 dex, respectively (Napiwotzki et al. 1993). ∆(ve sin i) is

estimated as 5% of the nominal ve sin i and ∆(ξt) is 1 km.s−1

(Gebran 2007). ∆(log g f ) depends on the accuracy of the

considered lines. It varies from 3% to more than 50%. For

more details concerning the accuracies on the oscillator

strengths, see Tab. 8 (3
rd

column) of Paper I and Tab. 3

(3
rd

column) of Varenne & Monier (1999). The continuum

placement error depends on the rotational velocity of the

star and is fully explained in Paper I.

The difference between the nominal abundance and the

one derived with the perturbated parameter yields the

uncertainty affected to the given parameter. Considering

that the errors are independent, the upper limit of the total

uncertainty σtoti for a given transition (i) is:

σ
2
toti
= σ2

Teff
+ σ2

log g + σ
2
ξt
+ σ2

ve sin i + σ
2
log g f + σ

2
cont. (3)

Online Table 8 collects the abundances derived for each

transition for each studied element in all A and F stars

including Procyon (F5V) which served as control star for

5 Oxygen lines are blended in F stars because of the low resolution
of AURELIE spectra, which is not the case of SOPHIE’s A stars.
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Fig. 4. Comparison of the abundances determined in this study
and the one derived by Steffen 1985 (S85) for Procyon (red
squares). The derived abundances are in black circles.

the spectral synthesis. In this table, the absolute values are

represented (log(X/H)⋆+12) and the wavelengths are in Å.

4. Results

We have first tested the spectrum synthesis on Procyon

whose abundances are almost solar (Steffen 1985). For

elements having lines on the 3 AURELIE spectral ranges,

abundances agree weel. The derived abundances are dis-

played in Fig. 4. We have found nearly solar abundances

for all the elements except for strontium. The differences

between the abundances we derived and those derived by

Steffen (1985) are depicted as squares in Fig. 4. They are less

than 0.10 dex for 13 out of 15 elements and less than 0.15 dex

for the remaining (Ni and Zr), typically less then the order

of magnitude of the uncertainties. We found an apparent

rotational velocity of 6 km.s−1
and a microturbulent velocity

of 2.2 km.s−1
, in good agreement with Steffen’s values

(ve sin i=4.5 km.s−1
and ξt=2.1 km.s−1

, Steffen 1985).

4.1. Abundance patterns and comparison with previous

studies

Abundance patterns graphs where abundances are displayed
against atomic number Z are particularly useful to compare the
behaviour of A, Am and F stars for different chemical elements.
The abundance patterns for A, Am and F stars are displayed in
Figs. 5a-d. The pattern for A stars resembles that of the A stars in
Coma Berenices and in the Pleiades (Papers I and II). Among the
9 A stars, the elements that exhibit the largest star-to-star vari-
ations are Sr, Y and Zr (1.0 to 0.8 dex) while C and Cr display
the lowest variations (0.2 dex). The amplitudes of variations for
the other elements, O, Na, Mg, Si, Ca, Sc, Ti, Mn, Fe and Ni
range from 0.25 to 0.60 dex (see further discussion of individual
elements).
The 7 Am stars display the characteristic jig-saw pattern with
larger excursions around the solar composition than the A stars
do. Almost all Am stars are heavily deficient in Sc, but not all
are deficient in Ca and the deficiencies are more modest for this
element. Almost all are more deficient in C and O than the A
stars, and all are more enriched in iron peak elements and heavy
elements (Sr and beyond). For all chemical elements, the star-to-
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Fig. 5. Abundance patterns for the ”normal” A (a), Am (b) and F (c,d) stars of the Hyades cluster. A maximum ±0.30 dex error bar
is displayed. The horizontal dashed line represents the solar composition.

star variations of Am stars are usually larger than for the A stars.
In contrast, F stars exhibit little scatter around the mean abun-
dances. For clarity reasons, the abundances of F stars are sorted
out in two graphs: the data for stars cooler than 6600 K appear
in Fig. 5c, and for those hotter than 6600 K in Fig. 5d. At the
age of the Hyades, a F star with a temperature of 6600 K has a
1.3-1.4 M⊙ mass. As explained in sect. 5.1.2, the evolutionary
models show that the effects of atomic diffusion are more pro-
nounced in all stars earlier than F5 (M⋆ >1.3M⊙) (Turcotte et
al. 1998a). Sorting out the F stars into two groups (Teff<6600 K
and Teff≥6600 K) helps to highlight the occurrence of diffusion
in the most massive F stars.
Graphically, we have compared the abundances derived in this
study (filled circles) with previous determinations for 9 stars
in Figure 6. The abundances of Mg, Ca, Sc, Cr, Fe and
Ni derived by Hui-Bon-Hoa & Alecian (1998) for HD27819,
HD27962 and HD30210 are depicted as losanges, the abun-
dances of Si and Fe in HD27819 and HD30210 derived by
Burkhart & Coupry (2000) as empty triangles and those of C, O,
Na, Mg, Si, Ca, Sc, Fe, Ni and Y derived by Varenne & Monier
(1999) as empty squares. For all stars, the overall shapes of the
abundance patterns agree well. Differences exist for individual
elements mostly because of the use of different microturbulent
velocities, rotational velocities, and in the case of A stars, differ-
ent ionization levels.
We have also compared the derived iron abundances for F stars

in this work with the compilation available in Perryman et
al. (1998) in Table 3. The [Fe/H] determinations come from
Chaffee et al. (1971) (CCS), Boesgaard & Budge (1988) (BB),

Boesgaard (1989) (B) and Boesgaard & Friel (1990) (BF),
they mostly rely on adjustments of theoretical equivalent widths
to observed ones. Differences arise from the usage of different
effective temperatures with a fixed gravity (log g=4.5 dex), older
version of Kurucz ATLAS model atmospheres, different micro-
turbulent velocities (determined using Nissen’s 1981 fit) and dif-
ferent neutral iron lines.

4.2. Comments on particular stars

Am stars are expected to be underabundant in light elements,
underabundant in calcium and/or scandium as well as overabun-
dant in iron-peak and heavy elements. HD27962 is the hottest
A star in the Hyades, Mermilliod (1982) suggested that it may
be a blue straggler on basis of its location on the HR diagram.
Conti (1965) classified HD 27962 as an Am star based on the
weakness of the scandium line at λ4246 Å and the strength
of strontium line at λ4215 Å. Abt (1985) assigned a spectral
type Am (A2KA3HA5M) to HD 27962. Our analysis shows
that scandium is deficient by -0.90 dex and that iron-peak
and heavy elements are enhanced in this star so that it has
the characteristics of an Am star. Our analysis of HD28355
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(A7V/A5m) also confirms its Am status as scandium is deficient
by -1.05 dex and iron-peak and heavy elements are enhanced.
Hauck (1977) had previously classified HD28355 as an Am star
on basis of Geneva photometry. Both HD 27962 and HD 28355
are classified as Am in the catalog of Renson (1992). The seven
stars represented in Fig. 5b are classified as Am in the catalog
of Renson (1992). The abundances of all these stars except
HD 29499 display the characteristic jig-saw pattern of Am
stars: underabundances of light elements, of Ca and/or Sc and
overabundances of metals and heavy elements. Our abundance
analysis strongly suggest that HD29499 (A5m) may actually be
a normal A star: it does not have Ca nor Sc deficiencies and is
only moderately enriched in iron-peak and heavy elements.Its
apparent rotational velocity is around 60 km.s−1which is rather
large for an Am star. Abt & Morrell (1995) have classified
HD29499 as a giant star with metallic lines (A9III) but the
surface gravity we found for HD 29499 suggests that it still be
on the Main Sequence.

4.3. Behavior of the abundances of individual elements

As we have done for the Coma Berenices cluster (see Paper I),
the behavior of the found abundances has been studied versus
apparent rotational velocity (ve sin i) and effective temperature
(Teff). Any correlation/anticorrelation would be very valuable to
theorists investigating the various hydrodynamical mechanisms
affecting photospheric abundances. As we emphasized in Paper
I, the existence of star-to-star variations with fundamental
parameters can be established independently of errors in the
absolute values of the oscillator strengths, since all stars will be

Table 3. Iron abundances comparisons.

Star Reference [Fe/H] [Fe/H]this work

HD24357 BB 0.30 -0.014
HD25102 BB 0.20 -0.075
HD26015 BF 0.10 0.166
HD26345 BF 0.18 0.065
HD26462 BF 0.08 0.016
HD26911 BB 0.27 0.120
HD27383 CCS 0.23 0.082
HD27561 BF 0.16 0.048
HD27848 B 0.16 0.086
HD27991 BF 0.11 0.067
HD28406 BF 0.12 0.088
HD28736 BB 0.13 0.009
HD29225 BB 0.19 0.104
HD30810 CCS 0.16 -0.016
HD31845 BF 0.30 0.128

affected in the same manner.
Second, we have searched whether the abundances of individual
elements correlate with that of iron. We expect the abundances

of Fe, Ti, O, Cr, Mg, Mn, C, Ca and Ni to be fairly reliable

as we synthesized several lines of quality A to D for these

elements. For Y and Zr, several lines are available but their

accuracy is unknown, the abundances of these elements

should therefore be taken with caution. The abundances

of Sr, derived from 2 transitions whose oscillator strengths
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Table 4. Mean abundances and dispersions.

Elements F stars σF (Max-Min)[ X
H

] A stars σA (Max-Min)[ X
H

] Am stars σAm (Max-Min)[ X
H

]

[ C
H

] -0.09 0.16 0.43 -0.15 0.21 0.72 -0.32 0.27 0.71
[ O

H
] -0.03 0.21 0.69 -0.03 0.27 0.93 -0.17 0.30 0.93

[ Na
H

] 0.11 0.18 0.59 0.20 0.20 0.64 0.31 0.23 0.50
[ Mg

H
] 0.03 0.11 0.55 0.15 0.21 0.68 0.18 0.21 0.66

[ S i
H

] 0.29 0.18 0.52 0.35 0.17 0.50 0.39 0.17 0.36
[Ca

H
] 0.12 0.24 0.65 0.02 0.16 0.61 -0.04 0.17 0.55

[ S c
H

] 0.03 0.18 0.82 -0.27 0.49 1.42 -0.69 0.64 1.39
[ Ti

H
] - - - 0.08 0.13 0.48 0.06 0.13 0.48

[Cr
H

] - - - 0.14 0.16 0.60 0.27 0.21 0.42
[ Mn

H
] - - - 0.17 0.12 0.47 0.18 0.13 0.47

[ Fe
H

] 0.05 0.05 0.24 0.19 0.14 0.50 0.29 0.17 0.44
[ Ni

H
] 0.07 0.09 0.40 0.33 0.21 0.65 0.51 0.26 0.39

[ S r
H

] - - - 0.29 0.46 1.33 0.68 0.61 0.58
[ Y

H
] -0.04 0.10 0.28 0.54 0.32 1.18 0.82 0.42 0.57

[ Zr
H

] - - - 0.60 0.41 1.46 0.93 0.53 0.83

have unknown inaccuracies, are likely to be inaccurate.

Abundances are displayed against Teff in the left part of Figs.
8 to 12. Inspection of these figures reveal that there is no sys-
tematic slope (positive nor negative) and that for a large number
of chemical elements, A stars display star-to-star variations in
abundances larger than the typical uncertainty. Table 4 presents
the mean abundance, the standard deviation and maximum
spread for all chemical elements in F, A (normal and Am) and

Am stars. Scatter around the mean value is more important in
A stars than in F stars, namely for C, Na, Sc, Fe, Ni, Sr, Y and
Zr. This behavior was already found in Coma Berenices and the
Pleiades (see Papers I and II).
The abundances of C, O, Mg, Sc, Fe and Y are displayed versus
ve sin i for A, Am and F stars in Fig. 7. For a given element,
there is usually a considerable scatter in abundances at a given
rotation rate. None of the derived abundances in this study
exhibits a clear correlation nor anticorrelation with ve sin i.
Charbonneau & Michaud (1991) have analyzed the effect of
meridional circulation on the chemical separation of elements
in rotating stars. They showed that for stars rotating at less
than ve sin i≤100 km.s−1, no correlation should be expected
between abundances and apparent rotational velocities. This
prediction is verified by our findings (see Fig. 7). Even if
we distinguish two velocity regimes (ve sin i≤100 km.s−1 and
vsini≥100 km.s−1), we fail to find any dependence between the
abundances of any of the 15 chemical elements and the apparent
rotational velocity. Recently, Takeda et al. (2008) have found
that the peculiarities (underabundances of C, O, and Ca) seen
in slow rotators efficiently decrease with an increase of rotation
and almost disappear at ve sin i≥100 km.s−1. We confirm that
for these chemical elements abundance anomalies vanish at
ve sin i≥100 km.s−1.

Carbon and oxygen abundances display large star-to-

star variation in A stars. No clear correlation was found

between the abundances of C or O and [Fe/H]. However,

both [C/Fe] and [O/Fe] are anticorrelated with [Fe/H]. For

the carbon lines used in our study, non-LTE abundance cor-

rections for the A stars (7000 K<Teff<10000 K) are expected

to be negative (Rentzsch-Holm 1996) and do not affect the

Fig. 7. Abundances of C, O, Mg, Sc, Fe and Y versus ve sin i for
A,Am and F stars.

star-to-star dispersion in [C/H]. Non-LTE corrections for

oxygen abundances are negligible in the case of the OI lines

considered here (see Paper I). Carbon and Oxygen tend to

be more deficient in Am stars than in A stars of similar

effective temperatures or rotation rate.

For A stars, sodium abundances appear to be slightly

correlated to the iron abundances as seen in Fig. 8. We found

important star-to-star abundance variations in [Na/H]. In

Fig. 9, the scatter of [Mg/H] for both F and A stars does not

exceed the typical uncertainty (0.20 dex) which suggests that

there are no significant star-to-star variations in magnesium

abundances. As mentioned in Paper I, the MgII λ4481 Å
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Fig. 8. Left panel: Abundances of carbon, oxygen and sodium
versus effective temperature. The dotted line corresponds to the
solar value and the dashed line to the mean value determined
for the F stars of the cluster. Right panel: [C/Fe], [O/Fe] and
[Na/H] versus [Fe/H]. The filled dots correspond to normal A
stars, the open squares correspond to Am stars and the filled di-
amonds correspond to F stars. In the plot representing [Na/H]
versus [Fe/H], the dashed line corresponds to the solar [Na/Fe]
ratio. The error bars in the right panel represent the mean stan-
dard deviation for the displayed abundances.

triplet yields higher abundances than other MgII lines,

therefore we excluded this line from our analysis. The cor-

rected [Mg/H] abundances appear to be slightly correlated

with [Fe/H]. The ratio [Mg/Fe] is close to solar for the A

stars. The silicon lines synthesized in this work have low

quality oscillator strengths and have not been updated for

the recent values of the log g f of the NIST
6

database. The

systematic found overabundances could be due to incorrect

oscillator strengths, therefore the Si abundances should be

viewed with caution. There does not seem to be significant

star-to-star variations in [Si/H].
Calcium abundance does not exhibit real star-to-star vari-

ations neither any clear correlation with repsect to [Fe/H].
Not all Am stars are underabundant in calcium, only two

of the 7 Am stars exhibit large underabundances in Ca.

This result differs from Varenne & Monier’s (1999) findings

because of the use of different microturbulent velocities

and ionisation level as explained in Sec.4.1. In Varenne

& Monier (1999), the derived microturbulent abundances

were larger (up to 5 km.s−1
) that those derived here, leading

to lower abundances of calcium. Star-to-star variations in

scandium abundance are clearly present for A stars (Fig.

10). Scandium is the most scattered of all analyzed elements.

Scandium abundances do not appear to be correlated to

iron abundances for both A and F stars. All Am stars except

6 http://www.nist.gov/

Fig. 9. Left panel: Abundances of magnesium, silicon and cal-
cium versus effective temperature. The dotted line represents the
solar value and the dashed one represents the mean abundance of
F stars. Right panel: [Mg/H], [Si/Fe] and [Ca/H] versus [Fe/H].
The symbols are the same as in Figure 8. The dashed lines rep-
resent the solar ratios.

for HD 29499 are deficient in scandium and fall in the

lower right part of Figure 10. The two stars, HD27962 and

HD28355, for which we confirm the status as Am stars, are

located in that region.

Titanium, chromium and manganese abundances were de-

rived for A stars only since none of the Ti, Cr and Mn lines

observed with AURELIE have oscillator strengths accurate

enough for abundance determinations. There does not seem

to be significant star-to-star variation in [Ti/H], [Cr/H] nor

[Mn/H] for the A stars (Fig.10). The titanium abundances of

the Hyades A stars do not appear to be correlated with the

iron abundances. The chromium abundance appears to be

only loosely correlated to that of iron.

Iron abundances have been derived for all F and A stars

of our sample. Neutral iron lines were used for F stars

yielding a mean abundance of < [Fe/H] >F=0.05±0.05 dex.

This value, which represents the average metallicity of the

cluster, is almost 0.1 dex smaller than the value derived by

Boesgaard & Friel (1990) from a different sample of 14 F

Dwarfs (+0.127±0.022 dex using different FeI lines from

ours). For the 16 A stars, 27 lines of FeII were synthesized.

The normal A and Am stars scatter around their mean

abundance with a maximum spread of about 0.50 dex,

which is more than twice larger than the typical uncertainty

on [Fe/H] is about 0.20 dex. This suggests real star-to-star

variations in [Fe/H] among the Hyades A stars. Nickel be-

haves similarly to iron (see Fig. 11), the A stars display large

star-to-star variations in [Ni/H] and the abundances are

clearly correlated with the iron abundances, the correlation

coefficient being close to 1.

All Am stars appear to be overabundant in strontium. Star-
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Fig. 10. Left panel: Abundances of scandium, titanium and
chromium versus effective temperature. The dotted line repre-
sents the solar value and the dashed one represents the mean
abundance of F stars. Right panel: [Sc/H], [Ti/Fe] and [Cr/H]
versus [Fe/H]. The symbols are the same as in Figure 8. The
dashed lines represent the solar ratios.

to-star variation in [Sr/H] are clearly present. Strontium

abundances are only loosely correlated with that of iron

(right part of Fig. 12). Yttrium and zirconium are found

overabundant in all A stars with a real star-to-star vari-

ations in [Y/H] and [Zr/H] (Figure 12). As for strontium,

yttrium and zirconium abundances are correlated to [Fe/H]
but appear to increase more rapidly than [Fe/H] (slope of 1.8

for Y and 2.1 for Zr).

5. Discussion

5.1. Self-consistent evolutionary models

The derived abundances have been compared to the predic-
tions of recent evolutionary models. These models are calculated
with the Montréal stellar evolution code. The chemical transport
problem is treated with all known physical processes from first
principles, which includes radiative accelerations, thermal dif-
fusion and gravitational settling (for more details see Turcotte
et al. 1998b, Richard et al. 2001 and references therein). These
models follow the chemical evolution of most elements as well
as some isotopes up to Z ≤ 28 (28 species in all). As the abun-
dances change, the Rosseland opacity and radiative accelerations
are continuously recalculated at each mesh point and for every
time step during evolution which means that the treatment of par-
ticle transport is completely self-consistent. The spectra used to
calculate the monochromatic opacities are taken from the OPAL
database (Iglesias et al. 1996). The radiative accelerations are
calculated as described in Richer et al. (1998) with corrections
for the redistribution of momentum from Gonzalez et al. (1995)

Fig. 11. Left panel: Abundances of manganese, iron and nickel
versus effective temperature. The dotted line represents the solar
value and the dashed one represents the mean abundance of F
stars. Right panel: [Mn/H] and [Ni/H] versus [Fe/H]. The sym-
bols are the same as in Figure 8. The dashed lines represent the
solar ratios.

Fig. 12. Left panel: Abundances of strontium, yttrium and zirco-
nium versus effective temperature. Right panel: [Sr/H], [Y/Fe]
and [Zr/H] versus [Fe/H]. The symbols are the same as in Figure
8.
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and LeBlanc et al. (2000). The mixing length parameter and ini-
tial helium abundance (α = 2.096 and Y0 = 0.2779 respectively)
are calibrated to fit the current luminosity and radius of the Sun
(see Turcotte et al. 1998b, model H). Models are evolved from
the pre-main sequence with a solar scaled abundance mix. The
initial abundance ratios are given in Table 1 of Turcotte et al.
(1998b). For the initial mass fraction of metals we used both
Z0 = 0.02, the solar metal content, and Z0 = 0.024 (to represent
the increased metallicity of the Hyades, Lebreton et al. 2001).
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Fig. 13. Comparison of the predicted surface abundances for
stars of 1.8, 2.0 and 2.15 M⊙ with different turbulence prescrip-
tions and different initial metallicities with those derived (de-
picted as diamonds with their respective uncertainties) for the
Am star HD30210 (Teff = 8082 K and log g = 3.92). The gray
symbol for Sc indicates that it is not considered in the evolution-
ary models.

5.1.1. The A stars

The derived abundances in A stars are compared to the pre-
dictions of self-consistent evolutionary models calculated as in
Richer et al. (2000). These models include an arbitrary parame-
ter, the amount of mass mixed by turbulent mixing, in order to
lower the effects of chemical separation and better fit the abun-
dances of AmFm stars. The effect of turbulence is to extend the
mixed mass below the surface convection zone, down to layers
where atomic diffusion is less efficient (ie. where time scales are
longer due to higher local density). A priori, the cause of tur-
bulence is not considered, however it was found to be compat-
ible with rotationally induced turbulence as calculated by Zahn
2005 and Talon et al. 2006. The surface abundances are shown
to depend solely on the amount of mass mixed as well as ini-
tial metallicity. In Figure 13, we compare the predicted surface
abundances for five models with masses of 1.8, 2.0 and 2.15 M⊙
to the observed abundances of the Hyades A2m star HD30210
(Teff = 8082 K and log g = 3.92 dex). The models are shown
for both Z=0.02 and Z=0.024. To help interpret the chosen
nomenclature, the 2.0T5.3D1000-3 corresponds to a 2.0 M⊙ star
for which the abundances are completely homogenized down
to log T = 5.3. Below this point, as we move deeper inside
the star, the turbulent diffusion coefficient DT = 1000 DHe (the
helium diffusion coefficient) decreases as ρ−3 (2.0T5.3D25K-3
would have the same behavior except that the turbulent coef-

ficient DT = 25000 DHe at log T = 5.3). It is clear from the
plot that the amount of prescribed turbulence has an influence on
the surface behavior. The model 2.0T5.3D1000-3 does not suf-
ficiently impeed microscopic diffusion to reproduce most abun-
dances. However, for all other models with greater turbulence,
the predicted carbon and oxygen underabundances are not as
important as the observed anomalies. The predicted slight un-
derabundances of Na, Mg and Si are not observed in HD30210,
but are observed in a few of the Am stars. However the sili-
con abundance is probably too large. The model that best fits
the data is 2.15T5.3D25K-3Z0.024, which has a turbulence pre-
scription which was equivalently able to reproduce the obser-
vations in Coma Berenices (see Figures 14 and 15 of Paper I).
As in Paper I, models with less turbulence roughly replicate the
observations for Z < 12 and the more turbulent models are bet-
ter able to reproduce the heavier elements (Z > 15). The dif-
ferent metallicities do not lead to significant differences in the
predicted abundance patterns, but do have an important effect on
Teff .

5.1.2. The F-type stars

For the F dwarfs, we have compared the found abundances to
the predicted surface abundances for C, O, Na, Mg, Fe and Ni
using Turcotte’s evolutionary models at 620 Myr (Turcotte et
al. 1998a). These models, calculated for masses ranging from
1.1-1.5 M⊙, treat radiative diffusion in detail but do not include
macroscopic mixing processes (meridional circulation, turbu-
lence or mass loss). They show that the effects of atomic dif-
fusion, namely the appearance of surface abundance anomalies,
can be expected in all stars earlier than F5 (M∗ > 1.3 M⊙).
The found mean carbon abundance for F stars, <[C/H]>=-0.09
dex with very small dispersion, does not agree with predicted
underabundance at 620 Myr (log age = 8.79 in Figure 7 of
Turcotte et al. 1998a) and for a 1.4M⊙ star, representative of
the F stars analysed here. The oxygen abundances, which show
large scatter for the F stars, can typically be underabundant by
-0.41 dex or overabundant by up to 0.28 dex for a 1.4M⊙ F star
(roughly an effective temperature of 6700 K at the age of the
Hyades). Again, they do not agree with the predicted surface un-
derabundances [O/H] predicted by Turcotte et al. (1998a). The
predicted solar Na abundances match reasonably well of our de-
terminations for F stars. Magnesium is predicted to be slightly
underabundant (Fig. 7 of Turcotte et al. 1998a), whereas for
most F stars we find overabundances. Finally, iron and nickel
are found to be mildly overabundant in case of F stars with
Teff∈[6600K,6800K] (<[Fe/H]>=0.06 dex and <[Ni/H]>=0.11
dex). These results disagree with the overabundances of 0.5 and
0.8 dex respectively for a 1.4 M⊙. As expected, these purely dif-
fusive models typically predict too little C and O and too much
iron-peak elements.

6. Conclusion

Selected high quality lines in new high resolution échelle spectra
of 16 A and 28 F stars of the Hyades have been synthesized in a
uniform manner to derive LTE abundances, a few of which have
been corrected for Non-LTE effects whenever possible. Even
when binary stars are removed, the abundances of several chem-
ical elements for A stars and early F stars exhibit real star-to-
star variations, significantly larger than for the late F stars. The
largest spreads occur for Sc, Sr, Y, Zr while the lowest are for
Mg, Si and Cr for A stars. Gebran et al (2008) and Gebran &
Monier (2008) had already found similar behaviour in the Coma
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Berenices and the Pleiades. The derived abundances do not de-
pend on effective temperatures nor apparent rotational velocities
as expected since the timescales of diffusion are much shorter
than those of rotational mixing (Charbonneau & Michaud 1991).
The abundances of Cr, Ni, Sr, Y and Zr are correlated with
the iron abundance as was found for the Pleiades and Coma
Berenices. The ratios [C/Fe] and [O/Fe] are anticorrelated with
[Fe/H] (particularily true for normal A stars). Compared to nor-
mal A stars, all Am stars in the Hyades appear to be more de-
ficient in C and O and more overabundant in elements heavier
than Fe but not all are deficient in calcium and/or scandium. The
F stars have nearly solar abundances for almost all elements ex-
cept for Si and Ca. The Blue Straggler HD 27962 appears to have
abundances characteristic of an Am star (scandium deficiency
and enrichment in iron-peak and heavy elements). Conversely
our abundance analysis of HD 29499 (A5m) yields normal abun-
dances in Ca and Sc and only moderate enrichment in iron-peak
and heavy elements suggesting that this star might be a normal A
star. The detailed modelling of the A2m star HD 30210 including
radiative diffusion and different amounts of turbulent diffusion
reproduces the overall shape of the abundance pattern for this
star but not individual abundances. Models with the least tur-
bulence reproduce the abundances of the lightest (Z < 12) and
those with most turbulence reproduce abundances of elements
with Z > 15. For a few elements, the discrepancies between de-
rived and predicted abundances could be due to Non-LTE effects.
However, the inclusion of competing processes such as different
prescriptions of rotational mixing (Zahn 2005) and/or different
amounts of mass loss (Vick et al. , in preparation) could well im-
prove the agreement between observed and predicted abundance
patterns.
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Table 8. continued.

HD30210

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
4932.049 7.730 5330.700 8.210 4668.559 6.470 4390.510 7.860
5052.167 8.120 6155.900 8.207 4982.813 6.910 4481.1 7.792

6156.750 8.207
6158.1 8.204

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λTi log(Ti/H)⋆
5055.984 7.810 5001.479 6.050 4314.083 2.200 4163.644 5.030
5978.930 8.300 4287.873 5.130
6347.110 7.990 4300.042 5.230

4386.844 5.230
4394.059 5.040
4395.051 5.180
4399.772 4.986
4417.714 5.490
4443.801 5.180

λCr log(Cr/H)⋆ λMn log(Mn/H)⋆ λFe log(Fe/H)⋆ λNi log(Ni/H)⋆
4592.049 5.940 4033.062 5.540 4273.326 7.633 4470.472 6.920
4634.070 6.007 4034.483 5.030 4296.570 8.067 4604.982 6.730
4812.337 5.868 4083.628 5.325 4416.830 7.910 5080.528 6.909
5237.329 6.085 4754.042 5.980 4491.405 7.990 5099.927 7.010
5308.440 6.070 4783.427 5.580 4508.288 8.107
5313.590 6.180 4515.339 8.440

4520.224 8.280
4522.634 8.054
4541.524 7.940
4555.890 7.700
4666.758 7.510

λSr log(Sr/H)⋆ λY log(Y/H)⋆ λZr log(Zr/H)⋆
4077.709 3.990 4883.684 3.246 4149.217 3.820
4215.520 3.687 4900.120 3.948 4156.240 4.530

5087.416 3.170 4208.980 3.770
4496.980 3.650

HD30780

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
4932.049 8.570 5330.700 8.918 4668.559 6.640 4390.510 8.080
5052.167 8.320 6155.900 8.900 4982.813 6.067 4481.1 8.000

6158. 8.920

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λTi log(Ti/H)⋆
5055.984 7.980 5001.479 6.417 4314.083 3.800 4163.644 4.935
5978.930 8.270 5019.971 6.640 4324.996 3.330 4287.873 5.165

5285.266 6.650 5031.021 3.123 4300.042 4.710
5239.813 3.580 4386.844 5.230

4395.051 5.320
4399.772 5.360
4417.714 4.940

λCr log(Cr/H)⋆ λMn log(Mn/H)⋆ λFe log(Fe/H)⋆ λNi log(Ni/H)⋆
4592.049 5.980 4034.483 5.374 4273.326 7.330 4470.472 6.620
4634.070 5.807 4083.628 5.415 4296.570 7.670 4604.982 6.730
4812.337 5.790 4754.042 5.400 4416.830 7.860 5080.528 6.160
5237.329 5.360 4491.405 7.610 5099.927 6.530
5308.440 5.760 4508.288 7.670

4515.339 7.670
4520.224 7.630
4522.634 7.890
4541.524 7.720

λSr log(Sr/H)⋆ λY log(Y/H)⋆ λZr log(Zr/H)⋆
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Table 8. continued.

4077.709 2.570 4883.684 2.570 4149.217 2.510
4215.520 2.700 4900.120 2.585 4156.240 2.990

5087.416 2.390

HD32301

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
4932.049 8.510 5330.700 9.338 4668.559 6.700 4390.510 7.540
5052.167 8.350 6155.900 8.890 4982.813 6.210 4427.994 7.660
5380.337 8.614 4481.1 7.997
5793.120 8.560
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λTi log(Ti/H)⋆

5055.984 7.940 5001.479 6.360 4314.083 3.970 4163.644 4.890
5978.930 7.890 5019.971 6.490 4324.996 3.510 4287.873 4.600
6347.110 8.370 5285.266 6.490 5031.021 3.430 4300.042 4.680

5239.813 2.987 4386.844 5.480
5526.790 2.930 4395.051 5.476

4399.772 5.440
λCr log(Cr/H)⋆ λMn log(Mn/H)⋆ λFe log(Fe/H)⋆ λNi log(Ni/H)⋆

4592.049 5.550 4034.483 5.449 4273.326 7.465 4470.472 6.630
4634.070 5.140 4083.628 5.640 4296.570 7.770 4604.982 6.267
4812.337 5.890 4754.042 5.126 4416.830 7.696 5080.528 6.430
5237.329 5.990 4491.405 7.790 5099.927 6.339
5308.440 5.520 4508.288 7.580
5313.590 5.840 4515.339 7.400

4520.224 7.400
4522.634 7.459
4541.524 7.785
4555.890 7.775

λSr log(Sr/H)⋆ λY log(Y/H)⋆ λZr log(Zr/H)⋆
4077.709 3.100 4883.684 2.820 4149.217 2.450
4215.520 2.440 4900.120 2.514 4156.240 2.670

5087.416 2.380 4208.980 2.330

F stars
HD24357

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.515 6154.226 6.600 5528.405 7.520

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5526.790 3.200 5068.766 7.361

5072.076 7.363
5074.748 7.580
5078.972 7.597
5506.779 7.330

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.182
5084.089 6.209
5096.854 6.210

HD25102

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.990 6154.226 6.960 5528.405 7.530

6160.747 6.320
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Table 8. continued.

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5526.790 3.005 5068.766 7.270

5072.076 7.310
5074.748 7.520
5078.972 7.340
5506.779 7.483

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.290
5084.089 6.330

HD26015

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
5052.167 8.710 6155-9 8.780 6154.226 6.400 5528.405 7.428

6160.747 6.250
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5055.984 7.920 5526.790 3.190 5068.766 7.590
5072.076 7.912
5074.748 7.560
5078.972 7.457
5506.779 7.575
6136.615 7.680
6147.835 7.484
6163.544 7.750

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.420 5087.416 2.210
5084.089 6.490
5096.854 6.430
5099.927 6.260

HD26345

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.686 6154.226 6.365 5528.405 7.509

6160.747 6.290
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.120 5068.766 7.499
5072.076 7.350
5074.748 7.552
5078.972 7.570
5506.779 7.656

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.270
5084.089 6.350

HD26462

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.707 6154.226 6.230 5528.405 7.567

6160.747 6.174
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Table 8. continued.

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5526.790 3.145 5068.766 7.400

5072.076 7.420
5074.748 7.470
5078.972 7.596
5506.779 7.490
6136.615 7.480

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.028
5084.089 6.040

HD26911

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
5052.167 8.340 6155-8 8.950 6154.226 6.420 5528.405 7.527

6160.747 6.245
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5055.984 7.867 5019.971 6.189 5031.021 3.011 5068.766 7.860
5526.790 3.151 5072.076 7.408

5074.748 7.549
5078.972 7.501
5506.779 7.580

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.350 5087.416 2.082
5084.089 6.270
5096.854 6.340
5099.927 6.440
6163.418 6.590
6170.567 6.240
6175.360 6.580

HD27383

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.447 6154.226 6.250 5528.405 7.470

6160.747 6.301
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 2.840 5068.766 7.380
5072.076 7.415
5074.748 7.537
5078.972 7.465
5506.779 7.606
6136.615 7.850

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.260
5084.089 6.600
5096.854 6.350

HD27459

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.750 6154.226 6.830 5528.405 7.330

6160.747 6.700
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Table 8. continued.

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5055.984 7.637 5526.790 3.250 5068.766 7.425

5072.076 7.740
5074.748 7.430
5078.972 7.420
5506.779 7.510
6136.615 7.550
6147.835 7.520

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.305 5087.416 2.360
5084.089 6.250
5096.854 6.090
5099.927 6.430
6163.418 6.090
6170.567 6.420

HD27524

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 9.030 6154.226 6.740 5528.405 7.460

6160.747 6.150
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.160 5068.766 7.448
5072.076 7.512
5074.748 7.760
5078.972 7.280
5506.779 7.570

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.420
5084.089 6.240

HD27534

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 9.070 6154.226 6.320 5528.405 7.670

6160.747 6.270
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.280 5068.766 7.340
5072.076 7.400
5074.748 7.607
5078.972 7.565
5506.779 7.530
6136.615 7.525

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 5.960
5084.089 6.539

HD27561

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.750 6154.226 6.340 5528.405 7.506

6160.747 6.240
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.030 5068.766 7.410
5072.076 7.520
5074.748 7.530
5078.972 7.570
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Table 8. continued.

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.110
5084.089 6.450
5096.854 6.237

HD27848

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.730 6154.226 6.245 5528.405 7.604

6160.747 6.285
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.092 5068.766 7.470
5072.076 7.430
5074.748 7.660
5078.972 7.609

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.310
5084.089 6.390

HD27991

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.388 6154.226 6.400 5528.405 7.453

6160.747 6.370
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.170 5068.766 7.463
5072.076 7.460
5074.748 7.510
5078.972 7.690

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.260
5084.089 6.170

HD28363

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.450 6154.226 6.439

6160.747 6.430
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5068.766 7.420
5072.076 7.360
5074.748 7.529
5078.972 7.570
5506.779 7.470
6136.615 7.510

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.027
5084.089 6.350

HD28406

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
5052.167 8.310 6155-8 8.570 6154.226 6.330 5528.405 7.527

6160.747 6.230



21
Gebran et al.: Chemical composition of A and F dwarfs members of the Hyades open cluster,, Online Material p 20

Table 8. continued.

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5055.984 7.900 5019.971 6.590 5031.021 2.970 5068.766 7.499

5021.138 6.257 5526.790 3.062 5072.076 7.800
5074.748 7.390
5078.972 7.410
5506.779 7.580
6136.615 7.700
6147.835 7.499
6163.544 7.509

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.440 5087.416 2.088
5084.089 6.170
5096.854 6.420
5099.927 6.135
6163.418 6.297

HD28556

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.710 5528.405 7.620

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5526.790 3.200 5068.766 7.390

5072.076 7.400
5074.748 7.690
5078.972 7.618
5506.779 7.502

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.174
5084.089 6.380

HD28568

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.970 6154.226 6.800 5528.405 7.583

6160.747 6.317
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.145 5068.766 7.390
5072.076 7.449
5074.748 7.545
5078.972 7.350
5506.779 7.490
6136.615 7.570

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.490
5084.089 5.940
5096.854 6.298

HD28677

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.797 5528.405 7.880
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Table 8. continued.

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5526.790 3.660 5068.766 7.394

5072.076 7.350
5074.748 7.659
5078.972 7.641

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.203
5084.089 6.320

HD28736

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 9.070 6160.747 6.230 5528.405 7.630

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5031.021 3.200 5068.766 7.280

5072.076 7.435
5074.748 7.560
5078.972 7.535
5506.779 7.536

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.260
5084.089 6.330

HD28911

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 9.050 6154.226 6.750 5528.405 7.583

6160.747 6.255
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.160 5068.766 7.436
5072.076 7.398
5074.748 7.570
5078.972 7.700
5506.779 7.460
6136.615 7.456

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.219
5084.089 6.340
5096.854 6.330

HD29169

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.968 6154.226 6.700 5528.405 7.609

6160.747 6.800
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.290 5068.766 7.328
5072.076 7.503
5074.748 7.620
5078.972 7.600
5506.779 7.350

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.120
5084.089 6.260



23
Gebran et al.: Chemical composition of A and F dwarfs members of the Hyades open cluster,, Online Material p 22

Table 8. continued.

HD29225

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
5052.167 8.290 6155-8 8.985 6154.226 6.700

6160.747 6.216
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5055.984 8.010 5019.971 6.313 5526.790 2.920 5068.766 7.462
5072.076 7.610
5074.748 7.520
5078.972 7.630
5506.779 7.600

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.460 5087.416 2.110
5084.089 6.500
5096.854 6.310
5099.927 6.440
6163.418 6.480

HD30034

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.640 6154.226 6.780 5528.405 7.860

6160.747 6.800
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.541 5068.766 7.380
5072.076 7.486
5074.748 7.800
5078.972 7.600
5506.779 7.420

λNi log(Ni/H)⋆ λY log(Y/H)⋆
6154.226 6.780
6160.747 6.800

HD30810

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.730 6154.226 6.320

6160.747 6.340
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5068.766 7.320
5072.076 7.490
5074.748 7.520
5078.972 7.445

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.164
5084.089 6.260

HD30869

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.790 6154.226 6.380

6160.747 6.190

λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆
5068.766 7.400
5072.076 7.360
5074.748 7.600
5078.972 7.410
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Table 8. continued.

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.040
5084.089 6.250

HD31236

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.752 6154.226 6.380 5528.405 7.690

6160.747 6.080
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 3.300 5068.766 7.132
5072.076 7.505
5074.748 7.660
5078.972 7.437

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.321

HD31845

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
6155-8 8.550 6154.226 6.206 5528.405 7.547

6160.747 6.250
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5526.790 2.910 5068.766 7.526
5072.076 7.490
5074.748 7.540
5078.972 7.640
5506.779 7.690
6136.615 7.640

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.480
5084.089 6.320

HD18404

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
5052.167 8.280 6155-8 8.379 6154.226 6.098 5528.405 7.499

6160.747 6.330
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λFe log(Fe/H)⋆

5055.984 7.487 5019.971 6.840 5031.021 2.860 5068.766 7.690
5526.790 3.059 5072.076 7.740

5074.748 7.706
5078.972 7.585
5506.779 7.496
6136.615 7.444
6147.835 7.490
6163.544 7.679
6173.336 7.550
6187.990 7.703
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Table 8. continued.

λNi log(Ni/H)⋆ λY log(Y/H)⋆
5080.528 6.480 5087.416 2.108
5084.089 6.220
5096.854 5.931
5099.927 6.270
6163.418 6.280
6170.567 6.453
6175.360 6.295

Procyon

λC log(C/H)⋆ λO log(O/H)⋆ λNa log(Na/H)⋆ λMg log(Mg/H)⋆
4932.049 8.320 6155.961 8.800 4668.559 6.440 4390.510 7.479
5052.167 8.530 6158.149 8.600 4982.813 6.080 4427.994 7.545
5380.337 8.440 4481.0 7.660
λSi log(Si/H)⋆ λCa log(Ca/H)⋆ λSc log(Sc/H)⋆ λTi log(Ti/H)⋆

5055.984 7.600 4472.050 6.300 4314.083 3.290 4163.644 5.001
5978.930 7.550 5001.479 6.320 4324.996 3.150 4287.873 5.100
6347.110 7.680 5021.138 6.100 5031.021 3.250 4300.042 5.004

4386.844 5.004
4394.059 5.200
4395.051 5.020
4399.772 5.250
4443.801 5.100

λCr log(Cr/H)⋆ λMn log(Mn/H)⋆ λFe log(Fe/H)⋆ λNi log(Ni/H)⋆
4592.049 5.500 4033.062 5.450 4273.326 7.370 4470.472 5.720
4616.629 5.492 4034.483 5.440 4416.830 7.460 4604.982 6.200
4634.070 5.600 4055.544 5.510 4491.405 7.480 5080.528 6.180
4812.337 5.690 4083.628 5.400 4508.288 7.500 5099.927 6.110
5237.329 5.500 4515.339 7.500 5476.904 6.240
5308.440 5.570 4520.224 7.520
5313.590 5.500 4522.634 7.440

4541.524 7.480
4555.890 7.500
4582.835 7.650

λSr log(Sr/H)⋆ λY log(Y/H)⋆ λZr log(Zr/H)⋆
4077.709 3.120 4883.684 2.420 4149.217 2.560
4215.520 3.240 4900.120 2.100 4156.240 2.840

5087.416 2.380 4161.210 2.800
5200.406 2.300 4208.980 2.600

4496.980 2.750
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Abstract. Self-consistent stellar models including all effects of atomic diffusion and

radiative accelerations as well as mass loss are evolved from the pre main sequence for

stars of 1.35-1.5 M⊙ at solar metallicity (Z=0.02). A mass loss rate similar to the solar

mass loss rate is sufficient to reproduce observations of the star τUMa. We discuss the

effect of mass loss on the iron convection zone that naturally appears beneath the main

hydrogen convection zone of these stars. We also find that the effects of mass loss can

be distinguished from those caused by turbulence, but are nevertheless able to explain

the particularities of the AmFm phenomenon.

Key words: Stars: abundances – Stars: evolution – Stars: atomic diffusion – Stars: mass

loss

1. Introduction

Since 1970 it is generally agreed that atomic diffusion driven by radiative accelerations

plays a role in creating the anomalous surface abundances of F, A and B stars (Michaud

1970). However, some 40 years later, many questions remain as to the exact behavior

of many physical processes within the stable envelopes of these stars. In fact, for Fm

stars, two competing scenarios which have each had their share of success are presently

being confronted to observations. The “classical” scenario Watson (1971) suggests that

separation occurs below the H-He convection zone. In this framework, models which

only consider atomic diffusion without extra mixing generate predicted anomalies that

are 3-5 times larger than the ones observed (Turcotte et al. 1998), thus implying that

there is at least one competing process that slows the effects of separation. This lead

to more recent models (Richer et al. 2000, Richard et al. 2001) in which turbulence

enforces mixing down to about 200 000 K. In these models, it is implied that separation

occurs deeper in the star.

Like turbulence or rotation, mass loss is another macroscopic process that can re-

duce inhomogeneities on the surface of these stars. However, until now, only static

stellar models have included the effects of mass loss (Michaud et al. 1983, Alecian

1996 for Ca and LeBlanc et Alecian 2007 for Sc) with the latter paper showing that the

actual depth at which separation occurs is still uncertain.

http://arxiv.org/abs/0801.2122v1
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With self-consistent models of Fm stars (6500 K≤Teff ≤ 7000 K) we will show that

mass loss can reduce predicted abundances to the observed levels. The first aim is to see

to what extent observations can constrain the importance of mass loss and if its effects

can be deciphered from the ones encountered with turbulence. We will also discuss the

implications of our models on the depth of chemical separation.

2. Evolutionary Models

The following is a continuation of the Montreal stellar model development project

(Richard et al., 2001 and references therein). The evolutionary calculations take into

detailed account the time-dependent variations of 28 chemical species and include all

effects of atomic diffusion and radiative accelerations. These are the first fully self-

consistent stellar models which include mass loss. Models were calculated for 1.35 M⊙,

1.40 M⊙,1.45 M⊙ and 1.50 M⊙. All models have evolved from the homogeneous pre-

main sequence phase with a solar metallicity (Z=0.02). The mass loss rates considered

varied from 1× 10−14M⊙yr−1 to 3× 10−13M⊙yr−1. The mass loss is considered spher-

ical, chemically homogeneous and weak enough not to disturb burning in the core or

stellar structure. The net effect is the appearance of an outward flowing wind which is

represented as an advection term in the transport equation. Due to numerical instabili-

ties resulting from very large advection velocities in the surface convection zone, some

adjustments must be made in order to avoid convergence problems. The method is well

described in Charbonneau (1993). The transport equation then becomes:

ρ
∂c

∂t
= −∇ · [ − ρD∇ ln c + ρ(U + Uw)c]

+ρ(S nuc + S w)c, (1)

with a Neumann condition (no flux) imposed at the surface and with Uw and S w defined

as:

Uw =

{

wwêr under the SCZ,

0 in the SCZ;
(2)

S w =

{

0 under the SCZ,
Ṁ
MZC

in the SCZ.
(3)

Here, c is the time and depth dependent concentration, ρ is density, D is the total dif-

fusion coefficient, U is the total velocity field, Uw is wind velocity, MCZ is the mass

of the SCZ, Ṁ is the mass loss rate, S nuc is a source/destruction term linked to nuclear

reactions and S w is a destruction term linked to mass loss.

3. The Effects of Mass Loss on Surface Abundances

One of the effects of mass loss is to drag elements which tend to sink. Because the diffu-

sion velocity must be greater than the wind velocity for separation to occur, the greater
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Figure 1. Evolution of surface abundances (4He, Li, Ca and Fe) for 1.4 M⊙ models with different mass loss

rates as well as with atomic diffusion only. It is clear that a slight change in the mass loss rate can have an

important effect on abundance anomalies.

the mass loss the deeper we have to look to see any effects of separation. On the other

hand, elements which are naturally supported by the radiation field will be pushed into

the surface convection zone and evacuated through the stellar surface. As seen in Figure

1, models in which only atomic diffusion is included lead to larger surface abundances

anomalies than in the presence of mass loss. For instance, after 0.8 Gyr of evolution

predicted anomalies (in terms of the original abundance) for the plotted elements are

respectively, without mass loss and with a mass loss rate of 5× 10−14M⊙yr−1, ×0.2 and

×0.3 for Li, ×0.25 and ×0.3 for Ca, ×4 and ×1.5 for Fe. We also see that for the given

stellar mass, a mass loss rate of 5× 10−14M⊙yr−1 is sufficient to reduce anomalies by

a factor of 1.5 to 3, and a mass loss rate of 3× 10−13M⊙yr−1 practically flattens the

surface abundances.

3.1. The 1.5M⊙ models

The 1.5 M⊙ model is particularly interesting because it corresponds to the minimum

mass at which iron accumulation due to the spatial distribution of its radiative acceler-

ation causes the appearance of a convection zone (Figure 3, left panel). As mentioned

above, recent evolutionary models (Richer et al. 2000, Richard et al. 2001 and Michaud

et al. 2005) have successfully reproduced observations by considering that turbulence

homogenizes abundances from the surface down to a temperature that corresponds to

the bottom of this iron convection zone (logT = 5.3). Therefore, in this context, sepa-
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Figure 2. Observed surface abundances of τUMa (diamonds) compared to 1.5 M⊙ models at 500 Myr.

Scandium is not include in our calculations. Models with mass loss are designated by their respective rate

(e.g 1.0E-14→1× 10−14M⊙yr−1).

ration must take place deeper than the classical model in which separation occurs above

this convection zone. Both of these scenarios have been tested with mass loss.

In Figure 2 we have compared 6 different models of 1.5 M⊙ to the observed abun-

dances of the star τUMa (Hui-Bon-Hoa 2000) from the Ursa Major moving group

which has an age of approximately 500 Myr (Monier 2005) and Teff∼ 7000 K (van’t

Veer-Menneret et Mégessier 1996). There are 4 models in which separation is allowed

immediately below the H-He convection zone (3 mass loss models, and one diffusion

only model), as well as 2 models in which mixing was enforced to logT = 5.3 or

deeper (which is the case for the turbulence model).

It appears from the plot that the two models which best fit the data are the turbulence

model as well as the model with a mass loss rate of 1× 10−14M⊙yr−1 with enforced

mixing down to the bottom of the Fe convection zone. However the model with a

mass loss rate of 2× 10−14M⊙yr−1 and without any turbulent mixing does very nearly

as well. We also see that the model with the mass loss rate 1× 10−14M⊙yr−1 without
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Figure 3. Evolution of convection (black) and semiconvection (gray) zones in two 1.5 M⊙ models

(1× 10−14M⊙yr−1 [right]; 2× 10−14M⊙yr−1 [left]). In the left panel, we see that an Fe convection zone devel-

ops under the main H-He convection zone. In the right panel, this convection zone does not appear because

the stronger wind flattens the opacity spike due to Fe accumulation which is responsible for the Fe convection

zone.

homogenized abundances between convection zones can reproduce quite effectively 3

of the 5 observed abundances. It would therefore be premature to rule out the validity

of the classical scenario in the context of mass loss. As we can see in the same plot,

observations between Al and Ar would help in identifying if the zone between the H-

He and Fe convections zones is mixed. Another important result is that turbulence and

mass loss models have noticeable element to element differences which is necessary

if we wish to eventually constrain the importance of both these processes. Finally, the

models with the mass loss rate of 10−13M⊙yr−1 flatten the abundance profiles in such a

way that they can no longer reproduce observations (see also Cayrel et al. 1991).

4. Conclusions

Our results seem to suggest that the scenario in which separation is to take place at

T ∼ 2 × 105 K in Fm stars must be favored over the classical scenario. In this frame-

work, a mass loss rate of the order of the solar mass loss rate is able to reduce predicted

anomalies to the observed abundances of τUMa. However, it is too early to eliminate

the possibility of separation below the H convection zone. Abundance determinations

between Al and Ar could help distinguish between these two regimes. It is also shown

that turbulence and mass loss affect anomalies differently, though the discrepancy is

slight in the models shown. Once again, more observations are required to further con-

strain these two mechanisms. More massive models in the Teff range where observa-

tions are not as scarce are also needed. They are currently being calculated. In any

case, it is shown that reasonable mass loss rates can effectively reduce the anomalies

predicted by atomic diffusion models to the observed levels.
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Abstract. Although chemical separation is generally accepted as the main physical process

responsible for the anomalous surface abundances of AmFm stars, its exact behavior within the

interior of these stars is still uncertain. We will explore two hydrodynamical processes which

could compete with atomic diffusion: mass loss and turbulence. We will also discuss the extent

to which separation occurs immediately below the H convection zone as well as the extent to

which separation occurs below 200,000 K. To do so, self-consistent stellar models with mass

loss and turbulence where calculated using the Montreal stellar evolution code and compared

to observations of A and F stars. It is shown that to the precision of observations available for

F stars, a mass loss rate of 2×10−14
M⊙ · yr−1 is compatible with observations and that no

turbulence is then required.

Keywords. stars: evolution, stars: abundances, stars: mass loss, turbulence

1. Introduction

On the main sequence, most if not all slowly rotating and non magnetic A and early
type F stars are believed to have anomalous surface abundances. These chemically pe-
culiar stars are classified as AmFm stars (Preston 1974) and typically have observed
underabundances of CNO, Sc and Ca as well as overabundances of iron peak elements
and rare earths (see Cayrel, Burkhart, & Van’t Veer 1991). In these stars, the surface
convection zone is sufficiently shallow for the effects of a relatively slow processes such
as atomic diffusion to manifest itself at the the stellar surface. More efficient processes,
such as convective, rotational or turbulent mixing as well as large scale processes such
as mass loss can slow the effects of atomic diffusion, thereby reducing surface abundance
anomalies. In order to quantitatively reproduce observed surface abundances, models
with atomic diffusion must consider one of these aforementioned inhibiting processes in
order to reduce predicted anomalies which are larger (by a factor of 2-5) than those
observed (Turcotte, Michaud, & Richer 1998).

In Richer, Michaud, & Turcotte (2000), diffusion models which include turbulent mix-
ing are able to reproduce the observed surface abundance anomalies for AmFm stars of
many open clusters. These same models have also successfully explained observed abun-
dances in Pop II (Richard, Michaud et & Richer 2005, Korn et al. 2006) and horizontal
branch stars (Michaud, Richer, & Richard 2007, Michaud, Richer, & Richard 2008). In
the AmFm models as well as the Pop II models, mixing is enforced in such a way that
chemical separation occurs deeper than 200,000K. Around this temperature, an iron
convection zone naturally appears for models of at least 1.5M⊙ (this also depends on
the amount of mixing which tends to suppress it). In contrast, another explanation for

1
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AmFm stars suggests that chemical separation is to occur below the surface convection
zone (SCZ). Both these scenarios will be discussed.

The effects of mass loss on the surface abundances of these stars have also been previ-
ously investigated by Michaud et al. (1983), Michaud & Charland (1986) , Alecian (1996)
and Leblanc & Alecian (2008). However, a further investigation is warranted since these
studies analysed static stellar models which included a limited number of elements.

In the following we will look at the effects of mass loss and turbulence both at the
surface and within the stable radiative zone of these stars. We will start by detailing
our models as well as our treatment of mass loss. The following sections will look at the
effects of mass loss and turbulence on abundances.

2. Stellar Evolution Models

These 1D stellar evolution models were calculated as described in Turcotte et al.
(1998b) (see also Richard, Michaud, & Richer 2001 and references therein). Models were
evolved from the homogeneous pre-main sequence up to the bottom of the sub giant
branch with the abundance mix listed in Table 1 of Turcotte et al. (1998b). Radiative
accelerations are calculated at each time step and at each mesh point for 28 chemical
species. The atomic data is taken from the OPAL database (Iglesias & Rogers 1996). The
Rosseland mean opacity is also continuously updated which means that the treatment
of chemical transport is completely self-consistent. The corrections for redistribution of
momentum are from Gonzalez et al. (1995) and LeBlanc, Michaud & Richer (2000). The
atomic diffusion coefficients are taken from Paquette et al. (1986). Semi-convection is
included as described in Richard et al. (2001), following Kato (1966), Langer, El Eid &
Frick (1985) and Maeder (1997). The Krishna-Swamy T − τ relation (Krishna-Swamy
1966) is used as the boundary condition in the atmosphere. The corresponding value of
the mixing length parameter, which is calibrated to fit the radius and luminosity of the
Sun is α = 2.096 (model H of Turcotte et al. (1998b)) with the initial mass fraction of
He set to Y0 = 0.27769. Models were calculated from 1.30 M⊙ to 1.55 M⊙, with mass loss
rates ranging from 10−14 to 10−12.

3. Treatment of Mass Loss

The mass loss is assumed spherical and chemically homogeneous. In the presence of
mass loss, mass conservation results in the appearance of an outward flowing wind ex-
pressed as:

vw = −
Ṁ

4πr2ρ
(3.1)

where Ṁ < 0 since we are dealing with mass loss. In order to avoid numerical instabilities,
the wind velocity is included as discussed in Charbonneau (1993). The resulting transport
equation is:

ρ
∂c

∂t
= −∇ · [ − ρD∇ ln c + ρ(U + Uw)c]

+ρ(Snuc + Sw)c, (3.2)

with a Neumann condition imposed at the surface and with Uw and Sw defined as:

Uw =

{

vwêr under the SCZ,
0 in the SCZ;

(3.3)
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Figure 1. Radiative accelerations of O, Fe and Ni and gravity for two models of different masses
at 500 Myr. The number on the right of the left W in the model name indicates the mass and
the num,ber on the right is the mass loss rate in M⊙ · yr−1.The vertical lines show the position
of the hydrogen-helium surface convection zone for the respective models.

Sw =

{

0 under the SCZ,
Ṁ

MZC
in the SCZ.

(3.4)

Here, c is the time and depth dependent composition, ρ density, D the total diffusion
coefficient, U the total velocity field, Uw wind velocity, MCZ the mass of the SCZ, Ṁ
the mass loss rate, Snuc a source/destruction term linked to nuclear reactions and Sw a
destruction term linked to mass loss. The mass of the star is also continuously updated
so that all quantities which depend on stellar mass are correctly calculated.

4. Internal structure

The anomalous surface abundances of AmFm stars are the result of chemical transport
below the surface convection zone which is modulated by the competition between gravity
and radiative accelerations. In Figure 1 we see how radiative accelerations and gravity
varie with the mass coordinate for three models of different masses (1.40 M⊙, 1.50 M⊙)
with a mass loss rate of 10−14. When g is always greater than grad, the element will tend
to sink toward the interior of the star, thus creating an underabundance at the surface, as
is the case for oxygen. On the other hand, when an element is supported by the radiative
field throughout most of the stellar interior (and more importantly below the surface
convection zone), we can expect an overabundance of that element at the surface (as for
Ni). In other cases, elements accumulate where g ∼ grad. The abundance at the surface
will be determined by the position of this accumulation and the bottom of the surface
mixing zone (which in the presence of turbulence is an extension of the SCZ), since the
material at its base is the mixed to the surface. For the 1.50M⊙ model, grad(Fe) dips
below gravity just under the surface convection zone which causes an accumulation of
iron in that region. This accumulation triples the local metal content, which leads to an
increase of opacity and the appearance of an iron convection zone (which can be seen in
the abundance profiles: the plateau between log ∆M/M∗ = 6−7 shows the homogenized
abundances due to this convection zone).

In Figure 2, we see the effect of turbulence and mass loss on the abundances pro-
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Figure 2. Abundance profiles for 4 models with turbulence and/or mass loss at 500 Myr.
In the model name, T is the log of the temperature down to which abundances are completely
homogenized by turbulence and D is the coefficient multiplying the turbulent diffusion coefficient
(see Richer et al. 2000). The dip in lithium around log ∆M/M∗ = −2 is due to nuclear burning.
Some numerical noise appears in the Ca profile for the 1.5W2e14 model.

files. For all models, we see that at 500 Myr, chemical separation implies the outer
10−4

M∗. In the models with mass loss only (1.5W1e-14 and 1.5W2e-14), separation is
allowed to occur immediately below the surface convection zone. In models with turbu-
lence (1.5W1e-14T5.3D10 and 1.5T5.3D400), abundances are mixed down to log T = 5.3,
which corresponds to log ∆M/M∗ ∼ -6. The only model which leads to an iron convection
zone is the model with a mass loss rate of 10−14

M⊙ ·yr−1 with no additional turbulence.
This model does not generate an advective current which is strong enough to push the
accumulation of iron into the surface convection zone. This also leads to a surface iron
abundance which is close to its original value. However, if the wind is twice as strong
(2×10−14

M⊙ · yr−1, the solar value) the iron spike is weakened and pushed toward the
surface.

5. Surface Abundances

In Figure 3, we compare surface abundances for a 1.50M⊙ model with observed abun-
dances of τUMa (Hui-Bon-Hoa 2000) which has an age of approximately 500Myr (Monier
2005) and Teff∼ 7000K (van’t Veer-Menneret & Mégessier 1996). We tested 2 scenarios:
chemical separation below 200,000K (right panel) and the scenario in which separation
occurs immediately below the surface convection zone. At this age, the surface convection
zone is composed of both hydrogen and helium since helium has not yet settled gravi-
tationally. We see that both turbulence and mass loss can effectively reduce the surface
abundances to the observed levels. The model with the solar mass loss rate (1.5W2e14)
leads to a very good agreement with the data. The model with both mass loss and tur-
bulence (1.5W1e-14D5.3D10) leads to the best fit . The mass loss rate of 10−13

M⊙ ·yr−1

is too strong to reproduce the observations.
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Figure 3. Observed surface abundances of τUma (diamonds) compared to 1.50 M⊙ models. The
abundance of Sc is shown, but is not calculated in our models. [left panel] Chemical separation
occurs immediately below the surface convection zone. The models have mass loss only.[right
panel] Chemical separation occurs below 200,000 K.

6. Conclusions

With a mass loss rate of the order of the solar mass loss rate we can successfully repro-
duce the observed abundance anomalies of τUMa. We also find that with sufficiently weak
winds and no turbulence, an iron convection zone naturally appears in 1.50M⊙ models.
However, for these models the surface abundance of Fe does not match the observed
abundance. It is also shown that mass loss and turbulence affect abundances differently
(at the surface and in the interior). It is thus possible that sufficiently precise abundance
determinations could constrain the relative importance of each process. This being said,
models of greater mass, where abundance determinations are more abundant, would also
help in this venture. These are presently being calculated. It is still premature to favor
either of the two proposed scenarios as both offer models that are able to adequately
reproduce observations within the given errors.
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Abstract. Self-consistent stellar models including all effects of atomic diffusion and ra-
diative accelerations as well as mass loss are evolved from the pre main sequence for stars
of 1.3-1.5 M⊙ of solar metallicity (Z=0.02). By including homogeneous mass loss in these
models we determine that mass loss rates similar to the one measured on the surface of the
Sun can effectively reduce the predicted surface abundance anomalies from purely diffusive
models of Fm stars. By comparing our models with the star τUMa we find that observations
can be reproduced. We also find that the effects of mass loss can be distinguished from
those of turbulence, but are nonetheless able to explain the particularities of the AmFm
phenomenon.

Key words. Stars: abundances – Stars: evolution – Stars: atomic diffusion – Stars: mass
loss

1. Introduction

This is a continuation of the Montreal stellar
model development project (Richard, Michaud
& Richer 2001 and references therein). Fm
stars (6500 K≤ Teff ≤ 7000 K) are at the lower
Teff limit of the Ap, Bp and Am star phe-
nomenon for which atomic diffusion leads
to surface abundance anomalies. They are
Population I stars that are non-magnetic
(Landstreet 1982) and slowly rotating (v sin i <

100 kms−1, Abt 2000). Prior studies (Turcotte,
Michaud & Richer 1998a) have shown that
stellar models in which only atomic diffusion
is considered predict anomalies that are 3 to 5
times larger than the anomalies observed. This

Send offprint requests to: M. Vick

suggests that there is at least one competing
hydrodynamical process that reduces the ef-
fects of atomic diffusion. These processes in-
clude turbulence (Richard et al. 2001, Richer,
Michaud & Turcotte 2000), meridional circula-
tion (Charbonneau & Michaud 1991) and mass
loss (Michaud et al. 1983, Alecian 1996 for
Ca). The aim is to see to what extent observa-
tions can constrain the importance of mass loss
and if its effects can be deciphered from those
encountered with turbulence.

2. Evolutionary models

The evolutionary calculations take into de-
tailed account the time-dependent variations
of 28 chemical species and include all effects
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of atomic diffusion and radiative accelerations
(for further details on the code see Richard
et al. (2001). These are the first fully self-
consistent stellar models which include mass
loss. Models were calculated from 1.30 M⊙
to 1.50 M⊙ in 0.05 M⊙ increments. All mod-
els have evolved from the homogeneous pre-
main sequence phase with a solar metallicity
(Z=0.02). The mass loss rates considered var-
ied from 1× 10−14M⊙yr−1 to 3× 10−13M⊙yr−1.
Mass loss is assumed spherical, chemically ho-
mogeneous and weak enough not to disturb
burning in the core or stellar structure. The
main effect is the appearance of an outward
flowing wind which is represented as an advec-
tion term in the transport equation. Due to nu-
merical instabilities resulting from very large
advection velocities in the surface convection
zone, some adjustments must be made in order
to avoid convergence problems. The method
is well described in Charbonneau (1993). The
transport equation then becomes:

ρ
∂c

∂t
= −∇ · [ − ρD∇ ln c + ρ(U + Uw)c]

+ρ(S nuc + S w)c, (1)

with a Neumann condition (no flux) imposed
at the surface and with Uw and S w defined as:

Uw =

{
wwêr under the SCZ,
0 in the SCZ; (2)

S w =

{
0 under the SCZ,

Ṁ
MZC

in the SCZ. (3)

Here, c is the time and depth dependent con-
centration, ρ is density, D is the total diffusion
coefficient, U is the total velocity field, Uw is
the wind velocity, MCZ is the mass of the sur-
face convection zone, Ṁ is the mass loss rate,
S nuc is a source/destruction term linked to nu-
clear reactions and S w is a destruction term
which models mass loss (Charbonneau 1993).

3. Results and discussion

3.1. The 1.5 M⊙ models

In Figure 1 (left panel) we have compared
our models of 1.5 M⊙ to the observed abun-
dances of the star τUMa (Hui-Bon-Hoa 2000)

from the Ursa Major moving group which
has an age of approximately 500 Myr (Monier
2005) and Teff∼ 7000 K (Van’t Veer-Menneret
& Mégessier 1996). The are six models shown:
a strong turbulence model (taken from Richard
et al. 2001), 3 models with mass loss only, one
model with mass loss and extra mixing imme-
diately below the surface convection zone as
well as one model with atomic diffusion only.
As seen in Figure 1 (right panel), a iron convec-
tion zone naturally appears below the surface
H-He convection zone for models with small
mass loss (1× 10−14M⊙yr−1).

We see that the model with a mass loss
rate of 2× 10−14M⊙yr−1 (the solar mass loss
rate) can reproduce quite effectively 3 of the 5
observed abundances. However, if we assume
that the abundances are homogenized between
the Fe and H-He convection zones (i.e. with
extra mixing), the model with 1× 10−14M⊙yr−1

becomes the best fit, better than the model with
strong turbulence. The models with stronger
mass loss rates flatten the abundance profiles
in such a way that they can no longer repro-
duce observations. Also, the internal structure
of the star changes as the mass loss rate in-
creases due to the fact that the opacity maxi-
mum due to Fe and Ni accumulation is prac-
tically eliminated by the strong advective cur-
rent (Figure 1 (right panel)). Finally, it is im-
portant to note that turbulence and mass loss
models have noticeable element to element dif-
ferences. Moreover, the 1× 10−14M⊙yr−1 mod-
els with and without seperation show large dif-
ferences between Ar and Al.

4. Conclusions

With a mass loss rate of the order of the solar
mass loss rate, we can succesfully reproduce
the observed abundances of τUMa. It is shown
that turbulence and mass loss affect anoma-
lies differently, though the discrepancy is slight
in the models shown. Nevertheless, it is pos-
sible to constrain the relative importance of
the two processes, if accurate enough observa-
tions are available. In particular, observations
between Ar and Al would help in that regard
as they could distinguish between models with
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Fig. 1. [left panel] Observed surface abundances of τUMa (diamonds) compared to 1.5 M⊙ models at 500
Myr. Scandium is not include in our calculations. Models with mass loss are designated by their respective
rate (e.g 1.0E-14→1× 10−14M⊙yr−1). [right panel] Comparison of internal abundance profiles and radiative
accelerations (cm s−2) of Fe, Rosseland opacity (cm2 g−1) and the difference between the radiative and
adiabatic temperature gradients at 61.5 Myr and 300 Myr for two 1.5 M⊙ models having different mass
loss rates. The accumulation of Fe caused by the space distribution of its radiative acceleration causes a
convection zone only in the smaller mass loss model.

or without separation between the Fe and H-He
convection zones. More massive models in the
Teff range where observations aren’t as scarce
are also needed. They are currently being cal-
culated. In any case, it is shown that reason-
able mass loss rates can effectively reduce the
anomalies predicted by atomic diffusion mod-
els to the observed levels.
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